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Preface

This book deals with the chemical evolution of galaxies. The term chemical
evolution is immediately associated with Beatrice Tinsley, who greatly contributed
to this important astrophysical field. Simultaneously with R.J.Jr. Talbot and D.W.
Arnett, she developed a formalism that allowed us to explore galaxy evolution from
the point of view of element production and distribution inside and outside galaxies.
During the Big Bang, only light elements (H, D, He, and Li) were produced and all
the heavier ones (from carbon to the heaviest) originated in stars. The history of star
formation is one of the main drivers of chemical evolution since the number of stars
formed (the star formation rate) and the distribution of stars as a function of their
mass (the initial mass function) are regulating the rate of chemical enrichment at
any cosmic time. Then, the stellar evolution and nucleosynthesis provides us with
fundamental information about element production and their restoration into the
interstellar medium. As time passes, more and more stellar generations succeed
one another and the new ones form out of gas enriched in heavy elements by the
previous generations. This is the process we call chemical evolution. Bernard Pagel
also greatly contributed to the study of galactic chemical evolution, first of all as a
careful and experienced observer and also by modeling chemical evolution, with a
preference for analytical models, whose results are easier to understand than those
of numerical models. However, numerical models became necessary to follow the
evolution of single chemical elements produced by stars in different mass ranges and
by different nucleosynthetic processes. The hypothesis of instantaneous recycling,
which allows us to solve analytically the chemical evolution equations, assumes
that the stellar lifetimes are negligible and that all stars restore their processed and
unprocessed material instantaneously. While this hypothesis can still be acceptable
for those chemical elements which are produced on very short timescales compared
to the age of the Universe (massive stars), it is a very poor assumption for those
elements restored into the interstellar medium on timescales ranging from several
hundred million to billion years. One such element is iron, which is used as the
main tracer of the “metallicity” (i.e., the sum of the abundances of all the elements
from carbon and heavier) in stars. We believe now that most of the iron is produced
in longer living stars such as those which end their lives as carbon–oxygen white
dwarfs. Adopting the instantaneous recycling approximation implies that the ratio of
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viii Preface

every two chemical elements, such as oxygen and iron, would be constant across the
life of the Universe. As we will see, this is not the case for many pairs of elements,
in particular for oxygen and iron.

The topic of galactic chemical evolution is a highly challenging one since it
involves many physical processes that we have not yet fully understood. One of the
most common criticisms of the chemical evolution models is that they contain too
many free parameters. This is true, but my answer to this criticism has always been
that what matters is the number of observational constraints that we can reproduce:
in fact, this number should be much larger than the number of free parameters.
Besides the star formation history and stellar nucleosynthesis, the important pro-
cesses regulating the chemical evolution of galaxies are the feedback between
supernovae and the interstellar medium, namely, the transfer of energy from stars to
the interstellar gas, and the gas flows which can be entering or leaving galaxies. The
balance between all of these processes will eventually determine the metal content
and the abundance patterns we observe in stars and gas. The interpretation of the
behavior of abundance ratios in galaxies is one of the main topics of this book
and it is based on the different roles played in the chemical enrichment by stars
with different lifetimes which produce different elements. For example, oxygen is
produced mainly in core-collapse supernovae emanating from short-lived massive
stars, whereas iron is mainly produced in thermonuclear supernovae (Type Ia),
which are believed to originate from white dwarfs in binary systems which can
evolve over long timescales. The difference in the timescales for element production
produces the observed abundance patterns; this interpretation is known as “time-
delay model.” On the basis of the time-delay model we can try to estimate the nature
and the ages of high redshift objects of unknown morphology, just by analysing their
observed abundances and abundance ratios. In general, models of galactic chemical
evolution can be helpful in constraining both stellar nucleosynthesis and galaxy
formation mechanisms. For example, the study of the abundance gradients along
the thin disk of the Milky Way leads us to suggest the disk formed inside-out, a
mechanism which should be shared also by other spiral disks.

Many researchers have contributed in the last 30 years to the understanding of
galactic chemical evolution. Many of them are quoted in this book. I apologize to
those researchers who have not been mentioned, but the number of references in a
book should be smaller than in research articles and, therefore, I have made an effort
of constrain the number of citations.

The organization of this book is as follows.
In Introduction, I discuss the concept and definition of chemical abundances

starting from the abundances derived for the Sun. Then, I describe the main stellar
populations in our Galaxy, characterized by their chemical and kinematical prop-
erties. The Hubble sequence of galaxies is presented and a possible interpretation
of this sequence in terms of different star formation histories is attempted. Some of
the main observables in galaxies are reviewed and, finally, different methodological
approaches to modeling galaxy evolution, are described.

Chapter 2 deals with the basic ingredients for constructing models of chemical
evolution. They are: (1) the initial conditions, (2) the star formation history, (3) the
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stellar evolution and nucleosynthesis, the so-called stellar yields, and (4) the gas
flows.

In Chap. 3, I present several analytical solutions to models assuming instanta-
neous recycling approximation and refer to these models as “simple models.” The
various solutions are critically discussed.

Chapter 4 contains the complete equations of chemical evolution which can be
solved only numerically. Recipes for the various ingredients are given. I show how
to compute the supernova and nova rates in galaxies. Finally, I describe possible
methods of solution for the basic equations.

Within Chap. 5, the chemical evolution of the Milky Way is studied in detail. The
comparison between model results and observations is used to impose constraints
on the mechanisms of formation of the different components: halo, thick disk, thin
disk, and bulge. At the end of this chapter, some considerations on the chemical
evolution of other spirals of the Local Group are presented.

I describe in Chap. 6 the chemical evolution of spheroids, in particular, ellipticals,
bulges, and dwarf spheroidals. The connection between ellipticals and quasars is
also discussed.

In Chap. 7, I present the chemical evolution of irregular galaxies, including the
Magellanic Clouds and the blue compact galaxies, and their connection to damped
Lyman-˛ systems.

Finally, in Chap. 8, I introduce the so-called cosmic chemical evolution, namely,
the evolution of a comoving unitary volume of the Universe, where galaxies of all
types are present. The methods and the results obtained so far are discussed. The
subject of the cosmic star formation rate as well as the cosmic gamma-ray burst rate
is touched upon.

This book is aimed at graduate students and young researchers who want to
enter in the field of modeling galactic chemical evolution and try to understand the
complex processes governing galaxies through comparing observations and model
results. Other similar books already exists, they are “Nucleosynthesis and Chemical
Evolution of Galaxies” by Bernard Pagel (1997) and “The Chemical Evolution of
the Galaxy” by myself (2001).

I want to warmly thank many people who have helped me in producing this book.
In particular, I would like to mention my collaborators who have greatly contributed
to the material presented in this book: Francesco Calura, Gabriele Cescutti,
Cristina Chiappini, Annibale D’Ercole, Brad Gibson, Gustavo Lanfranchi, Monica
Marcon-Uchida, Antonio Pipino, Simone Recchi, Donatella Romano, Emanuele
Spitoni, Monica Tosi, and Jun Yin. I am also indebted to some of my students
who read extremely carefully the manuscript finding typos and repetitions that
I would never have found, they are: Valentina Grieco, Shaji Vattakunnel, and
Luca Vincoletto. A special thanks go to my husband John Danziger, who patiently
improved the English of some Chapters.

Trieste, Italy Francesca Matteucci
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Chapter 1
Introduction

Models of galactic chemical evolution study how the chemical elements have
formed and dispersed in the Universe. During the Big Bang, only light elements,
such as hydrogen (H), deuterium (D), helium (He), and a very tiny fraction of
lithium (7Li) were formed, while all the other elements from carbon to uranium
and beyond were formed inside the stars. The chemical elements and their isotopes
are characterized by their mass number (A), namely, the sum of the protons and
neutrons composing their nuclei. So, when we write 7Li, it means that A D 7 for
Li. Elements with A D 5 and A D 8 do not exist because they would not be stable,
elements with A D 9; 10; 11 are the isotopes of berillium (Be) and boron (B), which
are formed, together with 6Li and some 7Li during spallation processes, which
derive from the interaction between cosmic rays and interstellar atoms of carbon
(C), nitrogen (N), and oxygen (O). All the elements with A � 12 starting from 12C
have been synthesized inside the stars and the sum of all of them in Astronomy
is called metallicity and indicated with capital Z. Light elements such as 4He, 3He,
and 7Li are also partly produced inside stars. Although the metallicity is only a small
fraction of the baryonic Universe, it is extremely important since it is necessary for
human life: the chemistry of carbon, the iron (Fe) of our blood, the calcium (Ca)
of our bones, and the oxygen and nitrogen in our atmosphere. The reason why they
did not form immediately after the Big Bang as the light ones is that the conditions
of temperature and density necessary to synthesize elements with A � 12 were not
matched in the expanding Universe. In summary, the baryonic Universe is composed
of H in a percentage of roughly 73%, then roughly 25% is made of He and the rest
are metals. The primordial chemical composition by mass, 3 min after the Big Bang,
was H � 76%, He � 24%, and Z D 0. The chemical evolution of galaxies tells
us the modalities and the timescales on which the metals have formed during the
lifetime of the Universe.

F. Matteucci, Chemical Evolution of Galaxies, Astronomy and Astrophysics Library,
DOI 10.1007/978-3-642-22491-1 1, © Springer-Verlag Berlin Heidelberg 2012
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1.1 The Cosmic Abundances

The so-called cosmic abundances refer to the chemical composition of the solar
atmosphere. However, the term cosmic is not entirely correct because the chemical
composition of the Sun does not reflect the chemical composition everywhere in the
Universe.

What differs from galaxy to galaxy are the ratios among different abundances of
heavy (A � 12) elements and this is mainly due to the different histories of star
formation occurred in different galaxies, as we will see in the next chapters. The
cosmic abundances are derived in different ways:

1. Photospheric abundances. Photospheric absorption lines (Fraunhofer lines)
provide the number ratios X/H for the most common chemical species with
suitable absorption features in the optical or infrared from neutral and ionized
ions or molecules such as CH, CN, CO, OH, and MgH. The photospheric analysis
shows that the number ratios of some of the most common elements, .CCNCO/

H
are close to 10�3 and that of heavier metals (Na, Mg, Al, Si, Ca, and Fe) are
10�4. The abundances of common elements such as He, Ne, and Ar cannot be
determined in this way in late-type stars like the Sun and most information comes
from hot stars or nearby HII regions like Orion. Concerning the light elements,
D is only destroyed inside stars and, therefore, no or little D is found in the solar
or other photospheres; what is measured is always a lower limit to the primordial
abundance. Li is also partly destroyed in stars and is found to be reduced by
two orders of magnitude in the Sun, while Be and B may have suffered some
destruction as well, but only by factors of the order of 2, which are inside the
observational uncertainties. Finally, there is limited information on rare elements
such as U and Th, rare earth elements and on isotopic ratios which are restricted
to those which can be determined from molecules, e.g., C and Mg.

2. Meteoritic abundances. Meteoritic abundances originate from three main types:
stony, stony irons, and irons. They probably result from the break up of small
parent bodies (asteroids), which were not subjected to the kind of differentiation
that affects major planets like the Earth. Generally, the agreement between
meteoritic and photospheric abundances is quite good with the exception of
the particular cases of Li, Be, and B. It was generally believed that meteoritic
abundances are more reliable than photospheric ones, the latter being subjected
to the uncertainties in the oscillator strengths. The main advantage of meteorites
as cosmic abundances is the extraordinarily high precision which is obtained,
even for isotopic abundances, through mass spectroscopy. In any case, the
disagreement between photospheric and meteoritic determinations for most of
the elements has been within 0.2 dex (decimal exponential). In particular, the
agreement between the meteoritic and photospheric abundances, as recently
derived by Asplund et al. (2009) is excellent with few exceptions, as shown
Fig. 1.1.



1.1 The Cosmic Abundances 3

0 20 40 60 80
Atomic number

–0.4

–0.2

0.0

0.2

0.4

P
ho

to
sp

he
ric

 -
 m

et
eo

rit
ic

 a
bu

nd
an

ce
 [d

ex
]

Fig. 1.1 Difference between the logarithmic abundances determined from the solar photosphere
and the CI carbonaceous chondrites as a function of atomic number. With a few exceptions, the
agreement is excellent. Note that due to depletion in the Sun and meteorites, the data points for Li,
C, N, and the noble gases (helium, neon, argon, krypton, and xenon) fall outside the range of the
figure. Figure from Asplund et al. (2009); reproduced by kind permission of M. Asplund

In Table 1.1, we report the most recent photospheric and meteoritic determina-
tions of the cosmic abundances. The abundances are expressed as 12 C log(X/H)
where X is the abundance by number of a generic chemical element and 12 is the
weight attributed to hydrogen.

From the solar chemical composition presented in Table 1.1, one can derive the
global metallicity which reflects the present-day photosphere, namely,X D 0:7381,
Y D 0:2485, and Z D 0:0134. In other words, the solar metallicity is no longer
the canonical 2% recommended by Anders and Grevesse (1989), but rather a
substantially smaller 1:34%. In particular, the values recommended for the most
abundant metals C, N, O, Ne, and Fe are significantly smaller (by �0:2 dex) than
previously suggested. This is an important issue since all the chemical abundances
measured in the Universe refer to the solar ones.

Another common way of expressing abundances is :

ŒX=H� D log.X=H/ � log.X=H/ˇ; (1.1)

expressed in dex. In this notation, the abundances in the Sun are ŒX=H�ˇ D 0.
In the above definition, very common for stellar abundances, one can use the
abundances either by number or by mass. It is interesting to compare the solar
chemical abundances to those of the other stars (solar-type and OB stars) and HII-
regions, such as the Orion nebula, in the solar neighborhood. A comparison between
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Table 1.1 Element abundances in the present-day solar photosphere. Data from Asplund
et al. (2009)

Elem. Photosphere Meteorites Elem. Photosphere Meteorites

1 H 12:00 8:22˙ 0:04 44 Ru 1:75˙ 0:08 1:76˙ 0:03

2 He Œ10:93˙ 0:01� 1:29 45 Rh 0:91˙ 0:10 1:06˙ 0:04

3 Li 1:05˙ 0:10 3:26˙ 0:05 46 Pd 1:57˙ 0:10 1:65˙ 0:02

4 Be 1:38˙ 0:09 1:30˙ 0:03 47 Ag 0:94˙ 0:10 1:20˙ 0:02

5 B 2:70˙ 0:20 2:79˙ 0:04 48 Cd 1:71˙ 0:03

6 C 8:43˙ 0:05 7:39˙ 0:04 49 In 0:80˙ 0:20 0:76˙ 0:03

7 N 7:83˙ 0:05 6:26˙ 0:06 50 Sn 2:04˙ 0:10 2:07˙ 0:06

8 O 8:69˙ 0:05 8:40˙ 0:04 51 Sb 1:01˙ 0:06

9 F 4:56˙ 0:30 4:42˙ 0:06 52 Te 2:18˙ 0:03

10 Ne Œ7:93˙ 0:10� �1:12 53 I 1:55˙ 0:08

11 Na 6:24˙ 0:04 6:27˙ 0:02 54 Xe Œ2:24˙ 0:06� �1:95
12 Mg 7:60˙ 0:04 7:53˙ 0:01 55 Cs 1:08˙ 0:02

13 Al 6:45˙ 0:03 6:43˙ 0:01 56 Ba 2:18˙ 0:09 2:18˙ 0:03

14 Si 7:51˙ 0:03 7:51˙ 0:01 57 La 1:10˙ 0:04 1:17˙ 0:02

15 P 5:41˙ 0:03 5:43˙ 0:04 58 Ce 1:58˙ 0:04 1:58˙ 0:02

16 S 7:12˙ 0:03 7:15˙ 0:02 59 Pr 0:72˙ 0:04 0:76˙ 0:03

17 Cl 5:50˙ 0:30 5:23˙ 0:06 60 Nd 1:42˙ 0:04 1:45˙ 0:02

18 Ar Œ6:40˙ 0:13� �0:50 62 Sm 0:96˙ 0:04 0:94˙ 0:02

19 K 5:03˙ 0:09 5:08˙ 0:02 63 Eu 0:52˙ 0:04 0:51˙ 0:02

20 Ca 6:34˙ 0:04 6:29˙ 0:02 64 Gd 1:07˙ 0:04 1:05˙ 0:02

21 Sc 3:15˙ 0:04 3:05˙ 0:02 65 Tb 0:30˙ 0:10 0:32˙ 0:03

22 Ti 4:95˙ 0:05 4:91˙ 0:03 66 Dy 1:10˙ 0:04 1:13˙ 0:02

23 V 3:93˙ 0:08 3:96˙ 0:02 67 Ho 0:48˙ 0:11 0:47˙ 0:03

24 Cr 5:64˙ 0:04 5:64˙ 0:01 68 Er 0:92˙ 0:05 0:92˙ 0:02

25 Mn 5:43˙ 0:05 5:48˙ 0:01 69 Tm 0:10˙ 0:04 0:12˙ 0:03

26 Fe 7:50˙ 0:04 7:45˙ 0:01 70 Yb 0:84˙ 0:11 0:92˙ 0:02

27 Co 4:99˙ 0:07 4:87˙ 0:01 71 Lu 0:10˙ 0:09 0:09˙ 0:02

28 Ni 6:22˙ 0:04 6:20˙ 0:01 72 Hf 0:85˙ 0:04 0:71˙ 0:02

29 Cu 4:19˙ 0:04 4:25˙ 0:04 73 Ta �0:12˙ 0:04

30 Zn 4:56˙ 0:05 4:63˙ 0:04 74 W 0:85˙ 0:12 0:65˙ 0:04

31 Ga 3:04˙ 0:09 3:08˙ 0:02 75 Re 0:26˙ 0:04

32 Ge 3:65˙ 0:10 3:58˙ 0:04 76 Os 1:40˙ 0:08 1:35˙ 0:03

33 As 2:30˙ 0:04 77 Ir 1:38˙ 0:07 1:32˙ 0:02

34 Se 3:34˙ 0:03 78 Pt 1:62˙ 0:03

35 Br 2:54˙ 0:06 79 Au 0:92˙ 0:10 0:80˙ 0:04

36 Kr Œ3:25˙ 0:06� �2:27 80 Hg 1:17˙ 0:08

37 Rb 2:52˙ 0:10 2:36˙ 0:03 81 Tl 0:90˙ 0:20 0:77˙ 0:03

38 Sr 2:87˙ 0:07 2:88˙ 0:03 82 Pb 1:75˙ 0:10 2:04˙ 0:03

39 Y 2:21˙ 0:05 2:17˙ 0:04 83 Bi 0:65˙ 0:04

40 Zr 2:58˙ 0:04 2:53˙ 0:04 90 Th 0:02˙ 0:10 0:06˙ 0:03

41 Nb 1:46˙ 0:04 1:41˙ 0:04 92 U �0:54˙ 0:03

42 Mo 1:88˙ 0:08 1:94˙ 0:04



1.2 Stellar Populations 5

the Sun and the neighboring stars reveals that the Sun is a rather ordinary thin disk
G dwarf for its age. In fact, the [Fe/H] of the other neighboring stars is very close
to zero. In the past, the Sun appeared metal-rich if compared to the abundances
measured in young OB stars in the solar neighborhood, despite the fact that the
Sun is 4.5 Gyr older than OB stars. However, in recent years the estimated solar
abundances have decreased, as shown in Table 1.1, and the abundances in OB stars
have increased, so that there is no more a discrepancy. One of the interpretations
suggested in the past to explain the difference in the abundances of the Sun relative
to the young stars was that the Sun could have migrated in the solar neighborhood
from a more internal disk region where it was born.

1.2 Stellar Populations

The concept of stellar population was first introduced by Baade (1944), who
identified two different stellar populations in the Milky Way: population II and
population I. Population II represents the stars in the halo, whereas population I
the stars in the disk of the Milky Way. At the present time, stellar populations are
categorized as I, II, and III, with each group having decreasing metal content (Z)
and increasing age. The populations were named in the order they were discovered,
which is the reverse of the order in which they were created. Thus, the first stars in
the Universe (zero metal content) are population III, the stars formed immediately
after (low metal content) are population II, and recent stars (high metallicity) are
population I. The stellar populations were originally characterized by their chemical
and kinematical properties. Population III stars are not visible now except for a few
extremely metal poor objects with [Fe/H] < �5.0 dex. Probably the very first
stars were mainly massive and, therefore, they died on short timescales (see next
chapters). The stars of population II inhabit the halo of our Galaxy, they show highly
eccentric orbits and a low to very low metal content roughly in the range �6:0 <
[Fe/H] < �1:0, although the minimum metallicity is not really known. Globular
clusters belong to population II although their metal content does not go below
Zˇ=200; on the other hand, single stars can be extremely metal poor. The stars
belonging to population I inhabit the thin disk where our solar system is situated,
their orbits are circular and their metal content is roughly in the range from one
tenth of solar to solar and beyond. However, this classification of stellar populations
is too simplistic and further subdivisions are required. In 1983, the existence of
an intermediate population of stars with chemical and kinematical properties in
between those of halo and thin-disk stars was discovered, inhabiting a structure
called thick disk. In addition, a great deal of work has been made in the study of
the stellar populations in the bulge of the Milky Way. We know now that the bulge
stars have a large range of metallicities ranging from metal poor to metal rich. The
kinematical properties of bulge stars are similar to those of the halo stars and in
general of spheroids, characterized by a high stellar velocity dispersion and absence
of a collective rotation. The velocity dispersion � is defined as the range of velocities
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Fig. 1.2 Stellar orbits for the
various stellar populations in
the Milky Way. Copyright
astro.psu.edu

about the mean velocity for a group of objects, such as stars and galaxies. The other
spiral galaxies also seem to contain stellar populations similar to the Milky Way.

To summarize, the Milky Way contains at least four different stellar populations:

• Halo stellar population (globular clusters and field stars, old ages, [Fe/H]<
�1.0 dex, high [˛/Fe] ratios,1 and eccentric orbits)

• Thick-disk stellar population (field stars, �1:0 < [Fe/H] � �0:6 dex although
some thick-disk stars have [Fe/H]< �1:0, high [˛/Fe] ratios, old and intermedi-
ate ages, and less eccentric orbits than halo stars)

• Thin-disk stellar population (field stars and open clusters, �0:6 < [Fe/H] �
C0:5 dex with some overlapping with thick-disk stars, [˛/Fe] ratios ranging from
larger than zero to zero and below, intermediate and young ages, and circular
orbits)

• Bulge stellar population (field stars, chaotic motions, �1:0 � [Fe/H] � C1:0 dex,
and old ages).

1.3 The Hubble Sequence

At the beginning of the twentieth century, it was known that around the Milky
Way there were a certain number of objects which were not single stars and that
had been called nebulae. Some of them were, in the following years, identified as

1˛-elements are those formed by subsequent addition of ˛-particles, such as 16O, 20Ne, 24Mg, and
28Si.
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Fig. 1.3 The Hubble sequence of galaxies. Copyright astro.psu.edu

real nebulae, namely, gas clouds, whereas others, known as spiral nebulae, were
then identified as an ensemble of many stars, in other words as galaxies external to
our Galaxy. Nowadays, we know that the Universe contains thousands of millions
of galaxies. Our Galaxy is a relatively large galaxy but by no means the largest:
it contains roughly 1011 stars like our Sun. The largest galaxies can contain up
to 1012–1013 stars; the typical blue magnitudes of galaxies go from those of the
Magellanic Clouds (.MB/LMC � �18; .MB/SMC � �16:5) to that of the Milky Way
(.MB/Galaxy � �20:3, corresponding to LB � 2 � 1010Lˇ), to that of Andromeda
which is two times more massive than the Milky Way (.MB/Andromeda � �20:8), to
eventually that of the galaxies at the center of galaxy clusters, called cD (.MB/cD �
�24). Galaxies contain also gas and dust but this material is only a small fraction
of the mass in stars. The baryonic mass (stars, gas, and dust), on the other hand, is
only a fraction of the dark matter halos of galaxies.

The Hubble sequence is a morphological classification scheme for galaxies
suggested by Edwin Hubble in 1926. The Hubble sequence is shown in Fig. 1.3,
where we can see the early galactic types represented by elliptical galaxies in
a sequence characterized by the ratio between their major and minor axis. In
particular, the ellipticals are indicated by En with n D 10.a � b/=a, with a and b
being the major and minor axis, respectively. The ellipticals range fromE0 toE7 and
the types with higher n index are more flattened. Ellipticals flatter than E7 do not
appear to exist but there is a category of objects intermediate between ellipticals and
spirals called S0; these galaxies have a very large bulge and a small disk with little
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or no gas. For spiral galaxies, the sequence is characterized by the ratio between
bulge and disk which decreases from the early to the late types. In addition, spirals
are subdivided into normal and barred: barred spirals are characterized by a bar (B)
in the bulge. All spirals possess spiral arms made of newborn stars, gas, and dust.
According to differences in the spiral arms, we can define subtypes of spirals:

• Sa (SBa) – Tightly-wound, smooth arms; large, bright central bulge
• Sb (SBb) – Less tightly-wound spiral arms than Sa (SBa); somewhat fainter bulge
• Sc (SBc) – Loosely wound spiral arms, clearly resolved into individual stellar

clusters and nebulae; smaller, fainter bulge

Finally, there is a third category in the Hubble sequence which is that of irregular
galaxies. These objects have an irregular shape with no clear disk and spheroidal
components. Hubble defined two classes of irregular galaxies:

• Irr I galaxies – They have asymmetric profiles and lack a central bulge or obvious
spiral structure, instead they contain many individual clusters of young stars

• Irr II galaxies – They have smoother, asymmetric appearances and are not clearly
resolved into individual stars or stellar clusters.

Later on de Vaucouleurs called the Irr I galaxies “Magellanic irregulars,” after
the Magellanic Clouds – two satellites of the Milky Way which Hubble classified as
Irr I. The discovery of a faint spiral structure in the Large Magellanic Cloud (LMC)
led de Vaucouleurs to further divide the irregular galaxies into those that, like the
LMC, show some evidence for spiral structure (these are given the symbol Sm) and
those that have no obvious structure, such as the Small Magellanic Cloud (SMC)
(denoted Im).

Along the Hubble sequence, starting from ellipticals and ending with irregulars,
one can envisage a variation of physical properties which can be summarized as
follows: (1) the amount of cold gas increases from early to late galaxy types, being
practically zero in ellipticals, (2) the active star formation is obviously related to
the cold gas and, therefore, it is null in ellipticals and it increases in spirals and
then irregulars, (3) the stellar populations in ellipticals are made of old stars with a
predominance in the visual integrated spectrum of K-giants, whereas in spirals and
irregulars there is an increasing predominance of young stellar populations going
from early spirals to irregulars. (4) The spirals (and irregulars) are found mainly in
the field, whereas the ellipticals are preferentially in galaxy clusters.

1.3.1 Possible Interpretations of the Hubble Sequence

The Hubble sequence of galaxies was clearly defined on the morphological appear-
ance but the question arose whether the sequence is also in some way an evolution-
ary one, in the sense that one galaxy belonging to a specific type can transform,
during its life, into another type. The answer to this question is very difficult and it
is still not clear, although the most reasonable assumption remains that the Hubble
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Fig. 1.4 Star formation histories in galaxies of different morphological types; the birthrate
function in solar masses per year per unit mass is plotted as a function of cosmic time. tS indicates
the timescale for star formation, while tc indicates the collapse timescale. If tS << tC, then the gas
does not have time to dissipate energy and bulge and ellipticals form. On the contrary, if tS > tC,
the formation of spirals and irregulars is favored. The different morphological types of galaxies are
indicated in the figure. Figure from Sandage (1986)

sequence is established by the different initial conditions, which in turn influence the
subsequent evolution. Two main factors influence galaxy evolution: (1) the history
of star formation and (2) the history of the gas assembly. These two factors are
clearly related since the star formation rate depends on the amount of gas present
at any time. In other words, the Hubble sequence can be interpreted in terms of
efficiency of star formation vs. efficiency of gas collapse. In fact, if we assume
that at the beginning there was only gas and this gas was falling into the potential
well of the dark matter halo of galaxies, then if the initial efficiency in forming
stars was high and stars formed very rapidly the gas did not have time to dissipate
energy, cool, and settle into a disk. Therefore, in this case, spheroidal systems must
have been preferentially formed. On the other hand, a slow star formation would
have favored the formation of disks. If we consider the ratio between the typical
timescale for star formation tS (the timescale on which all the gas is consumed to
form stars) and the timescale for the gas collapse (free fall time) tC, then we can
say that if this ratio is high, then disk formation will be favored, on the contrary
spheroids will form if this ratio is small. This is an extreme simplification of the
galaxy formation process and it should be taken only as an example. However,
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studies of star formation in galaxies of different morphological types have suggested
similar scenarios. In Fig. 1.4 we show the star formation histories inferred for
ellipticals, spirals, and irregulars from observations. In the case of ellipticals, the
star formation must have been very intense and very fast, thus consuming most of
the gas on a short timescale not allowing the gas to dissipate energy. In spirals, the
star formation must have progressed more slowly thus allowing gas dissipation and
the formation of a disk. In irregulars, the star formation must have been very mild
but it has continued up to the present. This simple scheme, devised by Sandage,
suggests star formation histories which can reproduce the majority of the chemical
and photometric properties of galaxies of different morphological types, as we will
see in the next chapters. Finally, last but not least, the angular momentum should
have played a role in galaxy formation: in fact, all galaxies are rotating but ellipticals
rotate less rapidly than spirals. The initial angular momentum of galaxies, probably
determined by interactions with the other protogalaxies must have, therefore, played
a role in the subsequent galaxy evolution.

1.4 The Main Observables in Galaxies

1.4.1 The Visible Matter

Galaxies end to cluster together, sometimes in small groups and sometimes in
enormous complexes. Most galaxies have companions, either a few nearby objects
or a large-scale cluster; isolated galaxies, in other words, are quite rare. In order
to study galaxy formation and evolution, we need to collect information from
galaxies. This information reaches us in the form of spectra, either of single stars,
if resolved, or integrated spectra (spectral energy distribution), which are the result
of the convolution of many single stellar populations (by single stellar population,
we mean a generation of stars born at the same time and with the same chemical
composition). From the spectra of stars and galaxies, we can derive the chemical
composition of stars or of the stellar population dominating the visible spectrum.
Other information is obtained from the gas either cold or warm and even hot and also
in this case we obtain the temperature and gas chemical composition. Therefore, it
is important to study how the main chemical elements have formed inside stars and
have been restored, by stellar winds and supernova (SN) events, into the interstellar
medium (ISM), where they will be part of the following stellar generations. This
process is called chemical evolution. From spectra of galaxies we can also measure
the stellar velocity dispersion, in the case of spheroids, and the rotational velocities,
in the case of disks. In particular, in the case of spiral disks, a rotation curve can
be built by measuring the rotational velocities from the spectra of the HI clouds or
from the H˛.6; 563 Å/ line in HII regions. Then from either the velocity dispersions
or the rotational velocities, we can derive the masses of galaxies by means of the
virial theorem. The mass of a galaxy is an important parameter to measure since
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Fig. 1.5 Mass–metallicity relation for given star formation rates for local SDSS galaxies. The
gray-shaded areas contains 64 and 90% of all SDSS galaxies with the thick central line
representing the median relation. The colored lines show the median metallicities, as a function of
M�, of SDSS galaxies with different values of the star formation rate (SFR). Figure from Mannucci
et al. (2010)

many physical properties of galaxies seem to depend upon their mass. For example,
the existence of a clear baryonic mass–metallicity relation for galaxies of all types
both locally and at high redshift is well-established by now (see next chapters). For
elliptical galaxies, there is also a relation between the [˛/Fe] ratio in the dominant
stellar population of their central region and the baryonic mass. There seems also
to exist a relation between baryonic mass and star formation rate and metallicity; in
fact, the dependence of metallicity on the total stellar mass involves also a relation
between mass and star formation rate (i.e., how many solar masses are turned into
stars per unit time), as shown in Fig. 1.5. This is because metallicity depends on the
amount of mass which has been processed inside stars.

The meaning of these important relations will be discussed in detail in the next
chapters.

The surface brightness is also an important observable in galaxies: for the
majority of ellipticals the de Vaucouleurs law holds:

I.r/ D Ioe�kr0:25 D Iee.�7:67Œ.r=re/
0:25�1�/; (1.2)
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where re is the effective radius, namely, the radius of the isophote containing half of
the galactic light and Ie is the surface brightness at re defined in the blue band. For
the disks of spirals, the distribution of the surface brightness in the blue band is:

I.r/ D I.0/e�.r=rD/; (1.3)

where rD is the scale length of the disk. For our Galaxy rD D 3:5 ˙ 0:5 kpc in the
blue band; this means that the Sun lies outside the radius enclosing �70% of the
total light of the disk.

The galaxy luminosity function for galaxies of all types, namely, the number of
galaxies in the luminosity interval L, LC dL in a unitary volume of the Universe,
can be conveniently expressed in the form (Schechter 1976):

˚.L/dL D n�
�
L

L�

�˛
e�.L=L�/

dL

L�
; (1.4)

where n� indicates the density of galaxies, ˛ is the slope of the luminosity function,
and L� is the luminosity at the break of the luminosity function; in other words the
luminosity corresponds to the point where the luminosity function shows a rapid
change in slope.

Two very important relations, whose deep physical meaning is not yet completely
understood, are the Faber–Jackson (1976) and the Tully–Fisher (1977) relations.
The Faber–Jackson relation connects the blue luminosities of ellipticals with their
stellar velocity dispersion along the line of sight:

LB / �40 ; (1.5)

while the Tully–Fisher relation connects the infrared luminosities of spiral galaxies
with the dispersion of the rotational velocities of the gas:

LIR / �4V : (1.6)

These relations can be used to derive the intrinsic galactic luminosities and,
therefore, their distances.

Other important observations concern the amount of gas in galaxies.
The knowledge of the gas distribution in galaxies is fundamental for studying
star formation and galaxy evolution. In particular, cold hydrogen gas can be in
atomic (HI) or molecular form (H2). The distribution of the HI surface mass density
is reasonably well-determined from 21 cm line observations, the main uncertainty
residing in the optical depth of the 21 cm emission. In our Galaxy, the HI distribution
appears roughly constant with galactocentric distance �.4 � 5/Mˇpc�2, in the
range 4 � rG � 8:5 kpc. For the HI outside the solar circle, the largest uncertainty
results from the adoption of different rotation curves (flat or slowly rising). On
the other hand, the molecular component is poorly known and it is inferred
from measurements of z-integrated CO emissivity, ICO, using a conversion factor
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Fig. 1.6 Surface densities of
atomic and molecular
hydrogen in the disk of the
Milky Way as functions of
galactocentric distance.
Figure from Yin et al. (2009),
where references to the data
can be found

CF D NH2=ICO which is often assumed to be independent of the galactocentric
distance. This may not be correct since there is evidence for abundance gradients
along the Galactic disk and this is perhaps the major cause of uncertainty. Generally,
three different methods are used to derive CF: the first method is based on measuring
the extinction of stars behind nearby molecular clouds, the second is based on
gamma-ray counts to estimate hydrogen column densities, and the third estimates
the masses of the molecular clouds from the virial theorem. It is worth noting
that the uncertainty in the CO emissivity alone can be as much as a factor of
two. The distribution of the H2 derived in this way shows that the molecular
hydrogen follows the starlight distribution, namely, that is falling exponentially with
increasing galactocentric distance, with a pronounced molecular ring at 5 kpc from
the Galactic center. After taking into account all of the gaseous components, one
finds that the total surface gas density (HI + H2) of the disk follows an exponential
law with a scale length of 5 ˙ 1 kpc over the range 5 � rG � 20 kpc but with a
much lower value in the range 1 � rG � 5 kpc. In Fig. 1.6, we show a compilation
of observational determinations of the total surface gas density (HI and H2) along
the Galactic disk.

The surface mass density of gas in the solar neighborhood is estimated to be
�ISM D 13 ˙ 3Mˇpc�2 comprising 10Mˇpc�2 of atomic gas and 3 ˙ 3Mˇpc�2
of molecular hydrogen. Considering that the local total surface mass density of the
disk, estimated from the vertical stellar motions reflecting the galactic potential, is
�tot D 51˙6Mˇpc�2, one can derive a local gas fraction of� D �gas=�tot D 0:3˙
0:1, where �gas is the surface gas density and �tot is the total surface mass density,
including dark matter. Cold gas (HI+H2) is detected also in external nearby galaxies
such as the galaxies of the Local Group (e.g. M31, M33, and M51). In particular, the
Berkeley–Illinois–Maryland association (BIMA) survey of nearby galaxies (BIMA
SONG) is a systematic study of the 3 mm CO J D 1–0 molecular emission within
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Fig. 1.7 Current surface
density profiles of HI,
molecular gas, and total gas
(HI +H2) in M31. Figure
from Yin et al. (2009), where
references to the data can be
found
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Fig. 1.8 Gas distribution in M33. The data refers to both HI and H2 and the sources are indicated
in the figure. Figure from Marcon-Uchida et al. (2010)

the centers and disks of 44 nearby spirals. This study has shown (e.g. Helfer et al.
(2003)) that the bulk of molecular gas tends to be concentrated within the central
rG < 5 kpc. The HI nearby galaxies survey (THINGS) is a high spectral and spatial
survey of HI emission in 34 nearby galaxies using the national radio astronomy
observatory (NRAO) very large array (VLA) (e.g. de Blok et al. (2009)). In Figs. 1.7
and 1.8, we show the gas distributions of M31 and M33, respectively.
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1.4.2 The Dark Matter

Dark matter was postulated by Fritz Zwicky in 1934 to account for evidence of
“missing mass” from the orbital velocities of galaxies in clusters. Subsequently,
other observations have indicated the presence of dark matter in the Universe;
these observations include the rotational curves of spiral galaxies, stellar velocity
dispersions in spheroids, gravitational lensing of background objects by galaxy
clusters, and the temperature distribution of hot gas in elliptical galaxies and clusters
of galaxies. Dark matter seems to be present in all galaxies and it extends at much
larger distances than the visible matter. By dark matter, we intend the baryonic dark
matter made of stellar remnants, brown dwarfs, and molecular H but mainly the
nonbaryonic dark matter which should be the dominant component in dark matter
halos. The nature of this dark matter is still unknown. The presence of dark matter
in spiral galaxies, including the Milky Way, has been revealed by the constancy of
the rotational velocity up to very large distances. In particular, the rotation curves do
not indicate any Keplerian fall-off of the rotational velocity at large galactocentric
distances (V.rG/ / r

�1=2
G ), as expected if the matter would follow the distribution

of light, but rather a flattening (V.rG/ D constant). This is interpreted as due to an
additional and invisible large mass component extending outside the distribution of
visible stars towards very large galactocentric distances. This characteristic seems to
be common also to our Galaxy meaning that the galactic rotation curve can give us
information on the galactic mass only up to 2rˇ (where rˇ is the solar galactocentric
distance). This is due to the lack of rotational velocity tracers at larger distances.
Therefore, the galactic rotation curve can give us an indication of the mass enclosed
inside 20 kpc. In particular, when the rotation curve of the Galaxy is interpreted
in terms of a mass model, it shows that the total mass inside the central 20 kpc is
Mtot D 2 � 1011Mˇ, which does not imply a large fraction of dark matter.

To constrain the extent and the mass of the galactic dark halo, we should adopt
other methods such as the kinematics of globular clusters and local satellite galaxies.
All the dynamical mass tracers suggest a minimal mass for the Galaxy and a
maximum extension for the halo; in particular, Fich and Tremaine (1991) suggest
Mtot � 4�1011Mˇ and rmax � 35 kpc. Estimates of the mass of the Galaxy by means
of kinematical data of satellites and globular clusters have been able to improve this
estimate suggesting a total mass ofMtot � 2 �1012Mˇ extending far beyond a radius
of � 200 kpc (Wilkinson and Evans 1999). This mass is at least ten times larger than
the visible mass in the disk and implies that the Milky Way does indeed possess an
extended and massive dark halo.

In general, dark halos are more extended than the stellar components of typical
galaxies. To detect the dynamical effects of halos in ellipticals, we need to measure
stellar kinematics at several effective radii. This is difficult because the surface
brightness becomes too low for absorption-line spectroscopy. One option is to use
planetary nebulae (PNe), which are easily detected in narrowband imaging and can
trace the stellar halos of galaxies to many effective radii.
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Fig. 1.9 Absolute R-band
bulge magnitude vs.
black-hole mass for normal
and active galaxies. Also
shown is the formal best-fit
(solid line) and the
best-fitting linear relation
(dotted line). Figure from
McLure and Dunlop (2002)

Dark matter in elliptical galaxies has been revealed mainly by the existence of
hot gas around these galaxies requiring a much higher potential well to be bound
to the parent galaxy than would be inferred from the visible matter. For example,
it has been found that large ellipticals in the center of clusters can contain up to
� 1011Mˇ of X-ray emitting gas but the total dynamical mass, out to the limits
of X-ray observations, is typically an order of magnitude larger. Dark matter has
been revealed also in dwarf spheroidal galaxies by means of their mass-to-light
ratios (see Chap. 6). Baryonic dark matter, in the form of massive black holes, exists
in the centers of most galaxies, both normal and active. A very important relation
exists (the Magorrian relation, see Fig. 1.9) between the mass of the central black
hole and the galaxy luminosity. Observations at high resolution with HST have in
fact indicated that the stellar velocity dispersion increases when one approaches the
galactic center. To maintain these high velocity dispersions it requires a large central
mass, in excess of that accounted for by visible stars. This requires the existence of a
central black hole. These central black holes have masses from �106 to �1010Mˇ.

1.5 Different Approaches to Model Galaxy Formation
and Evolution

There are two basic approaches to study galaxy evolution: (1) the backward
approach and (2) the forward approach. The first one has been adopted to study
galactic chemical evolution, the latter one is the approach used by cosmologist to
study galaxy formation. Since now on, in the rest of this book, we will describe
mainly the backward approach, its potentialities and shortcomings.

1.5.1 Backward Approach

In the backward approach, galaxies are modeled starting from some initial condi-
tions concerning the amount of gas present, its chemical composition, and possible
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gas flows. Then, the galaxy is allowed to evolve after having assumed a specific
birthrate function, stellar nucleosynthesis and gas flows. All galaxies are assumed
to be coeval and this is not so strange since old stars have been found in almost
all local galaxies. The free parameters involved in this exercise are several and
concern the star formation law, the stellar initial mass function, and the law with
which the gas which forms the galaxy assembles and is eventually lost through
a wind. These parameters are fixed by reproducing the largest possible number
of present time observed quantities. Therefore, the main goal is to reproduce the
properties of local galaxies by adjusting some free parameters and this will serve
to impose constraints on the history of star formation and gas assembly. In this
approach galaxies form mainly by accretion of cold gas although the occurrence of
mergers of galaxies already formed cannot be excluded. In the case of ellipticals
and spheroids, the accretion of gas must have occurred very rapidly, whereas disks
of spirals should have assembled on much longer timescales. This is the approach
that will be followed in this book because galactic chemical evolution has been
computed mainly under this scheme. As we will see in the next chapters, in spite of
the free parameters, the backward approach allows us to reproduce the majority of
the properties of local galaxies. In this scheme, cosmology is not directly considered
since the time of galaxy formation corresponds to the time zero of the calculations
and it can be adapted to any chosen redshift. This is clearly a very simple method
but it has been shown to be very helpful to explain galaxy properties and it should be
considered as complementary to the forward approach based on cosmology. Finally,
we want to clarify that backward galaxy evolutionary models are often referred to
as “monolithic models”; this is not always the case since the word “monolithic”
indicates a closed box model with all the gas mass present since the beginning.
Most of the models that we will discuss in the next chapters contain instead gas
flows, and therefore are not monolithic.

1.5.2 Forward Approach

In the most common theory of formation of structure, the �CDM, galaxies formed
as a consequence of the growth of the primordial fluctuations, which are small
changes in the density of the Universe in a confined region. As the Universe
cooled, clumps of dark matter began to condense, and within them gas began to
condense. Dark matter assembled hierarchically with large halos formed by merger
of smaller ones. This hierarchical formation has then been extended also to the
baryonic matter. In this scenario, massive ellipticals are the result of mergers of
smaller galaxies (possibly spirals or dwarf galaxies), thus implying that the most
massive ones have formed last. In this approach, galaxies form continuously in the
whole redshift range, at variance with the backward approach where it is assumed
that all galaxies start forming at the same time. However, as we will see in the
next chapters, the merging paradigm as the only mechanism for galaxy formation
appears too simplistic to explain real galaxies and their different morphologies. For
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example, the forward approach to galaxy formation suggests that roughly half the
large ellipticals were assembled at redshifts less than unity and this hypothesis is
more difficult to reconcile with observations than the simple assumption that all
massive ellipticals formed at high redshift, an hypothesis which allows us to explain
an impressively large range of observations. Classical hierarchical galaxy formation
models have encountered the following problems: (1) they overpredict the number
of low- and high-mass galaxies in the mass function of galaxies, (2) they are not able
to explain what we call “downsizing,” namely, the fact that observations suggest that
the most massive ellipticals formed fast and at high redshift while the less massive
ones had a more prolonged star formation. The downsizing in star formation, in
fact, can very elegantly explain the increase of the [˛/Fe] ratio with galactic mass
in ellipticals (see Chap. 6). (3) The very tight relation between star formation rate,
metallicity, and galactic mass (see Fig. 1.5) is also very difficult to explain in the
hierarchical paradigm. (4) The relation between the mass of the central black hole
and the luminosity (mass) of the parent galaxy (Fig. 1.9) is also hard to explain,
especially in the light of recent results that black hole masses do not correlate with
their dark matter halos (Kormendy and Bender 2011). (5) A large population of
massive galaxy disks with high star formation rate and regular rotational pattern at
high redshift (e.g. Genzel et al. (2008)); this is against the expectation of hierarchical
models in which the star formation is triggered by interactions and mergers. Some of
the above problems can be solved by adopting the so-called feedback in hierarchical
models. With feedback, we intend all the processes of energy transfer from stars
to gas, including stellar winds, supernova explosions, and active galactic nuclei
(AGN); such processes can be responsible for galactic outflows which quence
the star formation in spheroids. This effect, well-known in backward models of
chemical evolution, as we will see in Chap. 6, allows us to reproduce the high
mass side of the observed galaxy mass function. In other words, these hierarchical
formation theories, although they had great success in explaining the large-scale
structure of the Universe and have advanced enormously in the last years, still need
improvements to reproduce real single galaxies, especially from the point of view
of chemical evolution.



Chapter 2
Basic Ingredients for Modeling
Chemical Evolution

2.1 Basic Ingredients

The basic ingredients for modeling galactic chemical evolution can be summarized
as follows:

• Initial conditions
• The stellar birthrate function
• The stellar yields (nucleosynthesis)
• Gas flows (infall, outflow)

When all these ingredients are provided, we need to write a set of equations
describing the evolution of the gas and its chemical abundances which include all
of them. These equations will describe the temporal and spatial variation of the gas
content and its abundances by mass (see next chapters).

The chemical abundance by mass of a generic chemical species i , is defined as:

Xi D Mi

Mgas
: (2.1)

According to this definition, it holds:

X
iD1;n

Xi D 1; (2.2)

where n represents the total number of chemical species. Generally, in theoretical
studies of stellar evolution, it is common to adopt X, Y, and Z as indicative of the
abundances by mass of hydrogen (H), helium (He), and metals (Z), respectively.
The baryonic Universe is made mainly by H and some He, while only a very small
fraction resides in metals (all the elements heavier than He). However, the history
of the growth of this small fraction of metals is crucial for understanding how stars
and galaxies were formed and subsequently evolved.

F. Matteucci, Chemical Evolution of Galaxies, Astronomy and Astrophysics Library,
DOI 10.1007/978-3-642-22491-1 2, © Springer-Verlag Berlin Heidelberg 2012
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2.1.1 Initial Conditions

The initial conditions for a model of galactic chemical evolution consist in
establishing whether: (a) the chemical composition of the initial gas is primordial or
pre-enriched by a pre-galactic stellar generation; (b) the studied system is a closed
box or an open system (infall and/or outflow).

2.1.2 The Birthrate Function

The number of stars formed in the mass intervalm;mC dm and in the time interval
t; t C dt is the so-called birthrate function B.m; t/.

The birthrate function can be expressed as:

B.m; t/ D  .t/'.m/; (2.3)

where the quantity:
 .t/ D SFR (2.4)

is called the star formation rate (SFR), namely, the rate at which the interstellar gas
is turned into stars per unit time, and the quantity:

'.m/ D IMF (2.5)

is the initial mass function (IMF), namely, the mass distribution of the stars at birth.

2.1.2.1 The Star Formation Rate

The SFR indicates how many solar masses of gas transform into stars per unit
time, and it is generally expressed in terms of Mˇ yr�1, Mˇ pc�2 yr�1 or
Mˇ kpc�2 yr�1.

The most common parametrization of the SFR is the Schimdt–Kennicutt law:

 .t/ D ��kgas; (2.6)

where �gas is the gas surface density and k D 1 � 2 with a preference for k D
1:4 ˙ 0:15 for spiral disks (see Fig. 2.1), and � is a parameter describing the star
formation efficiency, in other words, the SFR per unit mass of gas, and it has the
dimensions of the inverse of a time. Other important physical quantities such as gas
temperature, viscosity, and magnetic field are usually ignored.

Other common parametrizations of the SFR include a dependence on the total
surface mass density (�tot) besides the surface gas density:

 .t/ D ��
k1
tot�

k2
gas; (2.7)
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Fig. 2.1 The SFR as measured by Kennicutt (1998a) in star forming galaxies. The continuous line
represents the best fit to the data and it can be achieved either with the SF law in (2.6) with k D 1:4

or with the star formation law in (2.10). The short, diagonal line shows the effect of changing the
scaling radius by a factor of 2. Figure from Kennicutt (1998a); reproduced by kind permission of
R.C. Jr. Kennicutt

with k1 D 1=3 and k2 D 5=3, as suggested by observational results of Dopita and
Ryder (1994) and taking into account the influence of the potential well in the star
formation process (i.e., feedback between SN energy input and star formation) as
suggested first by Talbot and Arnett (1975):

 .t/ D �ˇŒ�tot�gas=�
2ˇ�k�1�gas; (2.8)

where � D �ˇŒ�tot�gas=�
2ˇ�k�1 is the efficiency of star formation, and �ˇ and �ˇ

are the star formation efficiency and the total surface mass density at the solar ring,
respectively. These latter quantities were originally introduced as normalization
constants but in reality they play the role of a radial scale controlling the star
formation process. This formulation was based on the original Schmidt (1959) law
 .t/ / �kgas with �gas being the volume gas density.

Other suggestions concern the star formation induced by spiral density waves
(e.g., Boissier and Prantzos (1999)) with expressions like:

 .t/ D �V.R/R�1�1:5gas ; (2.9)

with V.R/ being the rotational velocity and R the galactocentric distance, or:

 .t/ D 0:017˝gas�gas / R�1�gas; (2.10)

with ˝gas being the angular rotation speed of gas (Kennicutt 1998a). It is worth
noting that also this law, besides law (2.6), provides a good fit to the data of Fig. 2.1.
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2.1.2.2 The Initial Mass Function

The most common parametrizations of the IMF are either a one-slope (x D 1:35;
Salpeter (1955)) or a multi-slope power law. The most simple example of a one-
slope power law is:

'.m/ D am�.1Cx/; (2.11)

generally defined in a mass range of 0.1–100Mˇ, where a is the normalization
constant derived by imposing that

R 100
0:1

m'.m/dm D 1.
The multi-slope IMFs were derived from stellar counts in the solar vicinity and

suggest a three-slope function. A typical example of a three-slope IMF is that
suggested by Kroupa et al. (1993):

x1 D 0:2 for M � 0:5Mˇ

x2 D 1:2 for 0:5 < M=Mˇ � 1:0

x3 D 1:7 for M > 1:0Mˇ (2.12)

Unfortunately, the same analysis cannot be performed in other galaxies and we
cannot test if the IMF is the same everywhere. Kroupa (2001) suggested that the IMF
in stellar clusters is a universal one, very similar to the Salpeter IMF for stars with
masses larger than 0:5Mˇ. In particular, this universal IMF (UIMF) should have:

x1 D 0:3 for 0:08 � M=Mˇ � 0:50

x2 D 1:3 for M > 0:5Mˇ (2.13)

However, Weidner and Kroupa (2005) suggested that the IMF integrated over
galaxies, which controls the distribution of stellar remnants, the number of SNe and
the chemical enrichment of a galaxy is generally different from the IMF in stellar
clusters. This “galaxial” IMF is given by the integral of the stellar IMF over the
embedded star cluster mass function which varies from galaxy to galaxy. Therefore,
we should expect that the chemical enrichment histories of different galaxies cannot
be reproduced by a unique invariant Salpeter-like IMF. In any case, this galaxial IMF
(IGIMF) is always steeper than the universal IMF in the range of massive stars:

x1 D 0:3 for 0:08 � M=Mˇ � 0:50

x2 D 1:3 for 0:5 < M=Mˇ � 1

x3 D 1:7 for M > 1Mˇ: (2.14)

As one can see, the UIMF predicts a much larger number of massive stars than
Salpeter (1995) and Kroupa et al. (1993) IMFs, and this will produce a large increase
in metallicity that should be tested in single cases.
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Finally, Chabrier (2003) suggested a log-normal form for the low-mass part of
the IMF (m < 1Mˇ):

'.logm/ / e�.logm�logmC/
2=2�2 for M � 1Mˇ; (2.15)

and:
'.m/ / m�.1:3˙0:3/ for M > 1Mˇ; (2.16)

where x D 1:3 is practically the Salpeter index and mC D 0:079Mˇ and � D 0:69

well-characterize the IMF of single stars in the Milky Way.

Derivation of the IMF

We define the current mass distribution of local main sequence (MS) stars as the
present day mass function (PDMF), n.m/. Let us suppose that we know n.m/ from
observations. The PDMF, in fact, is derived by the stellar luminosity function of MS
stars after applying the mass-luminosity relation. Then, the quantity n.m/ can be
expressed as follows: for stars with initial masses in the range 0.1–1.0Mˇ, which
have lifetimes larger than a Hubble time, we can write:

n.m/ D
Z tG

0

'.m/ .t/dt ; (2.17)

where tG D 14Gyr (the age of the Universe). The IMF, '.m/, can be taken out of
the integral if assumed to be constant in time, and the PDMF becomes:

n.m/ D '.m/h itG; (2.18)

where h i is the average SFR in the past.
For stars with lifetimes negligible relative to the age of the Universe, namely, for

all the stars with m > 2Mˇ, we can write instead:

n.m/ D
Z tG

tG��m
'.m/ .t/dt ; (2.19)

where �m is the lifetime of a star of mass m. Again, if we assume that the IMF is
constant in time we can write:

n.m/ D '.m/ .tG/�m; (2.20)

having assumed that the SFR did not change during the time interval between
.tG � �m/ and tG. The quantity  .tG/ is the SFR at the present time. Unfortunately,
we cannot derive the IMF between 1 and 2 Mˇ because none of the previous
simplifying hypotheses can be applied. Therefore, the IMF in this mass range will
depend on the quantity b.tG/, namely, the ratio between the present time SFR and
the average SFR in the past:
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b.tG/ D  .tG/

h i : (2.21)

This parameter is chosen in order to best fit the two branches of the IMF in the solar
vicinity. By following such a procedure, Scalo (1986) found:

0:5 � b.tG/ � 1:5 (2.22)

in order to derive the IMF in the solar vicinity. This means that the SFR in the
solar vicinity did not change more than a factor of two during the disk lifetime, and
represents an important constraint to model galactic evolution.

In Fig. 2.2, we show the differences between a single-slope IMF and multi-
slope IMFs, which are preferred according to the last studies concerning the solar
neighborhood stars.

Derivation of the Star Formation Rate

In order to derive the present time SFR at different galactocentric distances in the
Galaxy and in external galaxies, one should use different tracers. Most direct tracers
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of SFR in galaxies are sensitive only to the luminosities of massive stars, above
5–10Mˇ. Unfortunately, for typical IMFs these massive stars represent only 5–20%
of the total mass of the stellar population, so deriving a total SFR involves a large
(factor 5–20) extrapolation over the stellar component which is actually observed.

The most common tracers of star formation are:

• Counts of the supergiants which are luminous enough to be seen also in nearby
galaxies under the assumption that their number is proportional to the SFR.

• Otherwise one can measure the H˛ and Hˇ flux from HII regions, which are
ionized by young and hot stars, and assume that such a flux is proportional to the
SFR. In Kennicutt (1998b), where the reader can find an exhaustive review on
the derivation of the SFR in galaxies, the following relation for the total SFR is
suggested:

SFR.Mˇ yr�1/ D 7:9 � 10�42LH˛ Œergs s�1�; (2.23)

measured in a sample of field spiral and irregular galaxies, after adopting the
Salpeter IMF over the mass range 0.1–100Mˇ, and the same IMF parametriza-
tion is used in all the following tracers.

• The SFR can also be traced by the forbidden lines, in particular by the [OII]
luminosity emitted by HII regions: this method has been used to trace star
formation in blue irregular galaxies. A suitable calibration is:

SFR.Mˇ yr�1/ D .1:4˙ 0:4/ � 10�41LŒOII�Œergs s�1�: (2.24)

However, the SFRs derived in this way are less precise than those from H˛

because the mean [OII]/H˛ ratios vary considerably in individual galaxies.
• The UV continuum luminosity is also often used as a tracer of star formation

(see GALEX, galaxy evolution explorer). In this case the conversion between the
UV flux and the SFR can be derived by using population synthesis models. The
suggested calibration in the wavelength range (1,500–2,800Å) is:

SFR.Mˇ yr�1/ D 1:4 � 10�28LUVŒergs s�1 Hz�1�: (2.25)

This equation best applies to galaxies with continuous star formation over
timescales of 108 years or more; the SFR/LUV is significantly lower in younger
populations such as starburst galaxies. A possible warning is also given by the
fact that also low mass highly evolved stars such as horizontal branch (HB)
stars and post-asymptotic giant branch (AGB) stars can strongly affect the UV
continuum in the absence of a starburst (see Greggio and Renzini (1990)).

• The far infrared continuum (star forming regions are surrounded by dust) is
also connected to the SFR. This tracer in principle should provide an excellent
measure of the SFR in dusty circumstellar starbursts. In fact, a fraction of the UV
radiation emitted by massive stars is absorbed by dust grains and re-emitted in
the far infrared and radio wavelengths. By assuming continuous bursts of age
10–100 Myr, the calibration between SFR and FIR radiation as suggested by
Kennicutt is:
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SFR.Mˇ yr�1/ D 4:5 � 10�44L.FIR/Œergs s�1�: (2.26)

• For the radio luminosities we can write (Schmitt et al. 2006):

SFR.Mˇ yr�1/ D 0:62 � 10�28L1:4GHzŒergs s�1 Hz�1�: (2.27)

• The X-ray emission is also a tracer of the SFR, through the X-ray luminosity
produced by high-mass X-ray binaries (HMXB). One calibration to derive the
SFR in the energy range 2–10 keV and derived from ASCA and BeppoSAX data
is (Persic and Rephaeli 2003):

SFR.Mˇ yr�1/ D 2:6 � 10�40L2�10 keVŒergs s�1�: (2.28)

In the case of X-ray luminosity, a possible source of contamination is the
presence of an active galactic nuclei (AGN) in the observed galaxy. In addition,
to derive the SFR one should subtract from the X-ray luminosity the contribution
of the low-mass X-ray binaries (LMXB).

• Finally, the frequency of Type II supernovae as well as the distribution of SN
remnants have also been used as tracers of star formation.

The present time SFR in our Galaxy is derived by adopting some of the tracers
discussed above after the assumption of an IMF. Alternatively, the procedure to
follow is to assume an IMF and then integrate the equations, which give the PDMF
with respect to the mass. In particular, Güsten and Mezger (1982) summarized these
kinds of estimates of the present time local SFR and suggested:

 .tG/ � 2 � 10Mˇ pc�2 Gyr�1: (2.29)

The Cosmic SFR

The comoving space density of the global SFR is known as “cosmic SFR” (CSFR)
and it has been measured up to high redshift by means of the comoving luminosity
density in various wavelength bands. The physical meaning of the CSFR is of
cumulative SFR owing to galaxies of different morphological types present in a
unitary comoving volume of the Universe. In fact, at high redshift, we cannot
distinguish galaxy morphology but only trace the luminosity density of galaxies.
The first measure of the comoving luminosity density of the Universe was done in
three wavebands (2,800 Å, 4,400 Å, and 1�m) over the redshift range 0 < z < 1 by
Lilly et al. (1996). They found that the comoving luminosity density is increasing
markedly with redshift for all the studied wavebands. As a consequence of this, also
the CSFR is increasing with redshift up to z D 1. In the following years, many
studies on the derivation of the CSFR have appeared, and at present data have been
collected up to very high redshift, although the data for z > 1 are still uncertain and
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Fig. 2.3 The cosmic star formation history. Shown are the data compiled in Hopkins and Beacom
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ISM). Figure from Kistler et al. (2009); reproduced by kind permission of M.D. Kistler

one of the most important uncertainties is represented by dust extinction at very high
redshift. In order to derive the CSFR from luminosity densities, one has to assume
star formation calibrations, as discussed above. The tracers used to derive the CSFR
have been the H˛ , Hˇ , [OII], UV, and FIR luminosities. Recently, the CSFR has been
measured also from gamma-ray burst (GRB) counts and extended up to z � 8, which
corresponds to the estimated redshift of GRB 090423, and it shows no significant
decrease of the CSFR. In Fig. 2.3 we show a comparison between various derived
CSFR as functions of redshift.

A Threshold in the Star Formation

Originally, Kennicutt (1989) and other later studies had indicated the existence
of a star formation threshold in the interstellar gas density, below which star
formation stops. This was suggested by a clear truncation observed in the H˛

profiles of star forming galaxies. From a theoretical point of view, a sudden
decrease in star formation at low gas densities is expected from simple gravitational
stability considerations. Below a critical density, the gas disk is stable against the
growth of large-scale density perturbations. As a consequence, one would expect
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cloud growth and star formation to be suppressed. Later on, GALEX studies
(Boissier et al. 2007) had pointed out that the UV radial profiles in galactic disks,
interpreted as star formation, do not show a sharp truncation. A more recent paper
(Goddard et al. 2010) suggests that some galaxies show H˛ truncation and no UV
truncation, while others show no threshold in either H˛ or UV and have a gradually
declining surface brightness. Therefore, the situation is still unclear suggesting that
in some disks, star formation extends beyond the main optical radius (r25).1 Some
chemical evolution models have adopted a threshold in the gas density for star
formation and this has important consequences on chemical evolution such as on
the predicted abundance gradients along galactic disks (see Chap. 5).

2.1.3 The Stellar Yields

The stellar yields, namely, the amount of both newly formed and pre-existing
elements ejected by stars of all masses at their death, represent a fundamental
ingredient to compute galactic chemical evolution. They can be calculated by
knowing stellar evolution and nucleosynthesis.

All the elements with mass number A from 12 to 60 have been formed in
stars during the quiescent burnings in stellar evolution. Stars transform H into He
and then He into heavier atoms until the Fe-peak elements, where the binding
energy per nucleon reaches a maximum and the nuclear fusion reactions stop. H is
transformed into He through the proton–proton chain or the CNO-cycle according
to the stellar mass, then 4He is transformed into 12C through the triple-˛ reaction.
Elements heavier than 12C are then produced by synthesis of ˛-particles: they are
called ˛-elements (O, Ne, Mg, Si, S, and Ca). The last main burning in stars is
the 28Si -burning, which produces 56Ni, which then ˇ-decays into 56Co and 56Fe.
Si-burning can be quiescent or explosive (depending on the temperature). Explosive
nucleosynthesis occurring during supernova explosions mainly produces Fe-peak
elements. Elements originating from s- and r-processes (with A > 60 up to Th and
U) are formed by means of slow (s) or rapid (r) (relative to the timescale of the ˇ-
decay process) neutron capture by Fe and other heavy seed nuclei; s-processing
occurs during quiescent He-burning, whereas r-processing occurs during SN II
explosions (explosive nucleosynthesis).

Stars of different masses produce different chemical elements and we recall here
the various stellar mass ranges and their nucleosynthesis products. In particular:

• Brown dwarfs. Stars with masses M < 0:1Mˇ which never ignite H. They do
not enrich the ISM in chemical elements but only lockup gas.

• Low and intermediate mass stars (0:8 � M=Mˇ � Mup). The mass Mup is
defined as the limiting mass for the formation of a fully degenerate C–O core and

1The radius corresponding to a surface brightness of 25 magnitudes per arcsec in the blue band.
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its value (�6–8Mˇ) depends on the treatment of convection. These stars produce
mainly 4He, 12C, and 14N plus some CNO isotopes and heavy s-process (A > 90)
elements. In Fig. 2.4, we show a compilation of yields from low and intermediate
mass stars. The yields differ by the different adopted physical inputs such as the
mixing-length parameter which controls the process of convection.

• Massive stars (Mup < M=Mˇ � MWR). In the mass range 8–10Mˇ, stars
explode as e-capture supernovae. Electron capture triggers instability in the stars
and at the same time O ignites explosively in the O–Ne–Mg degenerate core. In
the mass range 10 � MWR, where MWR is the minimum mass for the formation
of a Wolf–Rayet star and is rather uncertain, since it depends on the stellar mass
loss, which in turn depends on the initial stellar mass and metallicity (for a solar
chemical compositionMWR � 25Mˇ), the stars end their life as Type II SNe and
explode by core-collapse. Also uncertain is the amount of the ejected material
which falls back on the contracting core during the explosion and consequently
the formation of a black hole rather than a neutron star. These stars produce
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mainly ˛-elements, some N, some Fe-peak elements, light s-process elements
(A < 90) and perhaps r-process elements. Stars more massive than MWR should
end up as Type Ib/c SNe; they are also core-collapse SNe and are linked to the
GRBs. Some of these massive SNe are particularly energetic (E0 D 1052 ergs,
with E0 being the initial blast wave energy) and for this reason they have been
called “hypernovae.”

• Type Ia SNe (white dwarfs (WDs) in binary systems, see later). They produce
mainly Fe-peak elements and traces of elements from C to Si.

• Very massive objects (M > 100Mˇ). The most recent calculations suggest
that they should produce mainly oxygen, although many uncertainties are still
present.

In Figs. 2.5–2.10, we show a comparison between stellar yields from massive stars
computed for different initial stellar metallicities and with different assumptions
concerning the mass loss. In particular, some yields are obtained by assuming
mass loss by stellar winds with a strong dependence on metallicity, whereas others
are computed by means of conservative models without mass loss. One important
difference arises for oxygen in massive stars for solar and above solar metallicities
and mass loss: in this case, the O yield is strongly depressed as a consequence
of mass loss. In fact, the stars with masses >25Mˇ and solar and above solar
metallicity lose a large amount of matter rich of He and C, thus subtracting those
elements to further processing which would eventually lead to O and heavier
elements. So the net effect of mass loss is to increase the production of He and
C and to depress that of oxygen (see Fig. 2.10). More recently, Meynet and Maeder
(2002, 2003, 2005) have computed a grid of models for stars with M > 20Mˇ
including rotation and metallicity dependent mass loss. The effect of metallicity
dependent mass loss in decreasing the O production in massive stars was confirmed,
although they employed significantly lower mass loss rates compared with Maeder
(1992). With these models, they were able to reproduce the frequency of WR stars
and the observed WN/WC ratio, as it was the case for the previous Maeder results.
Therefore, it appears that the earlier mass loss rates made-up for the omission of
rotation in the stellar models. On the other hand, the dependence upon metallicities
of the yields computed with conservative stellar models is generally not very strong
except perhaps for the yields computed with zero initial stellar metallicity (Pop III
stars) and for the yields of Fe.

In Figs. 2.8 and 2.9, we show recent results for conservative stellar models of
massive stars at different metallicities. While the O yields are not much dependent
upon the initial stellar metallicity, the Fe yields seem to change dramatically with
the stellar metallicity.

2.1.3.1 Yields from Population III Stars

In recent years, a great deal of calculations to derive the yields of primordial (no
metals) stars has appeared in the literature. It is generally believed that primordial
stars should have been very massive. There are several reasons for suggesting
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Fig. 2.5 The yields of
oxygen for massive stars as
computed by several authors,
as indicated in the figure.
None of these calculations
takes into account mass loss
by stellar wind. The yields
refer to the solar chemical
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that the first stars were more massive than today stars. The Jeans mass, i.e., the
minimum mass necessary for a gas cloud to collapse under its self-gravity scales as
T 3=2 with an even steeper dependence on the temperature if turbulent phenomena
are taken into account. Metals are indeed the most effective coolants in gas and
their presence permits the formation of low mass stars. In the absence of metals,
as it was in the primordial gas, the cooling was due to the rotational-vibrational
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Fig. 2.7 Same as Figs. 2.5
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Fig. 2.8 The O yields as
calculated by Nomoto et al.
(2006) for different
metallicities. These
calculations do not take into
account mass loss by stellar
wind
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transitions of molecular hydrogen. Hydrodynamical simulations of the collapse and
fragmentation of primordial gas clouds suggest that the very first stars should have
had masses larger than 100Mˇ. However, the high mass biased star formation must
have lasted until the metallicity of the ISM reached a critical value, at which point
the star formation switched into the low mass mode. This critical metallicity has
been calculated to be in the range .10�6 � 10�4/Zˇ (Schneider et al. 2002). Being
so massive, population III stars should start their MS phase burning H by means
of the CNO reaction chain, but since they lack CNO elements, they are forced
to burn H via the p � p chain. However, the p � p chain is not so effective in
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producing the energy necessary to counterbalance their gravity; therefore, the stars
are forced to contract and increase their central temperature until the 3˛ reaction
starts and creates some 12C; at this point, they can start burning H via the CNO-
cycle. Owing to the lack of metals, these stars suffer less mass loss than the normal
stars belonging to populations II and I. As a consequence, they end their lives by
creating a black hole in the center and explode as pair-creation supernovae, in
other words, the explosion is triggered by the formation of couples of eC and e�
which destabilize the star. These SNe leave no remnant. Clearly the nucleosynthesis
products of these population III stars are different from the products of population
II/I stars. The nucleosynthesis of zero-metal massive stars was computed since the
early eighties (Ober et al. 1983; El Eid et al. 1983) and the work on this field has
continued until very recently (e.g., Heger and Woosley (2010)). One interesting
aspect of these massive Pop III stars is that they can produce some primary nitrogen
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and thus perhaps explain the high [N/O] ratio found in very metal poor halo stars,
although very metal poor (Z D 10�8) rotating normal massive stars can also
produce primary nitrogen (Chiappini et al. (2006) and Chap. 5). Moreover, it has
been suggested that Pop III stars could explain some of the peculiar behaviors of Fe-
peak elements (Mn, Co, Cr, Ni, and Zn) at low metallicity (see Umeda and Nomoto
(2005)). One interesting aspect of this population III is that only a few of these stars
must have existed, since the increase of metallicity to the threshold value must have
happened very quickly. Therefore, it is not clear whether these massive zero-metal
stars have had a real impact on the abundance patterns that we see in very metal
poor stars. Unfortunately, the situation at present is such that we cannot prove or
disprove the existence of zero-metal stars on the basis of the available data on very
metal poor stars.

The most metal poor stars have been found in the halo of our Galaxy and
they can be distinguished into four classes: the ultra metal poor stars with [Fe/H]
< � 4:0 dex; the extremely metal poor stars with [Fe/H] <�3.0 dex, the metal
poor stars with [Fe/H] <�1.0 dex, and the carbon-enhanced metal poor stars
(CEMP) with [Fe/H] <�1.0 dex and [C/Fe] > 0.9 dex. The CEMP stars represent
a nonnegligible fraction of all metal poor stars; the most metal poor CEMP star
known so far is HE 1327-2326 with a [Fe/H] � �5.96 dex (Frebel et al. 2008).
The majority of CEMP show also overabundances of N and O and heavy s-process
elements, difficult to reconcile with standard nucleosynthesis in massive stars. Since
most of CEMP stars have been found to be spectroscopic binaries, the most simple
explanation of their anomalous abundances is accretion from an AGB companion. In
principle, the abundance ratios in CEMP stars can be also the result of the pollution
of the interstellar medium by the first zero-metal stars. Comparison between the
anomalous abundance ratios of the most metal poor CEMP stars with the yields
predicted for population III stars could be then used to impose constraints on the
masses and explosion energies of metal free supernovae.

2.1.3.2 Type II SN Progenitors

Originally, the SNe were classified into two main types (I and II) on the basis of the
presence (Type II) or absence (Type I) of H lines in their spectra (Zwicky 1938).
At the present time, we distinguish among several SN II types on the basis of the
spectra obtained at maximum light. Classical Type II SNe have prominent Balmer
lines exhibiting P-Cygni profiles and represent about 70% of the exploding stars
in the Universe. The classification can be further subdivided into Types II-L and
II-P, according to the shape of the light curve which can be linear (L) or have a
plateau (P). Then, Type IIdw SNe have strong H lines in emission. They can be
distinguished from the classical Type II SNe by the lack of absorption in their
Balmer lines. This definition reflects the fact that these SNe undergo significant
interaction with a “dense wind” produced by the SN progenitor prior to explosion
(Chugai 1997). As we have already said, the mechanism for the explosion of SNe
II is the core-collapse: the basic idea is that there should be a core bounce giving
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rise to the ejection of the external mantle. This bounce is due to the fact that the
Fe-core is contracting and when its density reaches the density of the nuclei of
the atoms (' 2 � 1014 g cm�3) the matter becomes incompressible and the collapse
halts abruptly thus giving rise to the bounce. The bounce, in turn, produces pressure
waves propagating towards the external parts. Such waves then become a shock
wave with an energy equal to the gravitational energy of the collapse. The main
problem for the explosion of these stars is that the energy produced by the explosion
should be sufficient to heat the mantle of the star and eject it. Unfortunately, the
enormous energy in the shock wave after the core bounce is largely used to photo-
disintegrate the outer core layers consisting of iron and is also lost through the
neutrino escaping from the hot core behind the shock during the neutronization
process (at very high density a proton in the nucleus captures an electron and form
a neutron plus a neutrino). Therefore, only a small fraction of the explosion energy
is eventually available to heat the mantle, especially if the mass of the core is large.
As a consequence, the shock wave, when it reaches the most external regions, has
lost most of its energy and dies. Bethe and Wilson (1985) proposed a mechanism
which allows the shock wave to rejuvenate and give rise to a delayed explosion.
The rejuvenation is due to a small fraction of the neutrino energy equal to the total
gravitational binding energy of the neutron star of 1053 erg, which can be trapped
in the very dense matter and give the shock wave the strength to eject the mantle.
Type II SNe leaves a neutron star or a black hole after the explosion, according to
the mass of their core.

2.1.3.3 Type Ib/c Supernovae and Gamma-Ray Bursts

Gamma-Ray Bursts (GRBs) are sudden and powerful flashes of gamma-ray
radiation, occurring random by a rate of �1 per day in the Universe. The duration
of GRBs at MeV energies ranges from 10�3 s to about 103 s, with long bursts being
characterized by a duration >2 s. During the last few years, it has been established
that at least a large fraction of long-duration GRBs is directly connected with the
death of massive stars. This scenario has got strong support from observations of SN
features in the spectra of several of GRB afterglows. Examples of the spectroscopic
SN/GRB connection include SN1998bw/GRB980425, SN2003dh/GRB030329,
SN2003lw/GRB031203, and SN2006aj/GRB060218. Type Ib SNe are identified
by spectra with no evident Balmer lines, weak or absent Si II lines and strong
He I lines. Bertola (1964) reported the first observation of this class of SNe, but
the “Ib” designation was introduced later by Elias et al. (1985). Type Ic SNe are
characterized by weak or absent H and He lines and no evident Si II. They show
Ca II H&K in absorption, the Ca II near-IR triplet with a P-Cygni profile, and O I
in absorption. The “Ic” class was introduced by Wheeler and Harkness (1986). The
SNe Ib/c can originate either from single Wolf–Rayet stars (stars with M > MWR

which have lost most of their envelope) or from massive stars in binary systems. In
the latter case, the suggested mass range is 12 < M=Mˇ < 20 (Baron 1992). Very
probably both kinds of progenitors are necessary, in particular because Wolf–Rayet
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stars are very few if the IMF is a normal Salpeter-like one, and therefore are
probably not enough to reproduce the present time observed Type Ib/c SN rate
in galaxies. The SNe Ib/c explode also by core-collapse and depending on the
amount of mass lost they can leave a neutron star or a black hole. Detailed stellar
calculations (e.g., Georgy et al. (2009)) suggest that MWR strongly depends on the
mass loss rate and since the mass loss rate is a function of metallicity, the value of
MWR increases with decreasing metallicity. In other words, to have a Wolf–Rayet
star, namely, a star which has lost all its H and He envelope, the mass lost during
the stellar lifetime must have been large and this happens more easily at high
metallicity.

Because of the association with long GRBs, it is reasonable to think that a
fraction of Type Ib/c SNe can give rise to GRBs. Among the proposed models to
explain the GRBs, the “collapsar” model (e.g., MacFadyen and Woosley (1999))
suggests that a Wolf–Rayet progenitor undergoes core-collapse, producing a rapidly
rotating black hole surrounded by an accretion disk which injects energy into
the system and thus acts as a “central engine.” The energy extracted from this
system supports a quasi-spherical Type Ib/c SN explosion and drives collimated jets
through the stellar rotation axis which produce the prompt gamma-ray and afterglow
emission.

2.1.3.4 Type Ia SN Progenitors

Type Ia SNe are characterized by the lack of H lines and by a strong absorption
observed at �� 6,347, 6,371 Å attributed to the P-Cyg profile of Si II. There is a
general consensus about the fact that SNe Ia originate from C-deflagration in C–O
WDs in binary systems, but several evolutionary paths can lead to such an event.

Two main evolutionary scenarios for the progenitors of Type Ia SNe have been
proposed:

• Single degenerate (SD) scenario (see Fig. 2.11): The classical scenario of
Whelan and Iben (1973), namely, C-deflagration in a C–O WD reaching the
Chandrasekhar mass, MCh � 1:44Mˇ, after accreting material from a red giant
companion. One of the limitations of this scenario is that the accretion rate
should be defined in a quite narrow range of values. To avoid this problem, it
was proposed a similar scenario (see Fig. 2.12), where the companion can be
either a red giant or a main sequence star, including a metallicity effect which
suggests that no Type Ia systems can form for [Fe/H]< �1:0 dex. This is due to
the development of a strong radiative wind from the C–O WD, which stabilizes
the accretion from the companion, allowing for larger mass accretion rates than
in the previous scenario. The clock to the explosion in the classic SD scenario
is given by the lifetime of the secondary star in the binary system where the
WD is the primary star (the originally more massive one). Therefore, the largest
mass for a secondary is 8Mˇ, which is the maximum mass for the formation
of a C–O WD, in classical models of stellar evolution. As a consequence, the



2.1 Basic Ingredients 37

Fig. 2.11 The progenitor of a type Ia SN in the context of the single-degenerate model (Illustration
credit: NASA, ESA, and A. Field (STSci))

minimum timescale for the occurrence of Type Ia SNe is �30 to 40Myr (i.e., the
lifetime of a 8Mˇ) after the beginning of star formation. The minimum mass for
the secondary is 0:8Mˇ which is the star with lifetime equal to the age of the
Universe. This is suggested by the fact that Type Ia SNe are observed in elliptical
galaxies which stopped forming stars 10 Gyr ago. Stars with masses below this
limit are obviously not considered. In the Hachisu et al. (1999) scenario, the
first appearance of SNe Ia is delayed relative to the classic SD scenario; first
of all because the gas, out of which the SN Ia progenitors form, has to reach
[Fe/H]��1.0, and then because the maximum mass for the secondary star is
assumed to be 2.3 Mˇ, which lives much longer than a 8Mˇ star. In summary,
the mass range for both primary and secondary stars is, in principle, between
0.8 and 8Mˇ, although two stars of 0:8Mˇ are too small to give rise to a WD
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Fig. 2.12 An illustration of the symbiotic channel to Type Ia supernovae (SD scenario). The
various phases are labeled a, b, c, d, e and f. Figure from Hachisu et al. (1999); reproduced by
kind permission of I. Hachisu

with a Chandrasekhar mass, and therefore the mass of the primary star should
be assumed to be high enough to ensure that, even after accretion from a 0:8Mˇ
star secondary, it will reach the Chandrasekhar mass (Fig. 2.13).

• Double degenerate (DD) scenario: The merging of two C–O WDs, due to loss
of angular momentum caused by gravitational wave radiation, which explode by
C-deflagration when MCh is reached (Iben and Tutukov 1984). In this scenario,
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Fig. 2.13 The main stages of the evolution of a primordially close binary system of two WDs
merging after loss of angular momentum due to gravitational wave emission. The system evolves
through two common envelope phases before the two components become WDs. M1 and M2

are the primary and secondary masses, respectively. R1 and R2 are the radii of the primary and
secondary stars, respectively. R1R and R2R are the radii of the primary and secondary stars after
the common envelope phases, respectively. The masses M1R and M2R are the masses after the two
common envelope phases of the primary and secondary star, respectively. The quantity A is the
separation of the system and � is the timescale for the various phases. From Iben and Tutukov
(1984), Ap. J. Suppl. vol. 54, 335; reproduced by kind permission of I. Iben



40 2 Basic Ingredients for Modeling Chemical Evolution

the two C–O WDs should be of �0:7Mˇ in order to give rise to a Chandrasekhar
mass after they merge; therefore, their progenitors should be in the range
(5–8) Mˇ (stars of lower masses leave WDs of masses lower than 0.7Mˇ). The
clock to the explosion here is given by the lifetime of the secondary star plus
the gravitational time-delay which depends on the original separation of the two
WDs. The minimum timescale for the appearance of the first Type Ia SNe in this
scenario is, therefore, as low as �30 to 40 Myr plus the minimum gravitational
time-delay (�1 Myr). For more recent results on the DD scenario see Greggio
(2005) and Chap. 4.

Within any scenario, the explosion can occur either when the C–O WD reaches
the Chandrasekhar mass and carbon deflagrates at the center or when a massive
enough helium layer is accumulated on top of the C–O WD. In this last case,
there is He-detonation which induces an off-center carbon deflagration before the
Chandrasekhar mass is reached (sub-chandra exploders, e.g., Woosley and Weaver
(1994)).

While the chandra-exploders are supposed to produce the same nucleosynthesis
(C-deflagration of a Chandrasekhar mass), they predict a different evolution of the
Type Ia SN rate and different typical timescales for the SN Ia enrichment, if coupled
with different star formation histories in galaxies. A way of defining the typical Type
Ia SN timescale is to assume it as the time when the maximum in the Type Ia SN
rate is reached. This timescale varies according to the chosen progenitor model and
to the assumed star formation history, which in turn varies from galaxy to galaxy.
For the solar vicinity, this timescale is at least 1 Gyr, if the SD or DD scenarios are
assumed, whereas for elliptical galaxies, where the stars formed much more quickly,
this timescale is only �0.5 Gyr (see next chapters).

Type Ia Supernova Yields

Nomoto et al. (1984) computed a model predicting the nucleosynthesis arising from
the C-deflagration of a WD of 1 Mˇ after reaching the Chandrasekhar mass limit.
This basic model was called W7 and it reproduced almost perfectly the observed
abundance pattern in supernovae Ia. The assumed companion of the WD was a
red giant star and the rate of accretion onto the WD, PM D 4 � 10�8Mˇ yr�1. The
C-deflagration produces explosive nucleosynthesis and roughly 0.58Mˇ of the WD
transforms into 56Ni which then decays into 56Co and 56Fe in the most internal
layers, whereas the external layers are transformed into elements from Si to C. This
model is still the best to represent the nucleosynthesis in a Type Ia supernova. More
recently, Iwamoto et al. (1999) revised slightly model W7 and presented several
variations of it where the final mass of Fe varies from 0:56Mˇ to 0:77Mˇ for the
same WD mass and slightly different explosion energies. It should be noted, in fact,
that a spread in the maximum luminosities of SNe Ia has been observed (Phillips
1993) thus implying different amounts of Fe and challenging the constancy of the
amount of 56 Ni produced during a SN Ia explosion. The different luminosities
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may suggest a dispersion in the progenitor masses, in the sense that in some
cases the mass of the exploding WD can be less than 1:4Mˇ. As a consequence,
mechanisms which can lead to the explosion of a sub-chandra mass (0.6–1.0Mˇ)
have been proposed. Variations in the explosion mechanism could also produce a
dispersion in the absolute magnitudes; besides deflagration, other possible explosion
mechanisms are detonation, delayed detonation, pulsating delayed detonation, and
tamped-detonation, although C-deflagration is preferred because it produces the
right amount of the elements seen in the SN Ia spectra. Finally, differences in the
internal composition of the WD, in particular concerning the C/O ratio at the time
of explosion, may cause differences in the SN Ia luminosities. This spread in the
luminosities challenges the role of standard candles attributed so far to SNe Ia.
However, it has been shown that there exist a correlation between the maximum
absolute magnitude of SNe Ia and the rate of decline of their luminosity after the
maximum; this allows one to calculate the maximum luminosity in any case and,
therefore, to retain the SNe Ia as standard candles.

2.1.3.5 Supernova Rates in Galaxies of Different Morphological Types

Type Ia SNe are observed in galaxies of all morphological types whereas Type II
and Ib/c SNe only in starforming galaxies. This is because core-collapse SNe (Type
II and Ib/c) are originating from massive short living stars, whereas Type Ia SNe,
being the outcome of the explosion of a C–O WD, have explosion times ranging
from 35 Myr to a Hubble time and, therefore, can be still exploding also in objects
where the star formation has stopped several Gyr ago, such as elliptical galaxies.
Because of their large range of explosion times, Type Ia SNe have been divided into
two categories: prompt, namely, those with explosion times �100 Myr, and tardy, all
the others with explosion times >100 Myr. Supernova rates are measured in terms
of number of SNe per century per 10�10LBˇ

(SNu) or per 10�10Mˇ (SNuM). In
Table 2.1, we report the SN rates observed in galaxies of different morphological
types.

From Table 2.1, one can see a clear increase of the SN rates per unit mass from
E/S0 to Irr for all SN types. The masses of galaxies decrease from E/S0 to Irr as
shown in Fig. 2.14. The masses of galaxies are often derived from the observed
broad band fluxes by fitting them with spectrophotometric galaxy evolution models.
One uncertainty involved into this calculation is the IMF which needs to be assumed.

Table 2.1 Supernova rates in SNuM as functions of galactic morphological type from Mannucci
et al. (2005)

Galaxy Type Ia Type Ib/c Type II

E/S0 0:044
C0:016
�0:014 < 0:0093 < 0:013

S0a/b 0:065
C0:027
�0:025 0:036

C0:028
�0:018 0:012

C0:069
�0:054

Sbc/d 0:17
C0:068
�0:063 0:12

C0:074
�0:059 0:74

C0:31
�0:30

Irr 0:77
C0:42
�0:31 0:54

C0:66
�0:38 1:7

C1:4
�1:0
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Fig. 2.14 Distribution of
galaxy stellar mass for
different galactic
morphological types. Figure
from Mannucci et al. (2005)

However, these methods are expected to give rather accurate results when the
redshift and the morphological type of the galaxy are known: for a given IMF,
the typical uncertainties in the derived total masses are less than 40%. However,
larger uncertainties arise for different IMFs. For example, a factor of two difference
in galaxy mass is found passing from a Salpeter (1955) to a Kroupa (2001) IMF.
If we assume that the IMF is the same for all galaxies, this uncertainty will only
shift up or down the masses along the Hubble sequence; but if the IMF would
vary from galaxy to galaxy, then a differential effect in the derivation of the masses
would be introduced. The masses of the galaxies in Fig. 2.14 are derived from the
K-band luminosity and the B-K color. In fact, there is a correlation between the M/L
ratio and the optical to near-infrared colors found by Bell and de Jong (2001) who
computed the M/L of galaxies by means of spectrophotometric galactic models.

The SN rates for the Milky Way can be derived from Table 2.1 when a Galactic
mass is assumed. More recent studies of the total SN rate, including all SN types,
suggested for the Milky Way 2:84˙ 0:60 SNe per century (Li et al. 2011).

2.1.3.6 Nova Progenitors and Yields

According to a widely accepted scenario, classical novae are close binary systems
consisting of a WD and a low mass MS star. The WD in the majority of the cases
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is made of C and O (�70%) and some are ONeMg WDs (�30%). When the
companion fills its Roche lobe, the WD accretes H-rich material and this triggers
an explosive H-ignition. During the explosion, the rise in optical luminosity is as
high as .104–105/ Lˇ. Many hydrodynamical calculations of nova outbursts have
shown that an important fraction of the accreted envelope is then ejected. Since
the temperatures attained in the envelope during the explosion are rather high,
approximately .2 � 3/ � 108 K, the ejecta show a significant nuclear processing.
It has been shown that nova outbursts can be a site of 7Li production, if the fast
7Be transport mechanism operates. This mechanism was suggested by Cameron and
Fowler (1971) and it works in this way: there must be a site where the 3He(˛; 	 )7Be
reaction, active during H-burning, can occur but 7Be should be rapidly transported
into regions where lower temperatures will allow it to decay into 7Li by k-capture.
During the explosive H-ignition CNO isotopes are also formed. But are novae really
interesting objects relative to the study of Galactic chemical enrichment? The total
mass ejected by classical novae over the Galaxy lifetime can be roughly estimated by
considering the product of the observed Galactic nova rate (�30 nova per year) by
the the Galaxy lifetime (�10 Gyr) and the average mass ejected per nova outburst
(�2 � 10�5Mˇ). This gives �6 � 106Mˇ of total mass ejected by novae and it
represents only a small fraction of the gas in the Galaxy. Therefore, from the point
of view of the enrichment in global metals, the novae are negligible relative to other
sources such as supernovae. However, for chemical elements such as 7Li, 13C, 15N,
and 17O and radioactive isotopes such as 22Na and 26Al, novae can be important
contributors. For example, novae can be the major producers of 15N, as shown
by several chemical evolution models, and could in principle contribute also to a
nonnegligible fraction of 7Li, although the 7Li production in novae is quite uncertain
and no clear observational evidence for 7Li production by novae exists. From the
chemical evolution point of view, the nova contribution becomes important only at
late stages of the galactic evolution since the binary secondary star, which triggers
the explosion when it fills its Roche lobe, is a low mass with a long lifetime.

2.1.4 Gas Flows

Gas flows in and out of galaxies are fundamental ingredients for studying their
chemical evolution, since they are required to explain several important features in
galaxies and galaxy clusters. These features include the metallicity distribution of
G-dwarfs in the solar neighborhood, the abundance gradients along galactic disks as
well as the heavy element abundances measured in the intracluster medium (ICM).
We will discuss here the infall of gas onto disks, the radial flows along disks, and
galactic winds.

2.1.4.1 Gas Infall

Oort in 1970 first discussed the possibility of matter infalling onto the disks of spiral
galaxies. He envisioned that the penetration into the Galaxy of extragalactic neutral
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gas clouds with very high velocities (VHVC; jV j > 140 km s�1) can trigger the
formation of high velocity clouds (HVC; 80 � jV j km s�1 � 140) when they
interact with Galactic matter. He suggested that the present time infall rate onto
the Galaxy should be of the order of 1Mˇ yr�1. Mirabel and Morras (1984, 1990)
presented observations at 21 cm of HI in the direction of the galactic anticenter
showing that a stream of VHVC has reached the outer Galaxy and is interacting
with galactic matter. Their HI survey provided evidence for the accretion of gas onto
the Galaxy at very high velocities: more than 99% of the VHVC in the direction of
the galactic anticenter and 84% of the VHVC in the inner Galaxy have negative
(approaching) velocities.

It should be noted that the computation of the infall rate onto the Galaxy depends
on several unknown factors such as the distance to the clouds, the motion of the
objects in the plane of the sky and the actual distribution of infalling gas over the
whole sky and, therefore, the observational estimates of the infall rate should be
regarded as still uncertain. Mirabel and Morras derived, from a survey of VHVC, a
total infall rate onto the galactic disk of (0.2–0.5)Mˇ yr�1.

The origin of VHVC is not known but very probably they are made of
extragalactic gas. On the other hand, HVC could have a Galactic origin, as originally
proposed by Oort, and could have been set in motion by the interaction with the
VHVC.

Analyses of intermediate, high, and very high velocity clouds (IVC, HVC, and
VHVC) by means of UV, optical, and radio measurements along the line of sight of
globular clusters and halo stars have shown that no cloud has a height z above the
galactic plane lower than 300 pc. Therefore, this seems to rule out a local origin for
all of these clouds, otherwise they should also be found at lower galactic latitudes
and show �50% of positive velocities. It was also found that whilst the northern
Galactic hemisphere shows many approaching clouds, the southern hemisphere is
almost empty. This could be an indication of the intergalactic origin of the gas,
captured only by the leading face of the Galaxy in its motion towards Virgo. The
rate of gas infall extrapolated from these observations is around .1 � 2/Mˇ yr�1,
obviously larger than that estimated from solely the VHVC.

In order to ascertain the origin of all these clouds it would be very important to
measure their chemical composition (i.e., a roughly solar metallicity would prove a
local origin), but the available data are not good enough to draw firm conclusions.

Braun and Burton (1999) have identified a particular class of HVC, which
might represent a homogeneous subsample of these objects, in a single physical
state. These clouds are compact (CHVC) and apparently isolated; they possess an
infalling velocity of the order of 100 km s�1 in the Local Group reference frame. The
interesting aspect of this study is that it suggests that the CHVC are probably not the
consequence of a galactic fountain and that they rather have an extragalactic origin.
They could represent examples of collapsed pristine gas with very little internal star
formation and enrichment, the building blocks of galaxies in a hierarchical structure
formation scenario.
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In the past, the existence of infall onto the Galaxy has been challenged by
the consideration that if the infalling gas stopped abruptly when hitting the disk,
this energy should be radiated in the X-rays, at variance with the observed X-ray
background. The temperature of the collisionally heated gas would be in the range of
.106–107/K for velocities in the range of 100–300 km s�1, which would correspond
to a radiation in the range 0:25 � �2:5 keV. On the other hand, it has been argued
that these soft X-ray photons would be absorbed by the interstellar HI after traveling
a few parsecs through the Galactic disk, and that there is no chance of detecting
the collisionally ionized gas. Finally, it has been suggested that HVCs and IVCs
could be galactic fountains, namely, gas expelled out of the Galactic disk by SN
explosions which later falls back onto the disk. Also in this case, to decide whether
the gas comes from outside the Galaxy or it is a fountain one should look at the
chemical abundances measured in such clouds.

From a theoretical point of view, the existence of infall of gas onto the Galactic
disk was claimed as a natural consequence of a realistic galaxy formation process
from extended halos, and to solve the G-dwarf problem in the solar vicinity. Infall is
also desirable to prevent gas consumption in spirals in times shorter than their ages.
Larson (1991) has shown that the infall rate of Mirabel and Morras, if transformed
into a rate per unit area, by assuming (although it is very uncertain) that the
infall rate is uniform over a disk of radius 15 kpc, gives (0.3–0.7)Mˇ pc�2 Gyr�1,
which is only a fraction between 0.16 and 0.4 times the local gas depletion rate of
1:8Mˇ pc�2 Gyr�1. The local gas depletion rate can be estimated by assuming that
the average SFR in the last 12 Gyr has been <  >� 3:5Mˇ pc�2 Gyr�1 and that
the ratio b D  .tG/= <  >� 0:5. The past SFR is derived simply by subtracting
from the solar neighborhood total surface mass density of 55Mˇ pc�2 the amount
of gas of 13Mˇ pc�2 thus obtaining 42Mˇ pc�2, which is roughly the mass turned
into stars in the last 12 Gyr. Therefore, gas infall would increase the timescale for
gas depletion between 16 and 40%. If these numbers are correct, the infall in the
solar neighborhood should be a minor but not negligible effect at the present time.
Finally, gas infall is important because of the significant presence of D in the solar
neighborhood and in the Galactic center; in fact, D is only destroyed inside stars
during galactic evolution and the present time D in the local ISM is instead very
close to the primordial value, thus indicating that infall of primordial undepleted D
must have occurred. The same conclusion can hold for the Galactic center where
we expect practically no D at the present time, owing to the quite efficient SFR
which should have taken place there, and instead we find a detectable amount of
this element.

Unfortunately, the exact law for the gas accretion onto the Galaxy is not known
and, in principle, it should be deduced from a good model of galaxy formation. The
most simple scenario is to assume that the Galaxy formed by accretion of gas on
a free-fall time, although we know that this is a too simplistic picture especially to
explain the formation of the disk.

A more realistic representation of the infall rate is given by dynamical models
for the formation of the Galaxy. Larson (1976), in his pioneering work, computed
the formation of disk galaxies by means of hydrodynamical calculations including
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rotation and axial symmetry. He found that the formation of spheroidal components
requires shorter timescales than the formation of disks. The main parameters in his
calculations are the collapse and the star formation rates, this latter being linked to
the previous through the gas density. He pointed out that a fast star formation rate is
required to form the spheroidal components whereas a much slower star formation
rate is necessary in the disk to allow the gas to settle to a disk before forming stars.
In particular, there should be a phase before the formation of the thin disk during
which star formation was inhibited. However, this halt in the star formation still
needs to be proven.

Moreover, Larson found that the timescale for the formation of the disk is much
longer than the timescale for the formation of the spheroidal components (halo and
bulge) and increases with increasing distance from the center; the inner parts of the
disk form first, and the outer parts form progressively later as gas with higher and
higher angular momentum settles into the equatorial plane at larger and larger radii
(inside-out formation).

In models of galactic chemical evolution, we are forced to parametrize the infall
rate because of the lack of a real dynamical treatment. Here we briefly summarize
the most common parametrizations adopted in the literature for the infall rate
(usually expressed in terms of surface gas density):

• Constant in space and time, which is obviously not very realistic
• Exponentially decreasing in time and constant in space
• Exponentially decreasing in time and also variable in space

In particular, Chiosi (1980) assumed an infall rate of primordial material of
the form: �

d�gas

dt

�
infall

D a.r/e�t=� ŒMˇ pc�2 Gyr�1�; (2.30)

where � is a parameter indicating the timescale for the accretion of the Galactic
disk, and this parametrization was then adopted by many subsequent studies. The
quantity � is a free parameter since we do not have any specific indication about
the mechanism of formation of the Galactic disk, and it can be assumed to be
an increasing function of the galactocentric distance r , in order to account for
the dynamical results of Larson. Matteucci and François (1989) adopted (2.30)
for the infall law in the Galactic disk and suggested that the timescale of the
infall � is a linear function of the galactocentric distance, in the sense that it
increases with the radius thus producing a situation of inside-out disk formation,
as already suggested by Larson. The quantity a.r/ is obtained by imposing
that (2.30) reproduces the present time observed exponential total surface mass
density profile.

Generally, the chemical composition of the infalling material is assumed to
be primordial, although there have been a few models adopting an enriched
infall. It has been shown that the results obtained with enriched infall do not
differ substantially from those obtained with primordial infall as long as the
metallicity of the infalling gas does not exceed a critical value (�0.4Zˇ, Tosi
(1988)). Enriched infall has often been claimed to explain the high astration
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factor required for deuterium, if the observations suggesting a high primordial D
abundance have to be trusted. In fact, an infall of gas enriched in heavy elements
would be depleted in deuterium and a concentration of D lower than the
primordial one in the accreting gas helps in diluting the abundance of D in the
ISM. However, the most recent data do not favor high primordial D: in particular
it is now widely adopted as a primordial D abundance ofDp D .2:68C0:27

�0:25 / �10�5
(see Steigman (2007)).

• Other authors such as Lacey and Fall (1985) adopted an infall rate exponentially
decreasing in time and radius:

A.r; t/ D ˛2
f MD.tG/

2


e.�˛f r�t=�/

� Œ1 � e.�tG=�/�
ŒMˇ yr�1�; (2.31)

where MD.tG/ is the total mass of the disk at the present time tG and ˛f and �
are two adjustable parameters. The exponential radial dependence is chosen in
order to obtain an exponential surface density profile at the present time.

• Chiappini et al. (1997) introduced the concept of double infall to explain the
evolution of the halo thick-disk on one side and that of the thin disk on the
other. In particular, they assumed that the halo thick-disk formed first by means
of a relatively fast infall episode whereas the thin disk formed by means of
a completely independent subsequent infall episode occurring on much longer
timescales. In this way, the Galactic disk is almost completely formed out of
extragalactic primordial gas (see also Chap. 5).

The functional form of the infall rate they proposed is:

�
d�gas

dt

�
halo thick-disk

/ e�t=�1 (2.32)

�
d�gas

dt

�
thin-disk

/ e�.t�tmax/=�2 ; (2.33)

where �1 and �2 are the timescale for the formation of halo thick-disk and thin
disk, respectively, and tmax represents the time of maximum gas accretion onto
the Galactic disk.

• The infall laws described before are clearly approximations with parameters
that should be tuned to reproduce the present time infall rate in galaxies. In
principle, the gas infall law should depend on the dark matter halo of each galaxy.
Following this idea, cosmological N-body simulations have been performed in
the �CDM scenario with the goal of finding the history of the assembly of a
dark matter halo which could be the one of the Milky Way. Once found the
possible halos for the Milky Way, the assumption is that the cold gas, falling
into the potential well of the dark matter halo to form the Galactic disk, must
have followed the same accretion law found for the dark matter halo.
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Fig. 2.15 Various infall laws for the Milky Way. The dark matter halos were selected by assuming
a mass between 5 � 1011 and 5 � 1012Mˇ. In the top left panel is shown the two-infall law
for gas accretion (continuous line): the first infall episode is responsible for the formation of the
halo thick-disk, whereas the second infall episode is responsible for the formation of the thin disk
(Chiappini et al. 1997). Here, �1 D 2Gyr and �2 D 8Gyr. In the lower left panel is shown the
best accretion cosmological law (continuous line) as derived by Colavitti et al. (2008). As one can
see, the two laws are remarkably quite similar. The dotted line in the upper left panel is the infall
law suggested by Naab and Ostriker (2006, their model 10). The continuous line in the upper right
panel represents a constant infall rate, whereas the dashed line is a linear infall law and the dotted
line is again the two infall law. The dashed and continuous lines in the lower panels are other
cosmological laws derived by Colavitti et al. The assumed cosmology is �CDM. Figure from
Colavitti et al. (2008)

This cosmologically derived infall law can be written as:

d�gas

dt
D a.r/0:19

dMDM

dt
ŒMˇ pc�2 Gyr�1� (2.34)

with 0.19 being the cosmological baryonic fraction (the baryonic mass of the
Galaxy being MGal D 0:19MDM) and MDM the mass of the dark matter halo.
In Fig. 2.15, we show cosmological and parametric infall laws compared to the
two-infall law of (2.32) and (2.33). Among the cosmological infall laws, the one
shown in the lower left panel of Fig. 2.15 is considered the best to reproduce the
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Fig. 2.16 Baryonic mass accumulation vs. time and redshift for the infall laws of Fig. 2.15. The
line symbols are the same as for Fig. 2.15. The assumed cosmology is �CDM. Figure from
Colavitti et al. (2008)

dark matter halo of the Milky Way and is very similar to the two-infall law, shown
in the upper right panel. As one can see, in both infall laws there are two main
peaks corresponding to the maximum accretion giving rise to the halo thick-disk
first and the thin disk later.

In Fig. 2.15 are also shown simple parametric infall laws such as a constant
infall rate and a linear infall law: none of those laws can reproduce at best the
chemical properties of the Milky Way. In Fig. 2.16, we report the growth of the
total surface mass density with time according to the laws in Fig. 2.15.

2.1.4.2 Radial Gas Flows

From the physical point of view, radial flows along galactic disks should be expected
on the basis of the following arguments:

• The gas infalling onto the disk can induce radial inflows by transferring angular
momentum to the gas in the disk, if its angular momentum is lower than that of
the gas in the disk. Mayor and Vigroux (1981) showed that in this situation a
radial inward gas motion, with velocity of the order of 1 to 5 km s�1, is created
for an infall rate of the order of 1Mˇ yr�1 over the whole Galaxy.
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• Angular momentum transfer due to the gas viscosity in the disk may induce
inflows in the inner parts of the disk and outflows in the outer parts. This case was
studied by Clarke (1989), who considered no external infall of gas and studied
the evolution of the gas distribution in the Galactic disk in the presence of gas
viscosity and a threshold in the star formation in the outer parts of the disk.

• Gravitational interactions between the disk gas and the spiral density waves can
lead to large-scale shocks, dissipation, and radial flows with typical velocities of
�3 km s�1.

Many authors have studied the effects of radial flows on the chemical evolution
of galactic disks, in particular on the development of abundance gradients and
gas distribution. Generally, they all agreed in concluding that radial inflows can
help in building up abundance gradients under specific conditions concerning the
velocity of the gas flow. However, other causes for abundance gradients must exist.
Lacey and Fall concluded that radial inflows with velocities not larger than 2 km s�1
contribute to the creation of negative abundance gradients but only if the dependence
of the star formation rate on the gas density is linear. Clarke concluded that, in
the absence of external infall, low velocity radial flows induced by gas viscosity
and coupled with a threshold in the star formation at large galactocentric distances
(18 kpc) can well-reproduce the abundance gradient and the gas distribution along
the Galactic disk. Edmunds and Greenhow (1995) showed that there is no simple
“one-way” effect of flows on gradients, although in the linear star formation case
accelerating inflows tend to flatten the gradients while decelerating inflows tend to
steepen them.

Observations of gas along the Galactic disk seem to be consistent with radial
flows of modest velocities up to few km s�1; the local HI appears to be at rest relative
to the local standard of rest (LSR) to within about 1 km s�1 (Kerr 1969; Crovisier
1978). Concerning the molecular clouds within a few kpc of the Sun, a mean inward
motion of roughly 4 km s�1 is found (Stark 1984).

2.1.4.3 Gas Outflow

Gas outflows are likely to play a fundamental role in the evolution of galaxies, and
their existence is indicated by several observational constraints. Galactic outflows
are now observed in dwarf irregular starburst galaxies and the chemical composition
of the ICM (measured from X-ray emission lines) shows an almost solar iron
abundance indicating that the galaxies in clusters should loose a substantial amount
of their ISM. Galactic outflow can eventually leave the potential well of galaxies
and then they are called galactic winds. Otherwise, the gas outflowing can remain
bound to the galaxies and even fall back into the disk; in such a case, we have the
so-called galactic fountains.

The main cause for galactic winds are the supernovae which can trigger gas
outflows when the thermal content of the gas, resulting from energy deposition from
their explosions, equals its binding energy. This is a necessary condition for the
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occurrence of the wind but not sufficient, in fact, for a wind to really develop, the
energy deposited into the ISM should not be radiated away. To this purpose, a good
condition is that all the supernova remnants should overlap, in other words that the
filling factor should be equal to unity. In this situation, in fact, the SNe of the second
generation would explode in a rarified and hot medium and transfer the maximum
energy since the radiation is proportional to the square of the gas density. Stellar
winds from massive stars also contribute to the heating of the ISM, although their
contribution, in most of the astrophysical situations, is substantially smaller than
that of supernovae, with the exception of the very early stages of a starburst where
they can dominate the energetics.

Supernova-driven galactic wind models have become very popular in the last
years since they seem to reproduce well the chemical and photometric properties
of elliptical galaxies, together with the observed abundances of heavy elements
in the ICM and the observed scatter in the properties of dwarf irregular and blue
compact galaxies. The ordinary galactic wind is made of ambient ISM, where the
metals produced and ejected by stars are normally well-mixed with the pre-existing
medium. Therefore, in general, the element abundances in the wind should reflect
those of the ISM. However, supernova explosions can produce chimneys which
eject outside the galaxy mostly the SN ejecta, namely, metal enriched material. This
process can give rise to the so-called metal-enhanced or biased winds. This is very
likely to occur in dwarf starburst galaxies because of their lower potential well.

However, it is very difficult to assess how much energy is deposited from winds
and supernovae into the ISM and how much is lost (these processes are generically
called feedback). This is a key problem in galaxy formation and evolution that
will certainly be developed in the future thanks to the advent of more and more
sophisticated dynamical and chemical evolution models. Another fundamental
parameter which enters in the development of a galactic wind is the potential well
of the considered galaxy and, therefore, involves the problem of dark matter halos.

In galactic chemical evolution models, we can only parametrize the galactic
winds and here we recall the most common parametrizations :

• A continuous wind rate proportional to the SFR, a formulation which has been
applied in models predicting the evolution of starburst galaxies, namely:

�
d�gas

dt

�
wind

D � .t/; (2.35)

where w is a free parameter measuring the efficiency of the galactic wind. If we
want to express the rate of galactic wind per chemical element, i , we can write:

�
d�gasXi

dt

�
wind

D �i .t/; (2.36)

where Xi is the ISM abundance of the element i . The efficiency �i is assumed to
be constant in a normal wind, while different efficiencies for different elements
characterize a metal-enhanced wind (see next chapters). In other words, one
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can assume that mostly metals are lost in a galactic wind. Enriched galactic
winds can explain some anomalous abundance ratios observed in some starburst
galaxies, such as for example the dwarf galaxy IZw18, where it is observed
an almost solar N/O ratio, very difficult to reproduce by adopting the standard
stellar nucleosynthesis and normal galactic winds. Another example is the high
�Y=�Z ratio (namely, the enrichment of helium relative to metals during the
galactic lifetime) observed in dwarf irregular and blue compact galaxies. In this
case, an enriched wind, of the type described before, produces a good agreement
with the observed�Y=�Z.

• A sudden wind occurring when the thermal energy of the gas exceeds its binding
energy and all the gas present is lost. This is the case of the supernova-driven
models adopted by some authors for studying the evolution of elliptical galaxies.

Observationally, galactic winds have been detected in dwarf irregular galaxies
by comparing the speed of the observed gas outflow with the galaxy escape velocity
and the suggestion is that the gas outflows at a rate proportional to the SFR (see
Chap. 7).



Chapter 3
Simple Models of Chemical Evolution

3.1 Basic Assumptions of the Simple Model

In this section, we follow the definition of the Simple model as given in Tinsley
(1980); in particular, the Simple model is based on the following assumptions:

• The system is one-zone and closed, namely, there are no inflows or outflows
• The initial gas is primordial, namely, metal-free
• '.m/ is constant in time
• The gas is well-mixed at any time.

We start by defining:

� D Mgas

Mtot
(3.1)

as the fractional mass of gas, with:

Mtot D M� CMgas; (3.2)

where M� is the mass in stars (dead and living). Possible non-baryonic dark matter
is not considered.

From (3.1) and (3.2) it follows that:

M� D .1 � �/Mtot: (3.3)

The global metallicity is defined as:

Z D MZ

Mgas
; (3.4)

whereMZ is the mass in the form of metals (all the elements heavier than He).
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54 3 Simple Models of Chemical Evolution

The initial conditions are:

Mgas.0/ D Mtot (3.5)

Z.0/ D 0: (3.6)

The equation for the evolution of the gas in the system is:

dMgas

dt
D � .t/ C E.t/; (3.7)

whereE.t/ is the rate at which dying stars restore both the enriched and unenriched
material into the ISM at the time t . This quantity can be written as:

E.t/ D
Z 1

m.t/

.m �MR/ .t � �m/'.m/dm; (3.8)

where m.t/ is the mass of the star born at the time t D 0 and dying at the time
t , MR is the mass of the stellar remnant, .m � MR/ is the total mass ejected from
a star of initial mass m and �m is the lifetime of a star of initial mass m. When
(3.8) is substituted in (3.7), one has an integer-differential equation which can be
solved analytically only by making a simplifying assumption, namely, by assuming
instantaneous recycling approximation (IRA). The hypothesis of IRA states: all
stars with masses m < 1Mˇ live forever, while all stars with mass m � 1Mˇ
die instantaneously. This approximation allows us to neglect the stellar lifetimes in
(3.8) and to define the following quantities:

R D
Z 1

1

.m�MR/'.m/dm; (3.9)

which is the total mass fraction restored into the ISM by a stellar generation. We
speak of fraction because R is divided by

R 100
0:1

m�.m/dm D 1, which represents
the normalization condition of the IMF (see Chap. 2). The quantity R is a constant
unless one assumes that the amount of mass lost by a star is a strong function of
metallicity. Under rather standard assumptions concerning the IMF and the m vs.
MR relation, one can find that R D 0:20 � 0:50.

The other important quantity is the yield per stellar generation defined as:

yZ D 1

1 � R

Z 1

1

mpZm'.m/dm; (3.10)

where the quantity pZm is the fraction of newly produced and ejected metals by a
star of mass m, in other words the stellar yield.

Under IRA, (3.8) can now be written as :

E.t/ D  .t/R (3.11)
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and consequently (3.7) as:

dMgas

dt
D � .t/.1 � R/: (3.12)

Now we write the equation for the evolution of metals:

d.ZMgas/

dt
D �Z .t/ C EZ.t/; (3.13)

where:

EZ.t/ D
Z 1

m.t/

Œ.m �MR/Z.t � �m/CmpZm� .t � �m/'.m/dm; (3.14)

and the first term in the square brackets represents the mass of pristine metals, which
are restored into the ISM without suffering any nuclear processing, whereas the
second term contains the newly formed and ejected metals. This formulation is not
the original one of Tinsley (1980), and it has been suggested by Maeder (1992). In
fact, Tinsley had originally written (3.14) as:

EZ.t/ D
Z 1

m.t/

Œ.m �MR �mpZm/Z.t � �m/CmpZm� .t � �m/'.m/dm;
(3.15)

then Maeder realized that it was not correct to sum and subtract the same quantity,
mpZm, and his argument goes like that: if we consider all the chemical elements
and not only metals, the total amount of mass ejected in the form of an element i
with abundance Xi , which can be either produced, destroyed or both by a star of
mass m, is:

Eim D .m �MR/Xi .t � �m/Cmpim: (3.16)

If now we sum over all the elements, we should obtain the total mass ejected by
a star of mass m of an element i , both newly produced and already present in the
star: X

i

Eim D
X
i

Xi.t � �m/ � .m �MR/Cm
X
i

pim: (3.17)

Therefore,
P

i Eim D m �MR, as expected: in fact,
P

i Xi D 1 and
P
pim= 0, if

one considers both elements produced (e.g., metals) and destroyed (e.g., H and D).
Let us come back to metals: under the assumption of IRA equation (3.14)

becomes:
EZ.t/ D  .t/RZ.t/C yZ.1 � R/ .t/; (3.18)

and when EZ is substituted in (3.13), after some algebraical manipulation, one
obtains:

dZ

dt
D yZ.1 �R/ .t/: (3.19)



56 3 Simple Models of Chemical Evolution

Dividing now (3.19) by (3.12), we obtain:

dZ

dMgas
Mgas D �yZ; (3.20)

which has the following solution:

Z D yZ ln

�
1

�

�
: (3.21)

obtained after integrating between Mgas.0/ D Mtot and Mgas.t/ and Z.0/ D 0

and Z.t/. It is worth noting that in the formalism of Tinsley, the same solution was
obtained by adopting (3.15) instead of (3.14) and assuming that Z << 1, which is
always true in astrophysical sites. It is also worth recalling that solution (3.21) is
valid for a primary element, namely, an element whose production is independent
of the initial stellar metallicity. This is not always the case, as we will see in the next
section. It is worth noting that this solution is independent of the SFR, and this is an
advantage, given the still uncertain knowledge of the star formation process.

The yield which appears in (3.21) is known as effective yield, simply defined as
the yield yZeff that would be deduced if the systems were assumed to be described
by the Simple model.

Therefore, the effective yield is:

yZeff D Z

ln.1=�/
: (3.22)

If yZeff >yZ (the true yield), then the actual system has attained a higher metal-
licity for a given gas fraction �. Clearly, the real yield will be always lower than
the effective one in both cases of winds and infall of primordial gas. The only way
to increase the effective yield is to assume an IMF more weighted towards massive
stars than the standard Salpeter IMF.

3.1.1 Secondary Elements and the Simple Model

We remind here that a chemical element is secondary if it is produced proportionally
to the initial metallicity in the star. Typical secondary elements are 14N and 13C
which are the by-products of the CNO-cycle, and the s-process elements which are
produced by neutron capture on the pre-existing Fe nuclei. Actually, they are tertiary
elements since the neutron flux depends itself upon the stellar metallicity Z.

Let us consider the abundance of a secondary element XS with a primary seed
with abundanceZ, and be psm the fraction of matter produced and restored into the
ISM by a star of mass m and metallicity Zˇ in the form of the secondary element.
For a generic metallicityZ, the yield of the secondary element produced and ejected
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by a star of mass m is psm.Z=Zˇ/. Therefore, the matter ejected in the form of the
newly produced secondary element by an entire stellar generation is:

ES1 D
Z 1

m.t/

mpsm
Z.t � �m/

Zˇ
 .t � �m/'.m/dm; (3.23)

which should be summed to the matter ejected in the form of the secondary element
already present in the star:

ES2 D
Z 1

m.t/

.m �MR/XS.t � �m/ .t � �m/'.m/dm: (3.24)

Therefore:
ES D ES1 C ES2 (3.25)

which substituted into (3.13) and assuming IRA leads to:

Mgas
dXS

dt
D yS.Z=Zˇ/.1 �R/ (3.26)

which transforms into:

Mgas
dXS

dMgas
D �yS

�
Z

Zˇ

�
(3.27)

after dividing by (3.12). By recalling (3.20), (3.27) transforms into:

dXS

�
� yZ

dZ

�
D �yS

�
Z

Zˇ

�
: (3.28)

This equation can be integrated analytically under the initial conditions of the
Simple closed-box model to give:

XS D 1

2

�
yS

yZZˇ

�
Z2: (3.29)

This means that for a secondary element, the Simple closed-box model predicts
that its abundance increases proportionally to the metallicity squared, namely:

XS / Z2: (3.30)

From the discussion above, we infer that, if we apply to a galaxy or to a galactic
region the solutions of the Simple closed box model with IRA, we should expect a
primary element with abundance ŒXP=H� to evolve independently of the initial stellar
metallicity [Z/H], namely ŒXP=Z�=cost over the whole range of [Z/H], whereas we
expect a secondary element to behave in such a way that the ratio of its abundance
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relative to [Z/H] grows linearly with [Z/H], namely ŒXS=Z� / ŒZ=H�. This is clearly
an oversimplification, as we will see later, because ignoring the stellar lifetimes is a
quite poor approximation for elements mostly produced by long-lived stars.

3.1.2 The Fraction of All Stars with Metallicities � Z

From (3.3) we can calculate the fraction of all stars that had been formed while the
gas fraction was � �:

M�
M�1

D 1 � �

1 � �1 ; (3.31)

where the subscript 1 represents the present time value. Having in mind (3.21), we
see that all of these stars were formed with metallicities � yZln�

�1. Therefore, the
fraction of all stars with metallicities � Z , indicated by S.Z/, can be written as:

S.Z/ D 1 � exp.�Z=yZ/
1 � �1 : (3.32)

It is useful to eliminate the yield yZ from this expression by using the relation
yZ D Z1

ln��1
1

, with Z1 being the present time metallicity, so that S.Z/ can be written

in terms of the ratio Z=Z1 and the present time gas fraction:

S.Z/ D 1 � �
Z=Z1
1

1 � �1 : (3.33)

If one compares this distribution with a log-normal approximation to the data
for stars in the solar neighborhood, one finds that the simple model of chemical
evolution predicts too many metal poor stars than observed. This is known as the
“G-dwarf problem” (see next section) and shows how one or more assumptions of
the Simple model need to be relaxed.

3.2 Failures of the Simple Model

The G-dwarf problem was discovered by van den Bergh (1962) and Schmidt (1963):
it consists in the fact that the Simple model predicts too many stars with metallicity
[Fe/H]� �1.0 dex relative to the observations. One of the most obvious solutions
to the G-dwarf problem is to relax the assumption that the solar neighborhood
evolves as a closed box and to allow for the existence of gas infall. In particular, by
assuming that the solar vicinity is formed by slow infall of gas, one can obtain a good
agreement with the observational data. This kind of model has been extensively
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Fig. 3.1 Cumulative stellar metallicity distribution. S(Z) is the fraction of stars having metallici-
ties �Z, with a maximum value Z1 (taken as 2Zˇ). Solid line: log-normal representation of the
data for the solar neighborhood. Long dashes: the prediction of the Simple model for the chemical
evolution. Short dashes: the prediction of the extreme infall model. Dots: prediction of a model
with a finite initial metallicity. From Tinsley (1980); reproduced here by kind permission of Gordon
and Breach Science Publishers (copy right 1980)

studied and it will be discussed later in great detail. In Fig. 3.1, we show an
illustration of the G-dwarf problem. In the same figure, it is also shown the case
called extreme infall, namely, when the infall rate exactly balances the SFR plus the
rate of matter restitution from dying stars (see later).

An obvious solution to the G-dwarf problem is the pre-enrichment of the gas
which formed the disk. This gas could have been enriched either by a pre-galactic
stellar generation (Pop III) or by the gas shed from the halo, although this latter
hypothesis is at variance with the specific angular momentum of stars in the disk
and the halo. In fact, Wyse and Gilmore (1992) showed that the specific angular
momentum of halo and disk stars is quite different, indicating that the gas of the
halo did not form the disk.

Analytically, the solution of the Simple model with pre-enrichment is:

Z D Z0 C yZ ln.��1/; (3.34)

where Z0 is the initial metallicity of the gas. This solutions leads to:

S.Z/ D 1 � �
.Z�Z0/=.Z1�Z0/
1

1 � �1 ; (3.35)

and this solution can solve the G-dwarf problem, as shown in Fig. 3.1.
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Fig. 3.2 The G-dwarf metallicity distribution observed by Rocha-Pinto and Maciel (1996)
(histogram) compared with the prediction of a closed-box model with IMF variable in time: in
particular, the adopted IMF is with two slopes and it has been chosen in such a way to obtain a
slope of x D 1:35 for M > 5Mˇ at the present time and a flatter slope at early times. Figure and
model from Martinelli and Matteucci (2000)

Finally, another assumption that can be dropped is the constancy of the IMF, in
particular, one should assume that the IMF was flatter at early than at late times. As
a consequence, less low mass stars form at low metallicity thus solving the G-dwarf
problem. Some justification for this can be found in the star formation theory and
in particular in the fact that a lower metal content, as it was at the beginning of the
disk formation, favors a higher Jeans mass.

In Fig. 3.2, we show a solution to the G-dwarf problem obtained by assuming a
variable IMF. However, it has been shown that no variable IMF which reproduce the
G-dwarf metallicity distribution (see Fig. 3.2) can, at the same time, reproduce all
the properties of the disk. In particular, an IMF flatter in lower metallicity regions
leads to an extremely flat, null, or positive abundance gradient along the disk, at
variance with observations.

3.3 Models with Gas Flows

The requirement with these models is that it is possible to find analytical solutions
only for specific relations assumed for the gas flows, as we will see next.
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The equation for the evolution of metals in the presence of gas flows decades
into:

d.ZMgas/

dt
D �Z.t/ .t/ C EZ.t/CZAA.t/ �Z.t/W.t/; (3.36)

where A.t/ is the accretion rate of matter with metallicity ZA and W.t/ is the rate
of loss of material from the system. If A.t/ D W.t/ D 0, (3.36) becomes (3.13).

Let us examine now the case of only outflow:
(a) A.t/ D 0, W.t/ ¤ 0.
The fundamental equations in this case are:

dMtot

dt
D �W.t/ (3.37)

dMgas

dt
D �.1 �R/ .t/ �W.t/ (3.38)

d.ZMgas/

dt
D �.1 � R/ .t/Z.t/C yZ.1 �R/ .t/ �Z.t/W.t/: (3.39)

The easiest way of defining W.t/ is to assume that it is proportional, through a
constant �, to the SFR plus the rate of recycling of material from stars:

W.t/ D �.1 �R/ .t/; (3.40)

where � � 0 is the wind parameter. In analogy with the case with no flows, after
some algebraical manipulations, one arrives at:

dZ

dMgas
D � yZ

Mgas.1C �/
; (3.41)

which can be integrated between 0 and Z(t) and between Mtot.0/ D Mgas.0/ and
Mgas.t/ obtaining:

Z D � yZ

1C �
lnŒMgas.t/=Mgas.0/� (3.42)

with:
Mgas.0/ D .�C 1/Mtot.t/ � �Mgas.t/; (3.43)

thus we obtain the solution:

Z D yZ

.1C �/
lnŒ.1C �/��1 � ��: (3.44)

It is clear that for � D 0, (3.44) becomes (3.21). The meaning of (3.44) is
immediately clear, the true yield is always lower than the effective yield in the
presence of outflows.
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The opposite case:
(b) A.t/ ¤ 0 and W.t/ D 0 leads to the following equations:

dMtot

dt
D A.t/ (3.45)

dMgas

dt
D �.1 �R/ .t/C A.t/ (3.46)

d.ZMgas/

dt
D �.1 � R/ .t/Z.t/C yZ.1 � R/ .t/CZAA.t/; (3.47)

where the accretion rate has been chosen to be:

A.t/ D �.1 � R/ .t/ (3.48)

and � is a positive constant different from zero. After some algebraical manipula-
tion one obtains:

Mgas
dZ

dt
D yZ.1 � R/ .t/C .ZA �Z/A.t/: (3.49)

The solution of (3.49) for a primordial infalling material (ZA D 0) and� ¤ 1 is:

Z D yZ

�
Œ1 � .�� .�� 1/��1/��=.1��/�: (3.50)

For � D 1, the solution is different and is known as the solution for the extreme
infall model, originally found by Larson (1972), where the amount of gas remains
constant in time (see next paragraph).

Finally, in the case in which both infall and outflow are present, namely, the
solution of (3.36), with A.t/ andW.t/ defined as above, is:

Z D yZ

�

�
1 � Œ.� � �/� .�� � � 1/��1�

�
����1

�
; (3.51)

for a primordial infalling gas (ZA D 0).

3.3.1 The Extreme Infall Model

Here, it is assumed that the star formation just balances the infall plus the stellar gas
loss rate:

 .t/ D A.t/CR .t/; (3.52)

so that:
Mgas D const: (3.53)
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In other words, in this case the total mass grows by infall, while the star formation
keeps the mass of gas constant. If we assume a primordial infalling gas (ZA D 0),
the solution for primary elements is:

Z D yZ.1 � e�ˇ/; (3.54)

where ˇ D ��1�1. The quantity (��1�1) represents the ratio between the accreted
mass and the initial mass. The extreme-infall solution shows that when � ! 0,
Z ! yZ . On the basis of this solution, too few metal poor stars are predicted in
comparison to the observations, as shown in Fig. 3.1.

For secondary elements in the case of the extreme infall, the abundance of a
secondary element grows even more rapidly than in the closed-box case (3.29). In
fact, the solution is:

XS D
�
yZyS

Zˇ

�
.1 � e�ˇ � ˇe�ˇ/: (3.55)

3.3.2 Models with Biased Galactic Winds

Observations and theory suggest that galactic winds are a common phenomenon in
galaxies (see next chapters). Hydrodynamical studies have favored the hypothesis
of metal-enhanced galactic winds, in the sense that the metals produced by SNe are
lost from a galaxy more easily than the global gas mainly made of H and He.

The case is similar to the one with global wind discussed before: the difference
lies in the definition of the galactic wind rate W.t/:

W.t/Zo D ˛Z�.1 �R/ .t/; (3.56)

whereZo is the metallicity of the outflowing gas which, in this case, can be different
from that of the galaxy ISM (Z) and can be defined as:

Zo D ˛Z; (3.57)

with ˛ > 1 being the ejection efficiency. In this case, the equations for metals
including also infall become:

d.ZMgas/

dt
D .1 �R/ .t/Œ�ZA C yZ � .�˛ C 1/Z�; (3.58)

where ZA, �, and � are the same parameters defined above.
The solution of this new equation is (Recchi et al. 2008):

Z D �ZA C yZ

�C .˛ � 1/�
�
1 � Œ.� � �/� .�� � � 1/��1�

�C.˛�1/�
����1

�
: (3.59)
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It is straightforward to see that if we put ˛ D 1 and ZA D 0 we resume (3.51). It
is worth noting that this solution is valid only for primary elements.

3.3.3 Analytical Solution for Galactic Fountains

In all the previous solution, the metallicity of the infalling gas has been assumed to
be zero. It is interesting to explore the case where the infalling gas is metal-enriched.
This case can describe the situation of the so-called galactic fountains, namely, the
gas that is expelled from the disk as a consequence of SN explosions and that instead
of being lost through a wind is falling back into the disk, pulled by the gravitational
potential of the host galaxy.

In such a case, we can define:

ZA D Zo D ˛Z; (3.60)

namely, the metallicity of the infalling gas is set to be equal to the one of the galactic
wind. Here we must necessarily assume that � � �, since the reservoir for the
infalling gas is provided by the gas expelled from the galaxy through galactic winds.
The solution in the presence of galactic fountains is (Recchi et al. 2008):

Z D yZ

.� ��/.˛ � 1/
�
1 � �

.� � �/ � .� � � � 1/��1	 .���/.˛�1/
����1

�
: (3.61)

3.4 Equations with Radial Flows

In general, radial flows can occur in the disks of spirals as a result of angular
momentum transfer by means of viscosity or gravitational interaction with a density
wave in the stellar disk. This process tends to concentrate the metals towards the
center of the galactic disk and can, in principle, be important for the formation of
abundance gradients along the disks.

We assume the formalism of Tinsley (1980) and consider a ring in the galactic
disk between the radius r and r C ır . The chemical evolution of this ring can be
studied by means of the equations described above. In particular, let us substitute
Mgas ! 2�rMgasır and  ! 2�r ır , where Mgas and  are now expressed as
surface densities. The net radial flow is then:

F.r/ � F.r C ır/ D �.@F=@r/ır; (3.62)

where F is expressed in Mˇyr�1 and it has a positive sign if directed outwards, a
negative sign if directed inward.
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In analogy, the metal flow is defined as:

Z.r/F.r/ �Z.r C ır/F.r C ır/ D �Z.@F=@r/ır � .@Z=@r/F ır: (3.63)

If we substitute these expressions for the gas and metal flow in the chemical
evolution equations, in particular in (3.46) and (3.47) where the radial flow
substitutes the infall term A.t/, we obtain:

@Mgas

@t
D �.1 �R/ � 1

2�r

@F

@r
; (3.64)

and

Mgas
@Z

@t
D yZ.1 �R/ � 1

2�r

@Z

@r
F: (3.65)

From the previous equation, one can see that a radial flow is consistent with an
almost steady-state abundance gradient:

@.Z=yZ/

@r
� 2�r

.1 �R/ 
F

: (3.66)

According to the above definition of radial flow, the abundance gradient will
be positive if the flow goes outwards and negative in the opposite case. Since in
the disks of spirals, including the Milky Way, negative gradients for metals are
observed, we are interested only in inwards radial flows.

The radial flow will induce the metallicity Z to change on a timescale given by:

�F � 2�r2
Mgas

jF j : (3.67)

We express now F in terms of velocity of the flow, namely:

jF j D 2�rMgasjvFj; (3.68)

where vF is the velocity of the gas flow. This implies:

�F � r

jvFj ; (3.69)

which is the radial flow timescale, and therefore:

@.Z=yZ/

@lnr
� �F

��
; (3.70)

where �� is the star formation timescale, namely, the time necessary to consume all
the gas in a given system and defined as:
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�� D Mgas

jdMgas=dt j D Mgas

.1 �R/ : (3.71)

We can clearly see from (3.70) that since �F is inversely proportional to jvFj,
the metallicity gradient will be favored by a slow gas flow. In particular, several
chemical evolution studies have suggested that the gradient disappears if the velocity
of the flow is jvFj > 2 km s�1. Observationally, it is not clear whether these radial
flows do really exist.

3.5 Limits of IRA

We have seen that in all the solutions where IRA has been applied, except for the
case with metal-enriched infall (ZA ¤ 0), it is true that the ratio between two
abundances of two generic primary chemical elements A and B is equal to the ratio
of the corresponding yields per stellar generation:

XA

XB
D yA

yB
: (3.72)

As a consequence of this, the ratio of two primary elements should be constant as
a function of time and metallicity, unless the IMF varies with time. This is not true,
as shown, for example, by the observed [˛/Fe] ratios in the solar vicinity, which are
larger than solar and roughly constant for [Fe/H]< �1.0 dex and then decline until
the solar value for larger metallicities (see Chap. 5). The common interpretation of
this behavior, known as “time-delay model” is that in the early phases of galactic
chemical enrichment, only SNe II contributed to the production of ˛-elements and
Fe in a proportion typical of the production ratio of these elements in massive
stars; then when SNe Type Ia started to appear with a time-delay relative to Type II
SNe, the [˛/Fe] ratio began declining due to the bulk of Fe produced and restored
into the ISM by SNe Ia. Therefore, the stellar lifetimes play a fundamental role in
the interpretation of abundances and abundance ratios in galaxies.

We deduce that in a realistic situation:

XA

XB
¤ yA

yB
; (3.73)

thus implying that the ratio of two primary elements cannot be used to impose con-
straints on the nucleosynthesis and IMF, as it is under IRA, and that consideration
of stellar lifetimes is a necessary ingredient to build detailed chemical evolution
models, as we will see in the next chapters.



Chapter 4
Numerical Models of Chemical Evolution

4.1 Complete Equations for Chemical Evolution

As we have seen in the previous chapter, the Simple model and in general models
adopting IRA fail in reproducing a large number of observational constraints,
such as the G-dwarf metallicity distribution and the abundance ratios, since they
predict that for primary elements the abundance ratios [X/Fe] should be constant as
functions of [Fe/H], at variance with observations. Therefore, it is necessary to drop
IRA and solve the complete equations of chemical evolution. A complete chemical
evolution model in the presence of both galactic wind, gas infall, and radial flows
can be described by a number of equations equal to the number of chemical species:
in particular, if Mi is the mass of the gas in the form of any chemical element i ,
we can write the following set of integer-differential equations which can be solved
only numerically, if IRA is relaxed:

PMi.t/ D � .t/Xi .t/C
Z MBm

ML

 .t � �m/Qmi.t � �m/'.m/dm (4.1)

CAB
Z MBM

MBm

'.m/
h Z 0:5

�Bmin

f .�B/ .t � �m2/Qmi .t � �m2/d�B

i
dm

C.1 � AB/

Z MBM

MBm

 .t � �m/Qmi.t � �m/'.m/dm

C
Z MU

MBM

 .t � �m/Qmi .t � �m/'.m/dmCXiA.t/A.t/

�Xi.t/W.t/CXi.t/I.t/;

whereMi can be substituted by �i , namely, the surface gas density of the element i .
In several models of chemical evolution, it is customary to use normalized variables
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which should be substituted to Mi.t/ or to �i .t/, such as for example:

Gi.t/ D �i .t/

�tot.tG/
D Mi.t/

Mtot.tG/
; (4.2)

with �i .t/ D Xi.t/�gas.t/, and �tot.tG/ (Mtot.tG/) being the total surface mass
density (mass) at the present time tG. The surface densities are more indicated for
computing the chemical evolution of galactic disks while for spheroids one can use
the masses. The quantityXi.t/ D �i .t/

�gas.t/
D Mi .t/

Mgas.t/
represents the abundance by mass

of the element i and by definition the summation over all the mass abundances of
the elements present in the gas mixture is equal to unity (2.2).

The first term in the right hand side of (4.1) represents the rate at which the
chemical elements are subtracted from the ISM to be included in stars, while the
various integrals represent the rate of restitution of matter from the stars into the
ISM and they include the contribution from Type Ia SNe, as introduced by Matteucci
and Greggio (1986). In particular, the first integral refers to the stars in the mass
range ML � MBm, with ML D m.t/ being the minimum mass dying at the time
t , and its minimum value is �0:8Mˇ. The second integral refers to the material
restored by Type Ia SNe, in other words by all the binary systems which have the
right properties to give rise to a Type Ia SN event. The rate here is calculated by
assuming the single-degenerate model (a C–O WD plus a red giant companion)
for the progenitors of these SNe. This kind of formulation is now widely adopted
and, therefore, it is worth mentioning its basic assumptions. The extremes of the
second integral represent the minimum (MBm) and the maximum (MBM) mass
allowed for the whole binary systems giving rise to Type Ia SNe. The maximum
mass is fixed by the requirement that the mass of each component cannot exceed
Mup D 8Mˇ, which is the assumed maximum mass giving rise to a C–O WD, thus
leading to MBM D 16Mˇ. The minimum mass MBm is more uncertain and it has
been considered as a free parameter. In the original formulation of the Type Ia SN
rate,MBm D 3Mˇ, in order to ensure that both the primary and secondary star would
be massive enough to allow the WD to reach the Chandrasekhar mass, MCh, after
accretion from the companion. The function f .�B/ describes the distribution of
the mass ratio of the secondary (�B DM2=MB) of the binary systems (see later).
The parameter AB is a free parameter representing the fraction, in the IMF, of
binary systems with the right properties to give rise to SNe Ia and is obtained by
fitting the present time Type Ia SN rate in the studied galaxy. The IMF is '.m/.
The function describing the stellar lifetimes �m.m/ is a necessary ingredient if one
decides to integrate the complete equation (4.1). The time �m2 is the lifetime of the
secondary star in the binary system giving rise to a SN Ia, and represents the clock
of the system. The differences between various prescriptions for the stellar lifetimes
found in the literature are shown in Fig. 4.1. These relations have uncertainties
related to the different stellar models and the physics included into them. The figure
shows that the major differences are found in the range of low and very low mass
stars; therefore, we should expect differences in the predicted evolution of elements
mostly produced in those mass ranges, such as 3He and 7Li.
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a

b

Fig. 4.1 Different relations proposed in the literature for stellar lifetimes: (a) Maeder and Meynet
(1989, dots); Tinsley (1980, pentagons); Schaller et al. (1992, stars); Padovani and Matteucci
(1993, empty circles); Kodama (1997, filled circles); Portinari et al. (1998, asterisks). (b) Zooming
of the 1–10 Mˇ stellar mass range. Figure from Romano et al. (2005)

The third integral represents the mass restored by single stars with masses in the
range MBm � MBM; they can be either stars ending their lives as C–O WDs or as
Type II SNe (those with M > Mup which is normally assumed to be 8Mˇ).

The fourth integral refers to the material restored into the ISM by core-
collapse SNe.
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The quantity Qmi.t � �m/ D P
j Qij .m/Xj .t � �m/, where Qij .m/ is the

production matrix taking into account both the newly formed element i (originating
from the element j ) and the already present element i in the star at birth.Xj .t��m/
is the abundance of the element j originally present in the star and later transformed
into the element i and ejected. This formulation, originally discussed by Talbot and
Arnett (1971) and then implemented by Matteucci (2001) allows us to compute the
evolution of the abundance of any chemical element, either those produced such as
metals or destroyed (astration) inside stars such as H, D, and those both destroyed
and produced such as 3He, 4He, and 7Li.

Finally, the quantityWi.t/ D Xi.t/W.t/ represents the rate at which the element
i is lost through a galactic wind, whereas the quantity Ai.t/ D XiA.t/A.t/ is the
rate at which the element i is accreted through infall. Finally, the quantity Ii .t/ D
Xi.t/I.t/ represents the possible rate of radial gas flow along disks. Generally, one
assumes that the abundances of the infalling gas, XiA.t/, are constant in time and
do not contain metals. The star formation  .t/, the wind W.t/, the accretion A.t/,
and the inflow I.t/ rates should be defined as functions of either Mgas or �gas.

In summary, the most important facts about (4.1) are that the stellar lifetimes are
taken into account and that the SN Ia rate is computed in great detail.

4.2 The Star Formation Rate

The SFR indicates how many solar masses of gas or solar masses per unit
area go into stars per unit time. We have already mentioned some of the most
common parametrizations for the SFR in Chap. 2. Here we recall the most common
formulations of the SFR used in models of chemical evolution. The SFR often
adopted to compute the evolution of the disk of the Milky Way is generally a law
expressed in terms of surface gas density, namely, the Kennicutt law as described
in (2.6). We recall here that one needs to fix the value of the parameter � in (2.6).
This is a free parameter which physically describes the efficiency of star formation,
in other words the SFR per unit mass of gas, and it is fixed by reproducing the
present time SFR. The parameter � is expressed in units of time�1, in other words it
represents the inverse of the timescale of star formation, namely, the time necessary
to consume all the gas in a given galaxy. The exponent k of the surface gas density
is instead fixed by observations: in particular, k D 1:4�1:5 for the disk of the Milky
Way and spirals in general. In several models, it has been assumed that the SFR goes
to zero when the surface gas density reaches a critical threshold value, although the
existence of such a threshold is not yet clearly established.

However, the formulation (2.6) of the SFR has not often been used for computing
the chemical evolution of spheroids, such as ellipticals and bulges. In such cases,
it has been rather adopted a star formation law which is a function of the gas
mass instead of the surface gas density. The most common parametrization used
in those cases is:

 .t/ D �Mk
gas: (4.3)
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The parameter k for ellipticals and bulges is not known and for the sake of
simplicity it is advisable to use k D 1. Again � is a free parameter and for spheroids
it should be fixed by reproducing the present time chemical and photometric
properties of the studied objects.

For irregular star forming galaxies, one can use either this latter formulation
or (2.6). The reality is that we do not know enough about the star formation
process. However, in spite of the large uncertainties, the previous formulations have
proven to be very useful to model the star formation history of galaxies of different
morphological types, as we will see in the next chapters.

A formulation of the SFR for studying elliptical galaxies, adopted in several
semi-analytical models of galaxy formation following the �CDM paradigm, such
as in De Lucia et al. (2006), makes use of the surface gas density:

 .t/ D ˛.�cold � �crit/

tdyn
; (4.4)

where �cold and tdyn are the surface mass density of cold gas and the dynamical time
of the galaxy, respectively. In this formulation, the parameter ˛=tdyn is equivalent to
the parameter �, previously defined. The quantity �crit is the threshold gas density,
as defined before.

4.3 The Theoretical Supernova Rates

The theoretical supernova rates are quite important in computing the chemical evo-
lution of galaxies since their functional form and absolute values are fundamental
in determining abundance ratios between elements formed in different supernova
types as well as absolute abundances. For example, the delay in the occurrence of
Type Ia SNe relative to SNe II is very important to explain the behavior of several
elements relative to Fe, as we will see in the following chapters.

We describe here some methods to calculate the supernova rates in the framework
of chemical evolution models.

4.3.1 Type II Supernovae

The Type II supernova rate is easy to define:

RSNII D .1 � AB/

Z MBM

Mup

'.m/ .t � �m/dm (4.5)

C
Z MWR

MBM

'.m/ .t � �m/dm;
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where the extremes of the first integral are Mup, namely, the limiting mass for
the formation of a degenerate carbon/oxygen core, which is defined in the range
6�8Mˇ according to the treatment of convection (see Chap. 2), andMBM D 16Mˇ.
The mass MWR is the largest stellar mass exploding as a Type II SN. Above this
mass, single stars become Wolf–Rayet and explode as Type Ib/c SNe: the mass
MWR depends on the mass loss rate and this in turn depends on the initial stellar
metallicity. In fact, MWR can be as high as �60Mˇ for a metal poor chemical
composition and as low as �25Mˇ for a solar chemical composition. This is
because the stellar mass loss increases with increasing metallicity and stellar mass;
therefore, in a metal poor stellar generation, only very massive stars can loose
enough mass to become Wolf–Rayet stars. Normally, in chemical evolution models,
MWR is defined in the interval 40 � 100Mˇ.

4.3.2 Type Ib/c Supernovae

Type Ib/c supernovae can originate either from the explosion of single Wolf–Rayet
stars with masses larger than or equal toMWR, or from massive binary systems made
of stars with masses in the range 12 � M=Mˇ � 20, therefore we can write the
Type Ib/c SN rate as:

RSNIbc D
Z Mmax

MWR

'.m/ .t � �m/dm (4.6)

C˛Ib=c

Z 20

12

'.m/ .t � �m/dm;

whereMmax is the maximum mass assumed for existing stars and it can be as high as
100Mˇ or more (pair-creation SNe). Finally, ˛Ib=c represents the fraction of massive
binary systems in the range 12 � M=Mˇ � 20which can give rise to SNe Ib/c, and
is a free parameter. Considerations of the total fraction of binary systems (roughly
50% of all stars) and of the fraction of massive stars in the IMF suggest that this
fraction is ˛Ib=c D 0:15 � 0:30. This SN Ib/c rate is particularly interesting in
connection with the rate of the gamma-ray bursts: in fact, the GRB rate should be
a fraction of the SNIb/c rate owing to the fact that many GRBs have by now been
associated with such SN explosions.

4.3.3 Type Ia Supernovae

The Type Ia supernova rate is less easy to compute and depends on the assumed
model for the progenitors of these supernovae.
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In particular, if we assume the model of the C–O WD plus the red giant, as in
(4.1), the Type Ia supernova rate can be written as:

RSNIa D AB

Z MBM

MBm

'.m/
h Z 0:5

�Bmin

f .�B/ .t � �m2/d�B

i
dm; (4.7)

where the function f .�B/ is the distribution of the mass fraction of the secondary
star in the binary system, namely, �B D M2

.M1CM2/
, with M1 and M2 being the

primary and secondary masses of the system, respectively. This function is derived
observationally and it indicates that mass ratios close to unity are favored. In the
literature, it has often been written using the following expression:

f .�B/ D 21C� .1C �/�
�
B (4.8)

for 0 < �B � 1
2
. The quantity � has generally been used in the literature as a free

parameter with a preferential value � D 2. The lifetime �m2 refers to the lifetime
of the secondary star and represents the time elapsed between the formation of the
binary system and its explosion. If instead one adopts the double-degenerate model
for the progenitors of supernovae Ia, the supernova rate can be computed in the
following way:

RSNIa D Cq

Z Mmax

Mmin

'.M/
h Z sBmax

sBmin

 .t � �m � �gw/d logSB

i
dM; (4.9)

where C is a normalization constant, q D M2=M1 D 1 is the ratio between the
secondary and the primary mass, which in this scenario is assumed, for the sake of
simplicity, to be equal to unity. The masses M2 and M1 are defined in the interval
5–8Mˇ, and SB is the initial separation of the binary system at the beginning of the
gravitational wave emission.

The gravitational time-delay expressed in years, �gw, can be calculated from
Landau and Lifschitz (1962):

�gw D 1:48 � 108 .SB=rˇ/4

.M1=Mˇ/.M2=Mˇ/.M1=Mˇ CM2=Mˇ/
yr: (4.10)

This gravitational time-delay, for systems which can give rise to SNe of Type Ia,
varies from �106 to 1010 years and more.

4.4 A More General Formulation for the Type Ia
Supernova Rate

A more general formulation for the SN Ia rate has been proposed by Greggio (2005)
and it is based on the concept of the delay time distribution (DTD), namely the
function which describes how the SN Ia progenitors die as a function of time, and
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Fig. 4.2 The normalised time-delay distribution function (DTD) as obtained from (4.7) according
to Matteucci and Recchi (2001)

it refers to an instantaneous starburst, namely, to a single stellar population. Then,
the SN Ia rate is simply obtained by the convolution of a given DTD function with a
given SFR. This formulation allows us to include any function to describe the DTD
which is not necessarily reproducing the two most common supernova progenitor
scenarios: the single degenerate and the double degenerate.

As an example, in Fig. 4.2 we show the normalized DTD based on the SD
progenitor model representing the rate described in the previous paragraph. In
particular, it represents the results of (4.7). The assumed IMF is the one-slope
Salpeter (1955) one.

In this way, the Type Ia SN rate for any given SFR can be derived by following
the formalism developed by Greggio (2005), who provided several different DTDs
which can describe many progenitor models for SNe Ia.

In particular, we can write:

RSNIa.t/ D k˛

Z min.t;�x/

�i

AB.t � �/ .t � �/DTD.�/d�; (4.11)

where AB.t � �/ is the fraction of binary systems which can give rise to Type Ia
SNe, in analogy with (4.7) and in principle it can vary in time. It is worth noting that
the fraction AB in this new formulation has a different meaning than in the old one.
In particular, in the new formulation is the fraction of binary systems, with those
particular characteristics to give rise to Type Ia SNe, relative to the whole range of
star masses (0.1–100Mˇ), not only relative to the mass range 3–16Mˇ, as it is in
the old formulation. The time � is the total delay time defined in the range .�i ; �x/
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so that: Z �x

�i

DTD.�/d� D 1; (4.12)

where �i is the minimum delay time for the occurrence of Type Ia SNe, in other
words is the time at which the first SNe Ia start exploding. If one wants to consider
the SD scenario for the SNIa progenitors, it must assume that �i is the lifetime of a
8Mˇ, while for �x , which is the maximum delay time, the lifetime of a 0:8Mˇ can
be considered.

Finally, k˛ is the number of stars per unit mass in a stellar generation and contains
the IMF. In particular:

k˛ D
Z mU

mL

'.m/dm; (4.13)

wheremL D 0:1Mˇ andmU D 100Mˇ.
The normalization condition for the IMF is the usual one:

Z mU

mL

m'.m/dm D 1: (4.14)

The advantage of this formulation based on the DTD is that one can test also
empirically derived DTDs, as it is the case for the so-called bimodal DTD. This
bimodal DTD, derived by observations of supernovae in radio galaxies, describes
a situation where 50% of all SNe Ia explode during the first 100 Myr since the
beginning of star formation (prompt SNe Ia), while the other 50% explode with
larger delays as long as the Hubble time and more (tardy SNe). This DTD, shown
in Fig. 4.3, can be analytically approximated by the following expressions:

log DTD.t/ D 1:4 � 50.log t � 7:7/2 (4.15)

for t < 107:93 yr, and

log DTD.t/ D �0:8 � 0:9.log t � 8:7/2 (4.16)

for t > 107:93 yr, where the time is expressed in years.
A possible justification for this strongly bimodal DTD can be found in the

framework of the SD model for the progenitors of Type Ia SNe. In fact, such a DTD
can be found if one assumes that the function describing the distribution of mass
ratios inside the binary systems, f .�B/, as defined before, is a multi-slope function.
In particular, a slope � D 2:0 should be assumed for systems with stars in the mass
range 5–8 Mˇ, whereas a negative slope (� � �0:8= � 0:9) should be adopted for
masses lower than 5Mˇ. This choice means that in the range 5–8Mˇ are preferred
the systems where M1 � M2, whereas for lower mass progenitors are favored
systems whereM1 � M2. However, this expression for f .�B/ should be compared
with observational estimates of the mass ratio distribution function. In general, there
is not yet an agreement on a universal form for the f .�B/ or the f .q/ (q D M2

M1
)
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Fig. 4.3 The normalised time-delay distribution function (DTD) as obtained from (4.15) and
(4.16), according to Mannucci et al. (2006). It is worth noting that, in order to simplify the
comparison, it has been imposed that the number of SNe Ia in the Matteucci and Recchi (2001)
formulation (i.e., the integral of the rate in Fig. 4.2) be the same as the number of SNe Ia obtained
with the bimodal DTD

functions, due to the fact that most stellar samples and observational techniques are
affected by observational biases. Tutukov and Yungelson (1980) suggested a one-
slope f .�B/ function with � D 2:0 (4.8), whereas Duquennoy and Mayor (1991),
from a sample of solar type stars, suggested a one-slope function with a value of
� D �0:35. Kouwenhoven et al. (2005) from A and B type stars in the Scorpius–
Centaurus association found instead a f .q/ D q�0:33, while Shatsky and Tokovinin
(2002), by studying B stars always in the Scorpius–Centaurus association, suggested
f .q/ D q�0:55. Hogeveen (1992) studied the mass ratio distribution of spectroscopic
binaries and obtained f .q/ / q�2 for q > qo with qo D 0:3, whereas for q < qo
he found a flat distribution. He also estimated that a fraction of 19–45% of the
stars in the solar neighborhood are spectroscopic binaries. Finally, for stars with
masses in the range 10–20Mˇ, Pinsonneault and Stanek (2006) found evidence for
the existence of two distinct classes of binary systems, each one contributing to
about half of the systems: one being characterized by two stars of similar mass and
the other by a flat distribution of mass ratios.

Another common scenario for Type Ia SN progenitors is the DD model, as
discussed previously. In order to compute the DTD of the double-degenerate model,
for both wide and close channels, we should refer to systems with 2Mˇ �
M1;M2 � 8Mˇ, from which most double C–O WDs form. Typically, the WD
mass of both components ranges between 0.6 and 1.2 Mˇ, so that the lifetime or
nuclear time, �nx D �m, ranges between 0.03 and 1 Gyr. The DTD depends on the
distributions of both �nx and �gw, with early explosions provided by systems with
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short �nx and short �gw. The total delay time is then given by � D �nx C �gw, with
�gw ranging between 1 Myr and a maximum value that is larger than � � �nx (some
gravitational delay times can be longer than a Hubble time) in the wide double
degenerate scheme. The wide binary model provides, in fact, total delay times long
enough to explain the existence of SNe Ia in ellipticals, which have stopped forming
stars several Gyr ago (see Chap. 6). On the other hand, in the close DD case the
maximum delay time is not long enough and is given by (Greggio 2005):

log �gw D min.�16:66C 3:17 log �nxI 6:02C 0:52 log �nx/ (4.17)

with the delay times expressed in years.
The DTDs proposed for the wide and close DD schemes discussed above

essentially depend on the following parameters:

• The distribution function of the final separations, which follows a power law:
n.SB/ / S

ˇa
B

• The distribution of the gravitational delay times, which follows a power law,

n.�gw/ / �
ˇg
gw, being �gw / S4B, and with particular values for ˇg according to the

different scenarios
• The maximum nuclear delay time, �nx D �m, corresponding to the nuclear

lifetime of a star of about 2Mˇ. However, the likelihood of a successful explosion
may well be decreasing as M2 approaches this value, due to the requirement that
the total mass of the binary system, MDD D M1R CM2R, where M1R and M2R

are the masses of the WDs, should exceed the Chandrasekhar mass. Therefore,
one can treat �nx as a parameter and compare the results obtained adopting 0.4,
0.6, and 1 Gyr, corresponding to the lifetimes of a 3, 2.5, and 2 Mˇ, respectively

In Fig. 4.4, it is shown that the DTD for the wide double degenerate scenario with
�m D 0:4Gyr, ˇ˛ D �0:9, and ˇg D �0:75 results to be the best one in order to
reproduce the observed Type Ia SN rates in galaxies. It is interesting to know that in
the double degenerate wide binary scenario, the fraction of prompt Type Ia SNe is
only 7% to be compared with the 13% of the SD scenario (4.7) and with the 50% of
the bimodal scenario ((4.15) and (4.16)).

4.4.1 Other Empirical DTDs

Besides the bimodal DTD, which was derived empirically from observations of
Type Ia SN rates in radio galaxies, other empirical DTDs have been suggested. In
particular, a suggestion came on the basis of observations of the cosmic Type Ia
SN rate. They suggested a DTD with no prompt Type Ia SNe and with a maximum
occurring at 3–4 Gyr since the beginning of star formation.

A direct determination of the DTD function has been reported by Totani et
al. (2008), on the basis of the faint variable objects detected in Subaru/XMM-
Newton deep survey (SXDS). They concluded that the DTD function is inversely
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Fig. 4.4 The DTD for the DD wide binary model as progenitor of Type Ia SNe. The model is
from Greggio (2005), the parameter ˇalpha represents the exponent of the distribution of the final
separations of binary systems, whereas the parameter �nx is the maximum nuclear delay time (the
maximum lifetime of the secondary star). The paramater ˇg D �0:75 is the exponent of the
distribution of the gravitational time-delay �gw. The adopted values for the parameters are the best
to reproduce the observed Type Ia SN rates in galaxies. Figure from Valiante et al. (2009)

proportional to the delay time, i.e., the DTD can be well-described by a featureless
power law (DTD / t�n, with n � 1).

Another suggestion came from similar studies suggesting a DTD / t�0:5˙0:2,
with a fraction of prompt SNe Ia of only 4%. In Fig. 4.5, we show all the discussed
DTDs, except the DTD / t�1since it is similar to the DTD referring to the DD
model.

These different DTDs produce different Type Ia SN rates in galaxies when
convolved with a star formation history; therefore, one can try to impose constraints
on the various DTDs by fitting the SN Ia rates in galaxies, as well as their chemical
abundances and in particular Fe. Some tests have been performed (see Chap. 5)
and it turned out that for the Milky Way galaxy one should still prefer the single
degenerate and the double degenerate DTDs, as described above. When adopting
the DTD with very few or no prompt Type Ia SNe, the [˛/Fe] ratios as well as
the G-dwarf metallicity distribution result at variance with observations. This result
indicates that some prompt Type Ia SNe should exist, and their percentage should
be between 7 and 20%: a percentage of 50%, as suggested by the empirical bimodal
DTD, seems too high.
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Fig. 4.5 Various DTD functions normalized to their own maximum value: the continuous blue
line is the DTD of (4.7) for the SD scenario; the long dashed green line is the DTD of Greggio
(2005) for the DD wide channel (Fig. 4.4); the dotted magenta line is the DTD for the DD close
channel of Greggio (2005); the dashed red line is the bimodal DTD of Mannucci et al. (2006);
the short dashed–dotted black line is the DTD of Strolger et al. (2004) derived from the observed
cosmic Type Ia SN rate, the cyan long dashed–dotted line is the DTD of Pritchet et al. (2008) with
DTD / t�0:5˙0:2. Figure from Matteucci et al. (2009)

4.5 The Theoretical Nova Rate

As we have seen, novae can be relevant objects to the production of 7Li, 13C, 15N,
and 17O as well as some radioactive isotopes (22Na and 26Al). They are binary
systems containing a WD and a low mass MS star, and their rate has been computed
by assuming that it is proportional to the formation rate of C–O WDs.

In particular:

Rnova.t/ D ı

Z 8

0:8

 .t � �m2 ��t/'.m/dm; (4.18)

where ı is a free parameter representing the fraction of WDs which belong to binary
systems of the type giving rise to nova systems, and is fixed by reproducing the
observed present time nova rate (outburst rate) after assuming that each nova system
would suffer roughly a number n ' 104 outbursts during its lifetime. The quantity
�t � 1Gyr represents the time-delay between the formation of the WD and the first
nova outburst.

This time-delay is obtained by assuming that the companion of the WD is a low
mass star, as it is observed for classical novae, and therefore with lifetimes of the
order of one or more billion years.
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Fig. 4.6 Predicted birthrates of WDs (labeled WD) and nova systems (labeled NOVAE) as
functions of the Galactic age. The parameter ı D 0:01 is chosen to fit the present time observed
rate of nova outburst in the Galaxy. The birthrates are expressed in units of number pc�2 Gyr�1.
The time of the birth of the Sun is indicated. Figure from D’Antona and Matteucci (1991)

In Fig. 4.6, the predicted nova (according to (4.18)) and the WD formation rates
for the solar vicinity are shown.

The nova rate as well as the supernova rates depend not only on their assumed
progenitors (namely, stellar mass ranges, binary or single stars, IMF, and common-
envelope efficiency) but also on the assumed star formation history.

If one wants to consider the contribution to chemical enrichment from novae, the
following term should be added to the right side of (4.1):

Rnova.t/ D ı

Z 8

0:8

 .t � �m2 ��t/Qmi.t � �m2/'.m/dm: (4.19)

Also in this case the stellar lifetime appearing in the above equation is the one of
the secondary star, in analogy with Type Ia SNe.

4.6 Galactic Winds

In most galactic evolutionary models including galactic outflows, it is assumed that
the wind rate is proportional to the SFR (see also (2.35)):

W.t/ D 	 .t/;
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where 	 is a free parameter measuring the efficiency of the wind and it is
dimensionless: it just tells us how many times the galactic outflow is more or less
efficient than the SFR. This kind of formulation is common also to semi-analytical
models of galaxy formation. The galactic outflow can be treated as a continuous
process depending on the star formation by means of SN feedback, or it can be
considered as an impulsive and sudden event which devoids the galaxy from all the
residual gas, as we will see in the next chapters.

4.7 The Infall Rate

Most of chemical evolution models assume that the disk of the Milky Way and
possibly also of other galaxies formed by accretion of gas which can be fast or slow.
A fast gas accretion is adequate to describe the formation of spheroids, whereas
a slow mass accretion better represents the formation of galactic disks. The most
common formulation for the gas accretion is given by an exponential law:

A.t/ D ae�t=� ; (4.20)

although some models have assumed a constant gas accretion rate. The parameter a
is a free one and it is fixed by integrating (4.20) until the present time and imposing
to reproduce the present time total baryonic mass or total surface mass density.

Another formulation for the gas infall is the Gaussian one:

A.t/ / e.t�to/2

2�2
; (4.21)

adopted to describe the formation of the stellar halo of the Milky Way (see Chiappini
et al. (2006)), with t0 D 0:1Gyr and � D 0:05.

4.8 The Gas Inflow Rate

The term I.t/ in (4.1) represents the rate of possible radial flows along galactic
disks. Such radial flows are expected as a dynamical consequence of gas accretion
onto the disk: in fact, the infalling gas has a lower angular momentum than the gas
in the disk, which is subjected to a circular motion, and when the infalling gas mixes
with that in the disk it induces a net radial flow directed towards the galactic center.
Another physical cause of radial gas flow is the gas viscosity which induces radial
inflows in the inner parts of disks and radial outflows in the outer parts of disks.
The typical velocity for such radial flows is 0:1 km s�1, as we have seen already in
Chap. 2. Before writing the radial gas flow rate, we should divide the galactic disk
into several concentric shells, characterized by the galactocentric distance rg.
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Then the gas inflow rate Ii .r; t/, for the chemical element i , expressed as a
function of time and galactocentric distance, can be written as:

�
d

dt
Ii .rg; t/

�
D �ˇg �i .rg; t/C �g �i .rgC1; t/; (4.22)

where ˇg and �g are, respectively:

ˇg D � 2

rg C rg�1CrgC1

2

�
vg� 1

2

rg�1 C rg

rgC1 � rg�1

�
; (4.23)

�g D � 2

rg C rg�1CrgC1

2

�
vgC 1

2

rg C rgC1
rgC1 � rg�1

�
; (4.24)

with g referring to a specific shell in the galactic disk and �i representing the surface
gas density of the element i . The velocity of the gas flow vg is negative in the case
of inflow. The negative term �ˇg�i .rg; t/ represents the gas flowing out of the gth
shell to enter into the .g � 1/th shell, whereas the positive term �g�i .rgC1; t/ is the
gas entering the gth shell and coming from the .g C 1/th shell.

In this particular kind of formulation, one assumes that there is a defined outer
edge in the disk and the gas starts flowing from that edge towards the galactic center.
In other words, there is no gas flowing into the edge from outside. The reason
for that resides in the fact that for galactocentric distances larger than let us say
18 kpc, there is practically no gas in the majority of spiral disks. However, for a
more complete treatment of radial flows, the interested reader can look at Portinari
and Chiosi (2000). As we have already discussed in Chap. 2, radial gas flows can
have important effects on the formation of radial abundance gradients along galactic
disks.

4.9 Methods of Resolution of the Complete Chemical
Evolution Equations

4.9.1 Closed-Box Model

The complete equations of chemical evolution can be solved by adopting the
numerical solution originally suggested by Talbot and Arnett (1971) with the
addiction of the infall, wind, and radial flow terms. In the original formulation of
Talbot and Arnett, there are no gas flows (closed-box model) and the chemical
equations are written in terms of Gi (4.2), namely:

d

dt
Gi .t/ D �Q�.t/Gi .t/C 
i .t/; (4.25)
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with G.t/ D �gas.t/=�tot.tG/ and Q� D  .t/=G.t/. The SFR,  .t/, is also expressed
in terms of G.t/ and the quantity 
i is equal to the sum of all the integrals of (4.1).

The integration of (4.25) over a time step �t D tnC1 � tn is performed by
assuming that both Q� and 
i can be considered constant in a time interval, if the
time interval is small enough. For this simplification, an iterative procedure is then
required. Each of these quantities are then evaluated at the middle point of the time
interval�t , namely, at tnC1=2 D tn C�t=2.

Under this approximation, we can write:

Gi.t
nC1/ D Gi.t

n/ exp.�Q��t/C 
i Q��1Œ1 � exp.�Q��t/�; (4.26)

and the iterative solution of this equation can be performed in two ways:

(a) Iterating only upon Q�
(b) Iterating upon Q� and 
i at the same time

However, iteration (b) provides a very little improvement over iteration (a) since
Q� enters in the exponentials, whereas 
i enters only linearly. Moreover, Q� involves
G at tn and at tnC1, whereas 
i involves G at past times. In fact, 
i represents the
rate at which the element i is restored by dying stars and it depends on the values of
G at the times at which the stars were born. Numerical experiments have shown that
the iteration (a) is fully adequate. The final solution is then obtained by defining as
G
.j /
i the value of the best estimate forGi.tnC1/ at the jth iteration and by computing

successive corrections ı.jC1/ where:

Gi.t
nC1/ D G

.j /
i Œ1C ı.jC1/�: (4.27)

From (4.26) and (4.27), we can now derive:

ı.jC1/ D .G
j
i � Ai/=.Bi �Gj

i /; (4.28)

where:
Ai D exp.�Q��t/ŒGi .tn/ � 
i= Q��C 
i= Q�; (4.29)

and:

Bi D 1

2

�
@ln Q�
@lnG

�
Œexp.�Q��t/ � 1� ; (4.30)

where all the quantities are computed in the middle of the time step.
With these ı.jC1/ values, the Gj

i are updated to:

G
.jC1/
i D G

.j /
i Œ1C ı.jC1/�; (4.31)

and the iteration continues until each ı.jC1/ is less than some preassigned ımax.
Generally, numerical simulations have shown that ımax � 10�3 is an appropriate
value to converge to a solution after only 1 or 2 iterations. It is worth noting that in
most of the models, the SFR is assumed to be proportional to the gas density (in this
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case G) to a certain power k, as discussed before. This implies that Q� D �G.k�1/
and, therefore, that:

@ln Q�
@lnG

D k � 1: (4.32)

The evaluation of 
i involves the integration over a specific path in the (m–t)-
plane. In order to compute 
i , one should store in the computer memory all the
values of G.t/ and Gi.t/ to be able to compute the SFR at times prior to the
integration time. Finally, the timesteps have to be chosen not to be too long, in
other words one should impose the conditions that G.t/ and Gi.t/ do not vary too
much in a timestep�t : in particular, it is imposed that �Gi=Gi � � with � D 0:08.
In any case, in the Talbolt and Arnett formulation, �t is never allowed to increase
more than a factor 1.5.

4.9.2 Open Models

The solution of the complete (4.1) with the inclusion of infall, wind, and radial flow
follows what is described in the previous paragraph and the iteration is again done
only on the quantity Q�. In fact, in the case with only infall, originally studied by
Chiosi (1980), one can simply redefine the term 
i as:


i D
Z MBm

ML

 .t � �m/Qmi.t � �m/'.m/dm (4.33)

CAB
Z MBM

MBm

'.m/
�Z 0:5

�Bmin

f .�B/ .t � �m2/Qmi .t � �m2/d�B
�
dm

C.1 �AB/
Z MBM

MBm

 .t � �m/Qmi.t � �m/'.m/dm

C
Z MU

MBM

 .t � �m/Qmi.t � �m/'.m/dmCXiA.t/GA.t/;

where all the physical quantities are normalized to the total surface mass density at
the present time �tot.tG/, namely, the SFR becomes  .t/ D . dG

dt / D �Gk and the
rate of infall GA D ae�t=�/=�tot.tG/.

The inclusion of the gas infall rate into 
i is justified by the fact that the accreting
gas comes from outside the galaxy, so it can be treated separately from the quantities
G and Gi at the time of integration. Therefore, in this case the procedure remains
exactly as the one described before.

Let us now see the case with wind: the wind involves the gas at the integration
time but usually the wind term is assumed to be proportional to the SFR such as:

Wi.t/ D 	�Xi .t/G
k.t/: (4.34)
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Therefore, the factor �Gk.t/ can be taken out as a common factor from the wind and
the SFR terms to simply give �.1C 	/�Xi.t/G

k.t/. In this case, the only variation
to the integration procedure will be in the definition of Q� which becomes:

Q� D .1C 	/�G.k�1/.t/: (4.35)

Finally, in the case with radial flows, we can rewrite (4.22) in terms of G, namely:

�
d

dt
Gi .rg; t/

�
I

D � ˇg Xi .rg; t/ G.rg; t/C �g Xi.rg; t/ G.rgC1; t/
�
.gC1/
tot .tG/

�
g
tot.tG/

;

(4.36)

where �.gC1/
tot .tG/ and �gtot.tG/ are the total surface mass densities at the present time

at the radius rgC1 and rg , respectively. In analogy to what we do with the wind and
the infall, we can now include the negative term �ˇg Xi.rg; t/ G.rg; t/ into the SFR
and the positive term �g Xi .rg; t/ G.rgC1; t/ into the 
i .

In this case the quantity Q� is modified such as:

Q� D �G.k�1/ C ˇg: (4.37)

Therefore, we obtain:

@ln Q�
@lnG

D .k � 1/. Q� � ˇg/
Q� : (4.38)

Numerical simulations have shown that the value of @lnQ�
@lnG obtained from (4.38) is

similar to that obtained from (4.32).
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Chapter 5
Chemical Evolution of the Milky Way
and Other Spirals

5.1 The Formation and Evolution of the Milky Way
from Observations

We will first analyze the chemical evolution of our Galaxy, the Milky Way (for
an extensive review on the properties of the Milky Way, see Freeman and Bland-
Hawtorn (2002)). The Milky Way galaxy has four main stellar populations: (1) the
halo stars with low metallicities and eccentric orbits, (2) the bulge population with
a large range of metallicities and dominated by random motions, (3) the thin-disk
stars with an average metallicity < ŒFe=H� >D �0:5 dex and circular orbits, and
finally (4) the thick-disk stars which possess chemical and kinematical properties
intermediate between those of the halo and those of the thin disk. The halo stars
have average metallicities of< ŒFe=H� >D �1:5 dex and a maximum metallicity of
approximately �1:0 dex, although a few stars with [Fe/H] as high as �0.6 dex and
halo kinematics are observed. The average metallicity of bulge stars is< ŒFe=H� >�
�0:2 dex.

The kinematical and chemical properties of the different Galactic stellar pop-
ulations can be interpreted in terms of the Galaxy formation mechanism. Eggen
et al. (1962), in a cornerstone paper, suggested a rapid monolithic collapse for
the formation of the Galaxy lasting �2 � 108 years. This suggestion was based
on a kinematical and chemical study of solar neighborhood stars, and the value of
the suggested timescale was chosen to allow for the orbital eccentricities to vary in
a potential not yet in equilibrium, but sufficiently long that massive stars forming in
the collapsing gas could have time to die and enrich the gas with heavy elements.

Later on, Searle and Zinn (1978) measured Fe abundances and horizontal branch
morphologies of 50 globular clusters and studied their properties as a function of
the galactocentric distance. As a result of this, they proposed a central collapse like
the one envisaged by Eggen et al., but also suggested that the outer halo formed
by merging of large fragments taking place over a considerable timescale >1Gyr.
The Searle and Zinn scenario is close to what is predicted by modern cosmological
theories of galaxy formation. In particular, in the framework of the hierarchical
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galaxy formation scenario, galaxies form by accretion of smaller building blocks.
Obvious candidates for these building blocks are either dwarf spheroidal (dSph)
or dwarf irregular (DIG) galaxies. However, as we will see in detail later, the
chemical composition and in particular the chemical abundance patterns in dSphs or
DIGs are not compatible with the same abundance patterns in the Milky Way, thus
arguing against the identification of the building blocks with these galaxies. On the
other hand, very recently, Carollo et al. (2007) have obtained medium resolution
spectroscopy of 20,336 stars from the sloan digital sky survey (SDSS). They
showed that the Galactic halo is divisible into two broadly overlapping structural
components. In particular, they found that the inner halo is dominated by stars with
very eccentric orbits, exhibits a peak at ŒFe=H� D �1:6 dex, and has a flattened
density distribution with a modest net prograde rotation. The outer halo includes
stars with a wide range of eccentricities, exhibits a peak at ŒFe=H� D �2:2 dex, and
a spherical density distribution with highly statistically significant net retrograde
rotation. They concluded that most of the Galactic halo should have formed by
accretion of multiple distinct sub-systems. Ongoing and future large spectroscopic
surveys and missions such as radial velocity experiment (RAVE), apache point
observatory galactic evolution experiment (APOGEE), sloan extension for galactic
understanding and exploration (SEGUE-2), high efficiency and resolution multi-
element spectrograph (HERMES), large sky area multi-object fibre spectroscopic
telescope (LAMOST) and global astrometric interferometer for astrophysics (Gaia),
together with chemo-dynamical modeling, will certainly shed light on the formation
of the Milky Way.

5.2 Theoretical Models

From an historical point of view, models of Galactic chemical evolution have passed
through different phases that we summarize as follows:

• Serial Formation
The Galaxy is modeled by means of one accretion episode lasting for the

entire Galactic lifetime, where halo, thick, and thin disk form in sequence as a
continuous process. The obvious limit of this approach is that it does not allow
us to predict the observed overlapping in metallicity between halo and thick-disk
stars and between thick- and thin-disk stars, but it gives a fair representation of
our Galaxy (e.g., Matteucci and François (1989)).

• Parallel Formation
In this formulation, the various Galactic components start forming at the same

time and from the same gas but evolve at different rates (e.g., Pardi et al. (1995)).
It predicts overlapping of stars belonging to the different components but implies
that the thick disk formed out of gas shed by the halo and that the thin disk formed
out of gas shed by the thick disk, and this is at variance with the distribution of
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Fig. 5.1 Schematic edge-on
view of the major
components of the Milky
Way. Illustration credit from
R. Buser, www.astro.unibas.
ch/forschung/rb/structure.
shtml

the stellar angular momentum per unit mass, which indicates that the disk did not
form out of gas shed by the halo (Wyse and Gilmore 1992).

• Two-Infall Formation
In this scenario, halo and disk formed out of two separate infall episodes

(overlapping in metallicity is also predicted). The first infall episode lasted no
more than 1–2 Gyr, whereas the second, where the thin disk formed, lasted
much longer with a timescale for the formation of the solar vicinity of 6–8 Gyr
(Chiappini et al. 1997).

• Stochastic Approach
Here the hypothesis is that in the early halo phases ([Fe/H] < �3:0 dex),

mixing was not efficient and, as a consequence, one should observe, in low
metallicity halo stars, the effects of pollution from single SNe (e.g., Argast et al.
(2000)). These models generally predict a large spread for [Fe/H] < �3:0 dex
in all the ˛-elements, which is not observed, as shown by data relative to
metallicities down to �4.0 dex. However, inhomogeneities could explain the
observed spread of s- and r-elements at low metallicities (see later).

5.2.1 The Two-Infall Model

The two-infall approach has proven so far to be the most reliable to reproduce the
majority of the chemical properties of the Milky Way, and from now on we will
focus on it. The two-infall model of Chiappini et al. (1997) predicts two main
episodes of gas accretion: during the first one, the halo, the bulge, and thick disk
formed, while the second gave rise to the thin disk. In Fig. 5.1, we show an artistic
representation of the formation of the Milky Way in the two-infall scenario. In the
upper panel, we see the sequence of the formation of the stellar halo, in particular
the inner halo, following a monolithic-like collapse of gas (first infall episode) but
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Fig. 5.2 Artistic view of the two-infall model by Chiappini et al. (1997). The predicted SN II and
Ia rates per century are also sketched, together with the fact that Type II SNe produce mostly
˛-elements (e.g., O and Mg), whereas Type Ia SNe produce mostly Fe. (Illustration credit:
Chiappini (2004))

with a longer timescale than originally suggested by Eggen et al.: here the time
scale is 1–2 Gyr. During the halo formation, the bulge is also formed on a very
short timescale in the range 0.1–0.5 Gyr. During this phase, the thick disk also
assembles or at least part of it, since part of the thick disk, like the outer halo, could
have been accreted. The second panel from left to right shows the beginning of the
disk formation, namely, the assembly of the innermost disk regions surrounding the
bulge. This is due to the second infall episode which gives rise to the thin disk.
The thin disk assembles inside-out, in the sense that the outermost regions take a
much longer time to form. This is shown in the third panel. Always in Fig. 5.2,
each panel is connected to temporal phases where the Type II and then the Type
Ia SN rates are plotted. So, it is clear that the early phases of the halo and bulge
formation are dominated by Type II and Ib/c SNe (core-collapse SNe) producing
mostly ˛-elements such as O and Mg. On the other hand, Type Ia SNe start to be
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nonnegligible only after 1 Gyr and they pollute the gas during the thick- and thin-
disk phases. The minimum shown in the Type II SN rate is due to a gap in the
SFR occurring as a consequence of the adoption of a threshold density in the star
formation process, as we will see next.

5.2.1.1 Detailed Recipes for the Two-Infall Model

The main assumption of the two-infall model can be summarized as:

• The IMF has two slopes (x1 D 1:35 below 2Mˇ and x2 D 1:7 above 2Mˇ) and
is normalized over a mass range of 0.1–100Mˇ.

• The gas infall law is described as (see also Chap. 2):

A.r; t/ D a.r/e�t=�H .r/ C b.r/e�.t�tmax/=�D.r/; (5.1)

where A.r; t/ D .
d�tot.r;t /

dt /infall is the rate at which the total surface mass density
changes because of the infalling gas. The quantities a.r/ and b.r/ are two
parameters fixed by reproducing the total present time surface mass density in
the solar vicinity (�totˇ D 51˙ 6Mˇ pc�2) and in the whole disk, tmax D 1Gyr
is the time for the maximum infall on the thin disk, �H D 0:8Gyr is the time
scale for the formation1 of the halo thick disk and �D.r/ is the timescale for
the formation of the thin disk and it is a function of the galactocentric distance
(formation inside-out): in particular, it is assumed that:

�D D 1:033 r .kpc/� 1:267 Gyr; (5.2)

where r is the galactocentric distance. This linear relation is clearly an oversim-
plification: the real, unknown, relation should be connected to the potential well
of the Galaxy and, therefore, also to a dark matter halo.

• The SFR is the Kennicutt law with a dependence on the surface gas density and
also on the total surface mass density. In particular, the SFR is based on the law
described by (2.8) and then adopted by Chiosi (1980) for an infall model:

 .r; t/ D �

�
�tot.r; t/�gas.r; t/

�tot.rˇ; t/2

�.k�1/
�gas.r; t/

k ; (5.3)

where the constant �, the efficiency of star formation, as already described in
the previous chapters, is expressed in Gyr�1: in particular, � D 2Gyr�1 for the
halo and 1 Gyr�1 for the disk. The total surface mass density is represented by
�tot.r; t/, whereas �tot.rˇ; t/ is the total surface mass density at the solar position,

1For timescale of formation, we intend the time at which half of the considered structure is already
in place.
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Fig. 5.3 The SFR in the solar vicinity as predicted by the two-infall model. The oscillating
behavior in the SFR rate at late times is due to the assumed threshold density for star formation,
which is 7Mˇpc�2 in the disk. Such a threshold induces the star formation to halt but when the gas
density increases again because of gas restored by dying stars and infall, the star formation starts
again. The threshold gas density in this model is also responsible for the gap in the SFR seen at
around 1 Gyr. Figure from Chiappini et al. (1997); reproduced by kind permission of C. Chiappini

assumed to be rˇ D 8 kpc. The quantity �gas.r; t/ represents the surface gas
density. The exponent of the surface gas density, k, is set equal to 1.5, similar to
that suggested by Kennicutt. These choices for the parameters allow the model to
fit the observational constraints, both in the solar vicinity and the whole disk. We
recall that below a critical threshold for the surface gas density, it is likely that the
star formation is halted: the existence of such a threshold for the star formation
is quite uncertain since it has been suggested by optical studies, but its existence
has been challenged by UV results (GALEX, galaxy evolution explorer).

The predicted behavior of the SFR, obtained by adopting (5.3) with a thresh-
old in the gas density, is shown in Fig. 5.3. The predicted existence of a gap in the
star formation process between the halo thick-disk and thin-disk phases, as shown
also in this figure, has been suggested by some observational papers indicating
a discontinuity in the [˛/Fe] ratios between the thick- and thin-disk stars (e.g.,
Gratton et al. (2000); Fuhrmann (1998)), but not more confirmed since then.

• The assumed Type Ia SN model is the single degenerate one, as described in
Chap. 4. The minimum time for the explosion of the first Type Ia SN is 30 Myr,
whereas the timescale for restoring the bulk of Fe is � 1 Gyr, for the SFR adopted
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Fig. 5.4 The Type II and Ia SN rate in the solar vicinity as predicted by the two-infall model with
the SFR of Fig. 5.3. The oscillating behavior at late times of the Type II SN rate is due to the
assumed threshold density for star formation. The threshold gas density is also responsible for the
gap in the Type II SN rate seen at around 1 Gyr. Figure from Chiappini et al. (1997); reproduced
by kind permission of C. Chiappini

in the solar vicinity. It is worth recalling that this timescale is not universal since
it depends on the assumed SNIa progenitor model but also on the assumed star
formation history. The choice of the SD scenario for the progenitors of Type Ia
SNe is dictated by the fact that it reproduces at best the abundance patterns (see
later). The predicted SN rates in the solar vicinity are shown in Fig. 5.4.

5.3 The Chemical Enrichment History of the Solar Vicinity

We study first the solar vicinity, namely, the local ring at 8 kpc from the Galactic
center. By integrating (4.1) without the wind and radial flow terms, we obtain the
evolution of the abundances of several chemical species (H, D, He, Li, C, N, O,
˛-elements, Fe, Fe-peak elements, s-and r- process elements). In Fig. 5.5, we show
the smallest mass dying at any cosmic time corresponding to a given abundance
of [Fe/H] in the ISM. This is because there is an age–metallicity relation and the
[Fe/H] abundance increases with time. The knowledge of which range of masses is
contributing to chemical enrichment at any given time, helps us in understanding
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Fig. 5.5 In this figure we show the smallest stellar mass which dies at any given [Fe/H] achieved
by the ISM as a consequence of chemical evolution. Thus, it is clear that in the early phases of the
halo, only massive stars are dying and contributing to the chemical enrichment process. Clearly
this graph depends upon the assumed stellar lifetimes and upon the age-[Fe/H] relation. Here the
adopted lifetimes are those by Maeder and Meynet (1989). It is worth noting that the Fe production
from Type Ia SNe appears well before the gas has reached [Fe/H] = �1.0; therefore, during the halo
and thick disk phases. This clearly depends upon the assumed Type Ia SN progenitors (in this case
the SD model). Figure from Cescutti et al. (2006)

the behavior of the [X/Fe] vs. [Fe/H] relations, that we are going to describe in the
following sections. It is worth noting that the Fe production from Type Ia SNe occurs
well before the gas has reached [Fe/H] = �1.0 dex. Therefore, we should expect Fe
production from Type Ia SNe already during the halo and thick-disk phases. At
[Fe/H] = �1.0 dex, the bulk of Fe from SNe Ia starts to be produced.

5.3.1 The Observational Constraints

A good model of chemical evolution should be able to reproduce a minimum
number of observational constraints and the number of observational constraints
should be larger than the number of free parameters which, in the two-infall model,
are: �H, �D, k, �, and AB (the fraction of binary systems which can give rise to Type
Ia SNe).
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The main observational constraints in the solar vicinity that a good model should
reproduce are:

• The present time surface gas density: �gas D .13˙ 3/Mˇ pc�2
• The present time surface star density �� D .43˙ 5/Mˇ pc�2
• The present time total surface mass density: �tot D .51˙ 6/Mˇ pc�2
• The present time SFR:  o D .2 � 5/Mˇ pc�2 Gyr�1
• The present time infall rate: .0:3 � 1:5/Mˇ pc�2 Gyr�1
• The present day mass function (PDMF)
• The solar abundances, namely, the chemical abundances of the ISM at the time

of birth of the solar system 4.5 Gyr ago, as well as the present time abundances
• The observed [Xi /Fe] vs. [Fe/H] relations
• The G-dwarf metallicity distribution
• The age–metallicity relation
• And finally, a good model of chemical evolution of the Milky Way should

reproduce the distributions of abundances, gas, and SFR along the disk as well
as the average SNII and Ia rates at the present time (SNII D 1:2˙ 0:8 100 yr�1
and SNIa D 0:3˙ 0:2 100 yr�1).

5.3.2 The Time-Delay Model

What we call time-delay model involves the interpretation of the behaviour of
abundance ratios such as [˛/Fe] (where ˛-elements are O, Mg, Ne, Si, S, Ca and Ti)
vs. [Fe/H], a typical way of plotting the abundances measured in the stars. The
time-delay refers to the delay with which Fe is ejected into the ISM by SNe Ia
relative to the fast production of ˛-elements by core-collapse SNe. Tinsley (1979)
first suggested that this time-delay would have produced a typical signature in the
[˛/Fe] vs. [Fe/H] diagram. In the following years, Greggio and Renzini (1983b), by
means of simple models (star formation burst or constant star formation), studied
the effects of the delayed Fe production by Type Ia SNe on the [O/Fe] vs. [Fe/H]
diagram. Matteucci and Greggio (1986) included for the first time the Type Ia SN
rate formulated by Greggio and Renzini (1983a) in a detailed model for the chemical
evolution of the Milky Way. The effect of the delayed Fe production is to create
an overabundance of O relative to Fe ([O/Fe]> 0) at low [Fe/H] values, and a
continuous decline for [Fe/H]> �1:0 dex of the [O/Fe] ratio until the solar value
([O/Fe]ˇ D 0:0) is reached. This is what is observed and indicates that during
the halo phase, the [O/Fe] ratio is due mainly to the production of O and Fe by
SNe II. However, since the bulk of Fe is produced by Type Ia SNe, when these
latter start to become important, the [O/Fe] ratio begins to decline. This effect is
predicted to occur also for other ˛-elements (e.g., Mg and Si), although the level
of the overabundance varies from element to element, since it is related to the
specific nucleosynthesis of each element. At the present time, large compilations of
stellar abundances are available and the trend of the ˛-elements has been confirmed.
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Fig. 5.6 The relation between [O/Fe] vs. [Fe/H] for Galactic stars in the solar vicinity. The models
and the data are normalized to the solar meteoritic abundances of Anders and Grevesse (1989). The
SN Ia SD model is adopted. The thick curve represents the predictions of the two-infall model,
where Type Ia SNe produce �70% of Fe and Type II SNe the remaining �30%. The upper thin
curve represents the case where it is assumed that Fe is produced only by Type Ia SNe, whereas
the thin lower line refers to the case where it is assumed that Fe is produced only in Type II SNe.
The data are from Melendez and Barbuy (2002)

Before showing some of the data, it is worth spending more words on the time-
delay model. In Fig. 5.6, it is shown that a good fit of the [O/Fe] ratio as a function
of [Fe/H] is obtained only if the ˛-elements are mainly produced by Type II SNe
and the Fe by Type Ia SNe. In fact, if one assumes that only SNe Ia produce Fe
as well as if one assumes that only Type II SNe produce Fe, the agreement with
observations is lost. The curve referring to Fe produced only in Type II SNe is flat
and the O is overabundant relative to Fe all over the [Fe/H] range, as expected. The
contrary occurs if the only producers of Fe are the SNe Ia: in this case, the [O/Fe]
ratio decreases continuously. Therefore, the conclusion is that both Types of SNe
should produce Fe in the proportions of 1/3 for Type II SNe and 2/3 for Type Ia
SNe. The IMF also plays a role in this game and these proportions are obtained for
“normal” Kroupa/Scalo-like IMFs. The typical timescale for the SN Ia enrichment,
namely, the time at which Fe starts to be produced in a substantial way by SNe Ia,
as derived from Fig. 5.6, is 1–1.5 Gyr. This timescale clearly depends on the DTD
of the assumed Type Ia SN progenitor model (see Chap. 2). In Fig. 5.7 are reported
the predictions for the [O/Fe] vs. [Fe/H] relation in the solar vicinity, under different
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Fig. 5.7 Predicted and observed [O/Fe] vs. [Fe/H] in the solar neighborhood for different
assumptions on the DTD of the explosion times of SNe Ia. The short dashed curve refers to the
DTD of the SD scenario; the continuous curve refers to the bimodal DTD of Mannucci et al.
(2006); the dotted line represents the Strolger et al. (2004) DTD; the long dashed curve refers to
the DTD of Pritchett et al. (2008); the dashed-dotted curve refers to the DTD of the DD scenario
(wide channel) of Greggio (2005). The model results are normalized to their own predicted solar
abundances. See also Fig. 4.5. Models and figure from Matteucci et al. (2009) where the references
to the data can be found

assumptions for the DTDs (see Fig. 4.5). It is clear from Fig. 5.7 that the best DTDs
to reproduce the observed abundance pattern are those connected to the SD and DD
progenitor models. In fact, as expected, DTDs containing too many prompt Type Ia
SNe produce a change in slope in the [O/Fe] vs. [Fe/H] relation too early, whereas
the contrary happens with DTDs with no prompt SNe.

Again as an illustration of the time-delay model, we show in Figs. 5.8–5.10 the
[X/Fe] vs. [Fe/H] relations both observed and predicted for stars in the solar vicinity
belonging to halo, thick, and thin disk. The model predictions all refer to the DTD
for Type Ia SNe relevant to the SD scenario. The adopted yields for massive stars
are those which best fit these relations as well as the solar abundances (namely, the
abundances in the ISM 4.5 Gyr ago). These yields are obtained by applying some
“ad hoc” corrections to the yields existing in the literature, as shown in Fig. 5.11,
where the ratios between the empirical and computed yields are reported.

In Figs. 5.12 and 5.13, we show the predictions of chemical evolution models
for the solar vicinity where more recent yields have been adopted. As one can
see, although some of the problems present in the previous published yields have



98 5 Chemical Evolution of the Milky Way and Other Spirals

Fig. 5.8 Predicted and observed [˛/Fe] vs. [Fe/H] in the solar neighbourhood. The models and the
data are from François et al. (2004). The models are normalized to the predicted solar abundances.
The predicted abundance ratios at the time of the Sun formation (Solar value) are shown in each
panel and indicate a good fit (all the values are close to zero)

Fig. 5.9 Same as Fig. 5.8 for Ni, Zn, K, and Sc. The models and the data are from François et al.
(2004). The models are normalized to the predicted solar abundances. The predicted abundance
ratios at the time of the Sun formation are shown in each panel and indicate a good fit
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Fig. 5.10 Same as in Fig. 5.8 for Ti, Cr, Mn, and Co. The models and the data are from François
et al. (2004). The models are normalized to the predicted solar abundances. The predicted
abundance ratios at the time of the Sun formation are shown in each panel and indicate a good fit

been alleviated, for other elements, the disagreement still persists. In particular,
the major problems still reside in the Fe-peak elements, and they can be due
either to uncertainties in stellar nucleosynthesis calculations or to uncertainties in
the abundance derivation, such as the assumption of LTE (local thermodynamic
equilibrium) or NLTE. In fact, relaxing the LTE assumption leads in some cases to
large differences in the derived abundances.

5.3.3 The G-Dwarf Metallicity Distribution and Constraints
on the Thin Disk Formation

The G-dwarf metallicity distribution is a quite important constraint for the chemical
evolution of the solar vicinity. It is the fossil record of the star formation history of
the thin disk. If one is able to reproduce such a distribution, one can have an idea
of the SFR and the IMF and, as a consequence, an idea of the gas accretion history
of the solar vicinity. Therefore, to fit the G-dwarf metallicity distribution means to
obtain constraints on the mechanism of formation of the thin disk. Originally, there
was the “G-dwarf problem” which means that the simple model of galactic chemical
evolution could not reproduce the distribution of the G-dwarfs. It has since been
demonstrated that relaxing the closed-box assumption and allowing for the solar
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Fig. 5.11 Ratios between the empirical yields derived by François et al. (2004) and the yields of
Woosley and Weaver (1995) for massive stars. In the small panel at the bottom right we show
the same ratios for SNe Ia and the comparison is with the yields of Iwamoto et al. (1999), their
model W7

region to form gradually by accretion of gas can solve the problem. Also a variable
IMF could solve the problem but it would create other difficulties with the [˛/Fe]
vs. [Fe/H] relations and with abundance gradients. Another solution is that the disk
forms from pre-enriched gas, but the gas infall is still necessary to have a realistic
picture of the disk formation (see Chap. 2). The two-infall model can reproduce very
well the G-dwarf distribution and also that of K-dwarfs (see Figs. 5.14 and 5.15), as
long as a timescale for the formation of the disk in the solar vicinity of 6–8 Gyr is
assumed. This conclusion is shared by most of the models for the solar neighbor-
hood present in the literature. A more recent study of late type dwarfs in the solar
vicinity (Casagrande et al. 2011) adopted new temperature and metallicity scales rel-
ative to all the previous works. Stars were divided in age intervals: old, intermediate
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Fig. 5.12 Predicted and observed [X/Fe] vs. [Fe/H] in the solar neighborhood. The predictions are
from Nomoto et al. (2006), where all the references to the data can be found, and they have been
obtained by means of metal dependent yields. The yields from SNe Type Ia are from Iwamoto
et al. (1999). As one can see, for some elements (N, Co, Ni, Ti and Cr), the predicted trend
is not appropriate to reproduce the data. Figure from Nomoto et al. (2006); reproduced by kind
permission of K. Nomoto

age, and young. The surprising result is that the distribution of old stars is broader
than the distributions of younger stars, in the sense that it contains both metal poor
and metal rich stars. The fraction of old metal rich stars has been interpreted as
due to stars born in the inner regions of the thin disk which have then migrated to
the solar neighborhood. This is still a preliminary result but it suggests that stellar
migration might be a nonnegligible process in the chemical evolution of the disk.

5.3.4 Carbon and Nitrogen Evolution

Carbon and nitrogen deserve a separate discussion from the other elements, in
particular 14N whose observational behavior is difficult to reconcile with the theory.
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Fig. 5.13 Predicted and observed [X/Fe] vs. [Fe/H] in the solar neighborhood. The predictions
are from Romano et al. (2010), where all the references to the data can be found, and they have
been obtained by means of the following yields. Continuous lines refer to the yields of Woosley
and Weaver (1995) for massive stars and the yields of van den Hoek and Groenewegen (1997) for
low and intermediate mass stars. The dashed lines refer to yields from Karakas (2010) for low and
intermediate mass stars, yields for massive stars from the Geneva group for C, N and O and from
Nomoto et al. (2006) for the other heavy elements. The yields from SNe Type Ia are from Iwamoto
et al. (1999), their model W7. Figure from Romano et al. (2010)

First of all, we should distinguish between primary and secondary elements:
primary elements are those synthesized directly from H and He, whereas secondary
elements are those derived from metals already present in the star at birth. In the
framework of the Simple model of galactic chemical evolution, the abundance of
a secondary element evolves like the square of the abundance of the progenitor
metal (3.29), whereas the evolution of the abundance of a primary element does
not depend on the metallicity (3.21). In Fig. 5.16, we show the predictions of the
Simple model for the ratio N/O, together with data for extragalactic HII regions and
damped Lyman-˛ systems (DLAs). DLAs represent a particular class of quasi stellar
object (QSO) absorbers and they are characterized by large neutral H densities
(N.HI/ � 1020 cm�2) and by the presence of many low ionization species such



5.3 The G-Dwarf Metallicity Distribution and Constraints on the Thin-Disk Formation 103

Fig. 5.14 The G-dwarf metallicity distribution. The model prediction is from Chiappini et al.
(1997) and assumes a timescale for the formation of the local disk of 8 Gyr. This conclusion is
shared also by Boissier and Prantzos (1999) and Alibés et al. (2001). The data are represented by
the histograms. Figure from Chiappini et al. (1997); reproduced by kind permission of C. Chiappini

as FeII, SiII, CrII, ZnII, and OI. They are observable at high redshift and represent
very important sites for measuring the abundances in the early Universe.

It is worth noting that the solutions of the Simple model for a primary and a
secondary element are oversimplifications since the Simple model does not take
into account stellar lifetimes which are very important for correctly computing the
evolution of the abundance of 14N, which arises mainly from low and intermediate
mass stars, both as a secondary and as a primary element.2 Part of 14N is also
produced and ejected by massive stars and its nature appears to be primary, as we
will see next, at variance with standard predictions of stellar nucleosynthesis. Also
12C originates mainly from low and intermediate mass stars. The contribution to 12C
from massive stars becomes very important only for above solar metallicities, if a
metallicity dependent mass loss is adopted.

The interpretation of the diagram of Fig. 5.16 is not so straightforward since
extragalactic HII regions and DLAs are galaxies, and that diagram is not necessarily
an evolutionary one, in the sense that O/H might not trace the time unlike [Fe/H]
in the Galactic stars. Galaxies, in fact, may have started forming stars at different
cosmic epochs and with different star formation histories. However, if we interpret

2Nitrogen is formed as a primary element during the thermal pulsing phase along the AGB.
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Fig. 5.15 The figure is from Kotoneva et al. (2002) and shows the comparison between a sample
of K-dwarfs and model predictions in the solar neighborhood. The dotted curve refers to the two-
infall model with a timescale � D 2Gyr, whereas the continuous line refers to � D 8Gyr, as in
Fig. 5.14

Fig. 5.16 The plot of log (N/O) vs. log(O/H) C 12: small dots represent extragalactic HII regions,
filled triangles are DLAs where the O could be measured directly, whereas open triangles are cases
where S was used as a proxy for O. The large dot corresponds to the solar ratio. The error bars
in the bottom right part of the figure give an indication of typical uncertainties. Dashed lines mark
the solutions of the Simple model for a primary and a secondary element. Figure from Pettini et al.
(2002)
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the diagram of Fig. 5.16 as an evolutionary one, then the DLAs and the extragalactic
HII regions of low metallicity should be young and reflect the nucleosynthesis in
massive and perhaps intermediate mass stars. The observed plateau for N/O at
low metallicity then would indicate a primary production of N in massive stars.
Nitrogen, in fact, is also produced in massive stars: until a few years ago, the N
production in massive stars was considered only a secondary process, until models
with stellar rotation showed that massive stars can produce primary N. A better
test for the primary/secondary nature of N are the Galactic stars, since they really
represent an evolutionary sequence. In Figs. 5.17 and 5.18, we show data for C and
N in Galactic stars compared with chemical evolution models including N from
rotating massive stars.

As it can be seen in Figs. 5.17 and 5.18, the fit to the data is good when primary N
from massive stars is included. In particular, the plateau observed in N/O at low O/H
cannot be reproduced by models assuming secondary N production from massive
stars. However, since primary production from rotating massive stars is suggested
only for very metal poor stars, the stars with metallicity Z > 10�8 still produce
secondary N and this is clear from the predicted decreasing trend at intermediate
metallicity. To fit perfectly the data, massive stars of all metallicities should produce
primary N. In Fig. 5.17 is also shown a model with ad hoc yields of primary N acting
all over the metallicity range.

A plateau in [N/Fe] is also observed in Galactic stars for [Fe/H]< �3:0 dex, as
shown in Fig. 5.18. In this figure, we show also the [C/Fe] values for Galactic stars
but only for low metallicity ones: they indicate a roughly solar ratio like the stars
with higher metallicities. Therefore, both [N/Fe] and [C/Fe] seem to show roughly
constant solar values over the total [Fe/H] range. Within the framework of the time-
delay model, this means that C, N, and Fe are all formed in the same stars and that
N is mainly a primary element. In other words, most of C and N should originate in
low and intermediate mass stars, as it is the case for Fe.

5.3.4.1 The CNO Isotopes

As mentioned in the previous chapters, classical novae can have a nonnegligible role
in the production of CNO isotopes, 7Li, and some radioactive isotopes, such as 22Na
and 26Al. Although there are still uncertainties in the stellar yields, comparisons
between chemical evolution models and observational data have suggested that
13C and 17O should originate mostly in intermediate mass stars, with only a minor
contribution from low and massive stars. However, the agreement with observations
improves if production by novae is included. The origin of the isotope 15N is still
quite uncertain although the contribution from novae to its production seems to
be necessary to reproduce the observed positive gradient along the Galactic disk;
nevertheless, other producers of this element would be required to reproduce the
absolute value of the 14N/15N both in the local ISM and in the whole Galactic disk.
On the other hand, the solar 14N/15N ratio is well-reproduced only by novae. The
model results and the observations for both the temporal and spatial evolution of the
ratios 12C/13C, 14N/15N, and 16O/17O are shown in Fig. 5.19.
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Fig. 5.17 Upper panel: solar vicinity diagram log(N/O) vs. log(O/H) C 12. The data points are
from Israelian et al. (2004) (large squares) and Spite et al. (2005) (asterisks). Models: the dashed
line represents a model with substantial primary N production from low metallicity massive stars.
In particular, this was obtained by means of stellar models (Meynet et al. 2006; Hirschi 2007) with
faster rotation relative to the work of Meynet and Maeder (2002) for Z D 10�8. The dashed–
dotted line represents the prediction of a model with “ad hoc” primary N yields from massive stars
of all metallicities, as in Chiappini et al. (2005). Lower panel: solar vicinity diagram log(C/O) vs.
log(O/H) C 12. The data are from Spite et al. (2005) (asterisks), Israelian et al. (2004) (squares)
and Nissen (2004) (filled pentagons). Solar abundances (Asplund et al. (2005) and references
therein) are also shown. Figure from Chiappini et al. (2006)

5.3.5 Neutron Capture Elements

The s (slow)- and r (rapid)-process elements are generally produced by neutron
capture on Fe seed nuclei: slow and rapid refer to the neutron capture which can
be slow or rapid relative to the ˇ-decay process. The s-process takes place during
the He-burning phase both in low and massive stars, whereas the r-process should
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Fig. 5.18 Observed and predicted [C/Fe] vs. [Fe/H] (upper panel) and [N/Fe] vs. [Fe/H] (bottom
panel) in the solar neighborhood. The data points are from Cayrel et al. (2004); Spite et al. (2005)
(asterisks), and Israelian et al. (2004) (squares). The dot–dashed line represents a model with yields
from Chieffi and Limongi (2002, 2004) for a metallicity Z D 10�6 connected to the Pop III stars
(only massive stars for that metallicity). The dashed line and the dotted line represent heuristic
models where the yields of C and N have been assumed “ad hoc”. In particular, the fraction of
primary N from massive stars is obtained by the fit to the data at low metallicity. Figure from
Chiappini et al. (2005)

occur in explosive events such as Type II SNe. Recently, the abundances of several
very heavy elements (e.g., Ba and Eu) in extremely metal poor stars of the Milky
Way have been measured with great accuracy. Previous work on the subject had
shown a large spread in the abundance ratios of these elements to iron, especially at
low metallicities. This spread is confirmed by more recent studies although it is less
than before, and is at variance with the small spread observed in the other elements
shown before (e.g. ˛-elements). Apart from this problem, not yet solved, these
diagrams can be very useful in placing constraints on the nucleosynthetic origin
of these elements. In particular, the evolution of [Ba/Fe] and [Eu/Fe] vs. [Fe/H] as
predicted by the two-infall model is shown in Figs. 5.20 and 5.21. The predictions
can well fit the average trend but not the spread at very low metallicities, since the
model assumes instantaneous mixing. In order to fit the average Ba evolution, it
was assumed that Ba is mainly produced as s-process element in low mass stars
(1–3Mˇ), but that a fraction of Ba is also produced as an r-process element in
stars with masses 12–30Mˇ. On the other hand, europium is assumed to be only an
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Fig. 5.19 Predicted temporal evolution of 12C/13C (upper left panel), 14N/15N (middle left panel),
and 16O/17O (lower left panel). The big dots in the left panels represent the meteoritic value of each
abundance ratio, whereas the vertical bars represent the abundance ratios measured in the ISM.
Predicted abundance gradients for the same ratios are shown in the right panels. The models differ
in the assumed stellar sources for the CNO isotopes. Dotted curves: CNO isotopes are produced
only by novae. Dashed curves: CNO isotopes are produced only by single stars. Continuous lines:
CNO isotopes are produced by single stars plus novae. Data and models are from Romano and
Matteucci (2003)

r-process element produced in the range 12–30Mˇ; this particular mass range for
the r-process production, which is quite uncertain, was chosen in order to best
reproduce the observed mean trend of the [Eu/Fe] vs. [Fe/H].

In order to explain why the s- and r-process elements show a large and probably
real spread at very low metallicities, whereas elements such as the ˛-elements show
only a little spread, one could think of a moderately inhomogeneous model coupled
with differences in the nucleosynthesis between s- and r-process elements on one
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Fig. 5.20 The evolution of barium in the solar vicinity as predicted by the two-infall model with
the nucleosynthesis prescriptions described in the text (Cescutti et al. 2006). Data are from François
et al. (2007)

side and ˛-elements on the other side. In particular, the different observed spreads in
neutron capture elements and ˛-elements can be explained as due to small stochastic
effects in the IMF during the halo phase, coupled with the different stellar mass
ranges where ˛ and neutron capture elements originate. In fact, the site of production
of the ˛-elements is the whole range of massive stars, from 10 to 100Mˇ, whereas
the mass range of production for neutron capture elements lies probably between
12 and 30 Mˇ (e.g., Cescutti (2008)). On the other hand, highly inhomogeneous
models for the halo evolution predict a too large spread for the ˛-elements at low
metallicity. It is worth noting the typical secondary behavior of Ba, whose main
production is by means of the s-process, which needs Fe seed nuclei already present
in the star, and neutrons which are accreted onto these nuclei. The production of
neutrons is also dependent on the original stellar metal content; therefore, it would
be even more precise to speak of Ba as a tertiary element.
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Fig. 5.21 The evolution of europium in the solar vicinity. Data are from François et al. (2007). The
large error bars at low metallicities indicate a large spread in the data. Figure from Cescutti et al.
(2006)

5.4 The Galactic Thin Disk

A good model of chemical evolution for the Milky Way should reproduce also the
features of the Galactic thin disk. In particular: abundance gradients, gas, and SFR
distribution as functions of the galactocentric distance.

5.4.1 Abundance Gradients

The chemical abundances measured along the disk of the Galaxy suggest that the
metal content decreases from the innermost to the outermost regions, in other words
that there is a negative gradient in metals. Abundance gradients can be derived
from HII regions, planetary nebulae (PNe), open clusters, and stars (O, B stars,
and Cepheids). There are two types of abundance determinations in HII regions:
one is based on recombination lines which should have a weak dependence on the
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Fig. 5.22 Spatial and temporal behavior of abundance gradients along the Galactic disk as
predicted by the best model of Chiappini et al. (2001). The upper lines in each panel represent
the present time gradient, whereas the lower ones represent the gradient a few Gyr ago. It is clear
that the gradients tend to stepeen in time, a still controversial result. The data are from HII regions,
B stars, and PNe (see Chiappini et al. (2001))

temperature of the nebula (He, C, N, and O), the other is based on collisionally
excited lines where a strong dependence is intrinsic to the method (C, N, O, Ne, Si,
S, Cl, Ar, Fe, and Ni). This second method has predominated until now. A direct
determination of the abundance gradients from HII regions in the Galaxy from opti-
cal lines is difficult because of extinction, so usually the abundances for distances
larger than 3 kpc from the Sun are obtained from radio and infrared emission lines.

Abundance gradients can also be derived from optical emission lines in PNe.
However, the abundances of He, C, and N in PNe are giving only information on the
internal nucleosynthesis of the star. So, to derive gradients, one should look at the
abundances of O, S, and Ne, which are unaffected by stellar processes. Abundance
gradients in the Galactic disk are derived also from measuring the Fe abundance in
stars in open clusters or from abundances in field Cepheids and O, B stars.

In Fig. 5.22, we show theoretical predictions of abundance gradients along the
disk of the Milky Way compared with data from HII regions, B stars, and PNe. The
adopted model is based on an inside-out formation of the thin disk, which does not
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allow for exchange of gas between different regions of the disk. In other words, the
disk is divided into several concentric shells 2 kpc wide with no interaction between
them.

As already mentioned, most of the current models agree on the inside-out
scenario for the disk formation; however, not all models agree on the evolution
of the gradients with time. In fact, some models assuming an inside-out formation
of the disk predict a flattening with time, whereas others, such as that of Fig. 5.22,
predict a steepening. The reason for the steepening is that in the two-infall model,
there is included a threshold density for star formation, which induces the star
formation to stop when the density decreases below the threshold. This effect is
particularly strong in the external regions of the Galactic disk, where the amount
of gas is always low, thus contributing to a slower evolution at large galactocentric
distances and, therefore, to a steepening of the gradients with time. In Fig. 5.23,
we show models compared to some more recent data including Cepheids, whereas
in Fig. 5.24 we report predictions by a model with inside-out formation but no
threshold, predicting a flattening of abundance gradients in time. In this case, the
efficiency of star formation is increasing for decreasing radius in the disk, and this
assumption favors steeper gradients at early times. In conclusion, the flattening or
steepening of gradients in time depends on the interplay between infall rate and star
formation rate along the disk.

It is worth noting that numerical simulations of abundance gradients show
that no gradient arises if one assumes the same timescale of disk formation at
any galactocentric distance, unless other parameters such as the efficiency of star
formation are allowed to vary with the distance from the center, or if radial flows
are included. The different timescales for gas accretion at different galactocentric
distances (inside-out formation) influence the SFR, thus creating a gradient in the
star formation and, therefore, in the resulting metal content. However, it should
be said that the effect of the threshold is also important and tends to steepen the
gradients in the outermost regions of the disk. It has been shown that radial flows
can produce an abundance gradient in the disk even in the absence of an inside-out
disk formation (see Fig. 5.25), although a constant timescale for the formation of
the disk seems unrealistic.

5.4.1.1 Galactic Fountains and Abundance Gradients

It is interesting to study how galactic fountains can affect abundance gradients.
Multiple SN explosions can create supershells which can break out a stratified
medium producing bipolar outflows. The gas of the supershells can fragment into
clouds which eventually fall again toward the disk producing the so-called galactic
fountains. These fountains, in principle, could affect the abundance gradients along
disks, depending on the distance, from the starting point, at which the gas falls back.
In fact, if the gas of the fountains, originating in metal rich disk regions, falls at
a reasonably large distance from its origin towards the external disk regions, it is
likely to increase the preexisting abundances of the landing place, thus destroying
any gradient.
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Fig. 5.23 Gradients of the ˛-elements along the disk. The predicted gradients for O, Mg, Si, S,
and Ca are compared with different sets of data. The small open circles are the data of the Cepheids
by Andrievsky et al. (2002a,b,c, 2004) and Luck et al. (2003). The solid triangles are the data by
Daflon and Cunha (2004) (OB stars), the open squares are the data by Carney et al. (2005) (red
giants), the solid hexagons are the data by Yong et al. (2006) (Cepheids), the open triangles are the
data by Yong et al. (2005) (open clusters), and the solid squares are the data by Carraro et al. (2004)
(open clusters). The most distant value for Carraro et al. (2004) and Yong et al. (2005) refers to the
same object: the open cluster Berkeley 29. The thin solid line represents the model predictions at
the present time normalized to the mean value of the Cepheids at 8 kpc; the dashed line represents
the predictions of the model at the epoch of the formation of the solar system normalized to the
observed solar abundances by Asplund et al. (2005). This prediction should be compared with the
data for red giant stars and open clusters (Carraro et al. 2004; Carney et al. 2005; Yong et al. 2005).
The models and the figure are from Cescutti et al. (2007)



114 5 Chemical Evolution of the Milky Way and Other Spirals

Fig. 5.24 Comparison between model predictions and observations for the disk of the Milky Way.
Top left panel: gas distribution along the disk. Top right panel: the O gradient at the present time
(curve with label 13.5) and at two other different cosmic epochs (5 and 1 Gyr from the beginning).
Second left panel: the surface mass density of living stars. Second right panel: the Fe gradient.
Third left panel: the gradient of the SFR normalized to the value at the solar ring. Third right
panel: the predicted distribution of the current surface mass densities of stellar remnants (WDs),
black holes (BH), and neutron stars (NS). Fourth left panel: the predicted infall rate along the disk
at three different cosmic epochs. Fourth right panel: the predicted distributions of surface densities
by number of the stellar remnants. The figure is from Boissier and Prantzos (1999)

In Fig. 5.26 are shown the results of a purely ballistic model for the development
of galactic fountains in the disk of the Milky Way, showing that the landing
coordinate for the fountain gas is always less than 1 kpc away from the starting
point. This result excludes that galactic fountains can affect substantially the
abundance gradients. A similar result has been obtained by means of fully dynamical
models where the maximum landing distance is found to be �0.5 kpc (see Melioli
et al. (2008)). Moreover, the timescale for the gas to fall back onto the disk is no
longer than 0.1 Gyr, and this ensures no effects due to delayed chemical enrichment
(Spitoni et al. 2009). In conclusion, galactic fountains are not likely to affect sensibly
the chemical enrichment of the disk of the Milky Way and probably of other disks
of spirals.
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Fig. 5.25 Predicted total surface mass density (left panels) and surface gas density (upper right
panel) and oxygen gradient (lower right panel) in the Galactic disk. The models are from Portinari
and Chiosi (2000): model S15a assumes a timescale for disk formation of 3 Gyr constant with
radius and no radial flows, model S15RFa and S15RFb have also a constant timescale of disk
formation but they include radial flows from the outer to the inner disk with a flow velocity of
1 km s�1. These latter two models differ by the efficiency of star formation and IMF. As one can
see, the radial flows can produce a gradient even in the absence of an inside-out disk formation.
The observational data are indicated in the figure. Figure and references can be found in Portinari
and Chiosi (2000)

5.5 The Galactic Thick Disk and Bulge

5.5.1 The Thick Disk

Recent data have revealed a clear distinction between the abundance patterns in the
thin- and thick-disk stars. The stars of the thin and thick disk are identified by their
kinematics: as we have already said, the thick disk is a major stellar component in
our Galaxy containing stars with kinematics and chemical properties intermediate
between those of the halo and the thin disk. This Galactic structure was identified by
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Fig. 5.26 The orbits of galactic fountains reported in the meridional plane in a purely ballistic
model with the same spatial initial conditions: .R; z/D (8 kpc, 448 pc). The quantity z D 448 pc
is the height, above the Galactic plane, at which the gas cloud leaves the disk. Squares on the
R axis (the galactocentric distance) represent the average falling radial coordinate. The various
panels refer to a different number of SNe in OB associations and to the different ejection velocities
reached in each case. Models and figure from Spitoni et al. (2010)

the fact that the density of stars as a function of the distance from the Galactic plane
could not be explained by a single exponential, but rather by two exponentials with
different scale heights and number densities in the plane (e.g., Gilmore and Reid
(1983)). The thick disk stars move in orbits with a scale height of 800–1,300pc,
whereas the thin disk stars have a scale height of only 100–300 pc. The stellar
velocity dispersions are also larger in the thick than in the thin disk. Most of the
recent spectroscopic studies of thick-disk stars indicate that they have higher [˛/Fe]
ratios than the thin-disk stars, even for overlapping metallicities. In other words,
they indicate an evolution of the thick disk rather independent of that of the thin
disk. The available observational constraints for the thick disk are: (a) the metallicity
distribution function, with a peak around ŒFe=H� D �0:5 dex and extending from
approximately �1:5 dex to solar or higher, (b) the mass of the thick disk is 4–15% of
the mass of the thin disk, and (c) the thick-disk stars are all older than 10 Gyr. While
it is now widely recognized that the Galactic thin disk must have formed by slow
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accretion of external gas, the formation of the thick disk still provokes a variety of
different hypotheses:

• The thick disk represents the first phase of the formation of the thin disk, where
the star formation was triggered by an interaction episode with another galaxy;

• The thick-disk stars have all been accreted by the Galaxy if mergers with dwarf
galaxies have been important in the past, in agreement with predictions by the
�CDM scenario for galaxy formation. Clearly, in this scenario the properties of
the thick-disk stars are those of the accreted population;

• The thick disk could be the result of multiple early mergers of gas-rich sub-
systems, which is equivalent to the assumption that the thick disk forms out of
infalling external gas, in other words the thick disk formed by gas collapse which
can be either fast or slow;

• Finally, it has been suggested that the thick disk could have formed by migration
of stars and gas of the thin disk (e.g., Schönrich and Binney (2009)). Since this
model implies a continuous star formation it would not predict a hiatus in the star
formation, between the two disks, as is required by the two-infall model. Such
a gap in the star formation was claimed by a couple of observational papers, as
mentioned before, but not confirmed by recent studies.

• The suggested timescales for the formation of the thick disk can be as low as
400 Myr, as suggested by dynamical models (e.g., Burkert et al. (1992)), as large
as 1 Gyr (e.g., Gratton et al. (2000)), or even larger than 1 Gyr (e.g., Prochaska
et al. (2000)). For the case of 1 Gyr, the suggestion arose from the fact that there
was no evidence of the Fe pollution from Type Ia SNe in the derived constant
[˛/Fe] abundance ratios, and that the typical timescale for the SN Ia enrichment
in the Galaxy is roughly 1 Gyr. On the other hand, in the sample of Prochaska, the
abundance ratios were not constant, thus indicating the presence of the chemical
enrichment from SNe Ia.

An elucidation of the detailed abundance patterns in the thick-disk stars com-
pared to those of the halo, thin disk, and bulge may shed some light on the formation
of the thick disk.

In Fig. 5.27, we show the predictions of a model simply assuming that the thick
disk formed by means of an infall of primordial gas, independent of those which
formed the thin disk and the halo and occurring just before the thin disk formation
(a sort of three-infall model). The assumed SFR is more intense than in the thin disk
but less intense than in the halo. The thick disk formation in this scenario turns out
to be not longer than 2 Gyr, in agreement with estimated age differences between
thick-disk stars and open cluster stars (e.g., Sandage et al. (2003)), and with the fact
that the most recent data do show a variation in the [˛/Fe] ratios and, therefore, the
presence of Type Ia SNe during the chemical enrichment of the thick disk. In fact,
without Type Ia SNe, it would be impossible to reproduce the observed change in
slope as a function of [O/H] in the abundance ratios of thick-disk stars, shown in
Fig. 5.27. The model predictions seem to agree rather well with the data, except for
the fact that the model predicts a lower upper limit for the thick disk metallicity
than the observed one.
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Fig. 5.27 Comparison between thick- and thin-disk star abundances. The abundance ratios are
relative to O rather than to Fe because, in this way, the different behavior of thick- and thin-disk
stars are more evident. The data are from Bensby et al. (2003, 2005) for thin (light blue circles)
and thick (black circles) disk. The stars are identified only by their kinematics. The theoretical
predictions are from Chiappini (2008) and are: dashed line for the thin disk and continuous line
for the thick disk. The model assumes that the thick disk forms by gas infall in agreement with
predictions of numerical simulations (e.g., Brook et al. (2004)). Figure from Chiappini (2008)

5.5.2 The Galactic Bulge

The bulges of spiral galaxies are generally distinguished in true-bulges, hosted by
S0–Sb galaxies and pseudo-bulges hosted in later type galaxies (see Chap. 6). In
the following, we will refer only to true-bulges and in particular to the bulge of the
Milky Way. The Galactic bulge is, in fact, the best studied one and several scenarios
for its formation have been put forward in past years. The proposed scenarios can
be summarized as:

• The bulge formed by accretion of extant stellar systems which eventually settle
in the center of the Galaxy

• The bulge was formed by accumulation of gas at the center of the Galaxy and
subsequent evolution with either fast or slow star formation
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• The bulge was formed by accumulation of metal enriched gas from the halo, thick
disk or thin disk in the Galaxy center

In the context of chemical evolution, the Galactic bulge was first modeled by
Matteucci and Brocato (1990), who predicted that the [˛/Fe] ratio for some elements
(O, Si, and Mg) should be supersolar over almost the whole metallicity range, in
analogy with the halo stars; this is a consequence of assuming a fast bulge evolution
which involved rapid gas enrichment in Fe mainly by Type II SNe. At that time,
no data were available for chemical abundances and the above predictions were
confirmed later by the observations (McWilliam and Rich 1994) only for a few
˛-elements (e.g., Mg and Ti), whereas for other ˛-elements (e.g., O, Ca, and Si),
the observed trend seemed different. The model predicting the overabundances
of ˛-element over a large range in [Fe/H] for bulge stars was constrained by
reproducing the observed stellar metallicity distribution (i.e., the number of stars as
a function of [Fe/H]). It was concluded that an evolution much faster than that in the
solar neighborhood and even faster than that in the halo is necessary for reproducing
the observed metallicity distribution, and that an IMF index flatter (x D 1:1� 1:35)
than that of the solar neighborhood is also needed.

In the following years, Samland et al. (1997) developed a self-consistent
two-dimensional chemo-dynamical model for the evolution of the Milky Way
components starting from a rotating protogalactic gas cloud in virial equilibrium,
which collapses owing to dissipative cloud–cloud collisions. They found that self-
regulation due to a bursting star formation and subsequent injection of energy from
Type II SNe lead to the development of “contrary flows,” i.e., alternate collapse
and outflow episodes in the bulge. This caused a prolonged star formation episode
lasting over � 4 � 109 year. They included stellar nucleosynthesis of O, N, and Fe,
but claimed that gas outflows prevent any clear correlation between local SFR and
chemical enrichment. With their model, they could reproduce the oxygen gradient
of HII regions in the equatorial plane of the Galactic disk and the metallicity
distribution of K giants in the bulge, field stars in the halo, and G dwarfs in the disk,
but they did not make predictions about abundance ratios in the bulge. In this case,
owing to the long period of star formation, they should have predicted lower [˛/Fe]
ratios than observed. In principle, the chemo-dynamical approach should be the best
to compute galaxy evolution. However, the complexity of following at the same
time the gas dynamics and the chemical enrichment has often led to results which
are difficult to interpret. More effort should be done in the future to implement the
chemical evolution into models taking into account both gas and stellar dynamics.

In general, hierarchical clustering models of galaxy formation do not support the
conclusion of a fast formation and evolution of bulges: in Kauffmann (1996), the
bulges form through violent relaxation and destruction of disks in major mergers.
This implies that late type spirals should have older bulges than early type ones,
since the build-up of a large disk needs a long time during which the galaxy has to
evolve undisturbed. This is not confirmed by observations, since the high metallicity
and the narrow stellar age distribution observed in bulges of local spirals are not
compatible with their merger origin (see Wyse (1999)).
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Immeli et al. (2004) investigated the role of cloud dissipation in the formation and
dynamical evolution of star forming gas rich disks by means of a three dimensional
chemodynamical model. They found that galaxy evolution proceeds very differently
depending on whether the gas disk or the stellar disk first becomes unstable. This
in turn depends on how efficiently the cold cloud medium can dissipate energy. If
the gas cools efficiently, clumps of gas and stars spiral to the center of the galaxy in
a few dynamical times and merge to form the bulge. At this point, a starburst takes
place which gives rise to enhanced [˛/Fe] ratios, thus in agreement with the fast
bulge formation.

Costa et al. (2005) proposed a model in which the best fit to observations is
achieved by means of a double infall model. An initial fast (0.1 Gyr) collapse of
primordial gas is followed by a supernova-driven mass loss and then by a second
slower (2 Gyr) infall episode, enriched by the material ejected by the bulge during
the first collapse. They claimed that the mass loss is necessary to reproduce the
abundance distribution observed in PNe, and because the predicted abundances
would otherwise be higher than observed. However, it should be noted that the
abundances derived from PNe (in particular those of C and N) can be affected
by internal stellar processes and, therefore, are meaningless for studying galactic
chemical evolution, unless a correction is applied.

In any case, a credible model for the Galactic bulge should reproduce the
observed [X/Fe] vs. [Fe/H] relations as well as the stellar metallicity distribution.

5.5.2.1 Interpretation of Bulge Data

As already mentioned, the first observational data indicated that not all the
˛-elements are enhanced, in particular oxygen. In the following years, medium- and
high-resolution spectroscopy of bulge stars became available, and analyses indicated
that also O is enhanced, thus supporting the original suggestion of a rapid formation
of the bulge. The metallicity distribution of stars and the [˛/Fe] ratios greatly help
in selecting the most probable scenario for the bulge formation. In Fig. 5.28, we
present predictions of the [˛/Fe] ratios as functions of [Fe/H] in galaxies of different
morphological types. In particular, for the Galactic bulge or an elliptical galaxy
of the same mass, for the solar vicinity region and for an irregular Magellanic
galaxy (LMC). The underlying assumption is that different objects undergo different
histories of star formation, being very fast in the spheroids (bulges and ellipticals),
moderate in spiral disks, and slow and perhaps gasping in irregular gas rich galaxies.
The effect of different star formation histories is evident in Fig. 5.28 where the
predicted [˛/Fe] ratios in the bulge and ellipticals remain high and almost constant
for a large interval of [Fe/H]. This is due to the fact that, since star formation is
very intense, the bulge reaches very soon a solar metallicity thanks only to the SNe
II; then, when SNe Ia start exploding and ejecting Fe into the ISM, the change in
the slope occurs at larger [Fe/H] than in the solar vicinity. In the case of irregular
galaxies, the situation is the opposite: here the star formation is slow and when the
SNe Ia start exploding,the gas is still very metal poor. As a general rule: one can
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LMC (Hill et al. 2000)

DLA (Vladilo 2002)

Fig. 5.28 The predicted [˛/Fe] vs. [Fe/H] relations for the Galactic bulge (upper curve), the solar
vicinity (median curve) and irregular galaxies (low curve). Data for the bulge are reported for
comparison. Data for the LMC and DLA systems are also shown for comparison, indicating that
DLAs are probably irregular galaxies

move the [X/Fe] vs. [Fe/H] relation of the solar vicinity towards right if the star
formation is more intense than in the solar region, whereas one can move it towards
left if the star formation is less intense. This rule is valid for any [X/Fe] ratio and
it is the consequence of the time-delay model. This scheme is quite useful since it
can be used to identify high-redshift galaxies only by looking at their abundance
ratios. As one can see in Fig. 5.29, showing detailed predictions for the bulge, the
plateau in the [˛/Fe] is longer than in the solar neighborhood, since in the bulge
the slope of the [˛/Fe] ratio starts changing drastically only for [Fe/H]> 0.0 dex.
It is worth noting that the [O/Fe] ratio has a steeper slope than [Mg/Fe] and this
might be due to differences in the nucleosynthesis of O and Mg. In fact, while
the O production in massive stars increases continuously with stellar mass, Mg is
produced mainly in a narrow range of massive stars. In general, the overabundance
of an ˛-element relative to Fe and its behavior as a function of [Fe/H] depend on
the stellar progenitors of the ˛-element. For example, for Si and Ca, the predicted
overabundances are lower than those of Mg and O, and this is due to the fact that
Si and Ca are produced in a nonnegligible amount also by Type Ia SNe. Accurate
data show that the [O/Mg] ratio decreases steeply for [Mg/H]> 0. The model of
Fig. 5.29 does not predict such a steep decline and, therefore, some other effect
should also be in action. In fact, the steep [O/Mg] ratio can be explained only if O
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Fig. 5.29 The predicted [˛/Fe] vs. [Fe/H] relation for the bulge (solid lines), compared with
more recent data and with the predictions for the solar neighborhood (dotted lines). The chemical
evolution model is that of Ballero et al. (2007a), where references to the data can be found. Figure
from Ballero et al. (2007a)

yields from massive stars with mass loss are adopted. The mass loss rate increases
with the initial stellar metallicity and it has been shown that for Z > Zˇ, the
O yield decreases, since the increased mass loss carries away from the star large
amounts of carbon, which should otherwise be transformed into oxygen through
the 12C(˛; � )16O reaction. Magnesium, on the other hand, is untouched by stellar
mass loss. In Fig. 5.30, we show a model including O yields with mass loss and
the agreement with the data is good both for the bulge and thin-disk stars. In fact,
the steep decrease in the [O/Mg] ratio at high metallicity is present, although less
visible, also in the thin-disk stars.

A model for the bulge behaving as shown in Fig. 5.29, is also able to reproduce
the observed metallicity distribution of bulge stars, as shown in Figs. 5.31 and 5.32:
this model implies a formation timescale for the Galactic bulge of 0.1 Gyr and an
efficiency of star formation of � 20 Gyr�1, 20 times higher than that assumed for the
solar vicinity. This scenario suggests that the bulge formed by means of a short and
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Fig. 5.30 The predicted and observed [O/Mg] vs. [Mg/H] for stars in the Galactic bulge and
thin disk. The continuous line is the prediction for the bulge when the Maeder (1992) O yields
are considered for metal rich massive stars. The dotted line is the predicted [O/Mg] by Ballero
et al. (2007a) by adopting the O yields as function of metallicity by Woosley and Weaver
(1995) (the same model of Fig. 5.29). Finally, the dashed line represents the prediction for the
solar neighborhood when the O yields by Maeder are considered. In all models the abundances
are normalized to the solar abundances as predicted by the Milky Way model 4.5 Gyr ago.
These predicted abundances are in good agreement with recent solar abundance determination
by Asplund et al. (2009). Data are from Fulbright et al. (2007); Origlia et al. (2002); Zoccali et al.
(2004); Lecureur et al. (2007) for the bulge and from Bensby et al. (2005) for the thin disk stars.
Figure from McWilliam et al. (2008); reproduced by kind permission of A. McWilliam

strong starburst, in agreement with Elmegreen (1999), who suggested that the bulge
potential well is too deep to have allowed self-regulation or galactic winds, unlike
galactic disks and dwarf galaxies. As a consequence of this, the bulge formation
should have occurred by means of a strong starburst which converted gas into stars
in a few dynamical times (� 108 yr).

The IMF assumed for the bulge is usually flatter than the IMF of the solar
neighborhood and this is generally dictated by the fit of the bulge metallicity
distribution, which peaks at a higher [Fe/H] than the G-dwarf metallicity distribution
in the solar vicinity. Numerical calculations have indicated that the main parameter
influencing the peak of the distribution is the IMF, as is clearly shown in Fig. 5.31.

In summary, the comparison between models on the one hand, and the metallicity
distribution and the [˛/Fe] ratios on the other, strongly indicates that the Galactic
bulge is very old and must have formed very quickly during a strong starburst (with a
star formation efficiency much higher than in the disk). Models which reproduce the
observational data suggest that the fast formation is indicated by the constancy of the
[˛/Fe] ratios over a large range of [Fe/H] values, in agreement with the time-delay
model. The metallicity distribution, in particular, seems to suggest an IMF flatter
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Fig. 5.31 The predicted and observed metallicity distribution in the Galactic bulge. The data are
from Zoccali et al. (2003) (dashed histogram) and Fulbright et al. (2006) (continuous histogram).
In particular, the model with the peak at the lower metallicity is computed with an IMF which is
similar to that of the solar vicinity and indicated by IGIMF, (see Chap. 2) whereas the distribution
which best fits the data is computed with a flat IMF (x D 0:95 for M > 1Mˇ). The models and
the figure are from Ballero et al. (2007a)

than in the disk with an exponent for massive stars in the range x D 1:35 � 0:95.
However, to assess more precisely this particular point, we need more good data: for
example, a flatter IMF predicts that the overabundances of ˛-elements relative to Fe
and to the Sun should be higher in the bulge than in the disk. This is not entirely
clear from the available data, some of which suggest that the [O/Fe] ratios in bulge
stars are higher than in thick- and thin-disk stars (see Fig. 5.33), whereas others
suggest that the thick-disk and bulge stars have the same [O/Fe] ratios (Fig. 5.34).
The inferred timescale for the bulge formation is 0.1 Gyr and certainly no longer
than 0.5 Gyr.

5.6 The Galactic stellar halo

A popular analytical model with outflow for the Galactic halo is that suggested
by Hartwick (1976), under the assumption that during the halo collapse stars were
forming while the gas was dissipating energy and falling into the bulge and disk,
thus producing a net gas loss from the halo. This hypothesis was suggested by the
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Fig. 5.32 The predicted and observed metallicity distribution in the Galactic bulge. The data are
from Zoccali et al. (2003) (dashed histogram) and Fulbright et al. (2006) (continuous histogram).
The lines are the predictions of models with the same IMF (x D 0:95 for m > 1Mˇ) but different
SF efficiencies, as indicated in the figure. The quantity � is the efficiency of star formation: clearly
the best model requires � D 20Gyr�1. Models and figure from Ballero et al. (2007a)

fact that the stellar metallicity distribution of the halo can be reproduced only with
an effective yield lower than that of the disk. In Hartwick’s, model the ouflow rate
is assumed to be simply proportional to the SFR, as in (2.35). Hartwick used this
model to reproduce the metallicity distribution of halo stars and also to alleviate the
G-dwarf problem in the thin disk. However, the gas lost from the halo cannot have
contributed to form the whole disk, since the distribution of the specific angular
momentum of halo and disk stars are quite different, thus indicating that only a
negligible amount of halo gas can have formed the disk. On the other hand, the
similarity of the distributions of the specific angular momentum for the halo and
bulge stars indicates that the bulge must have formed out of gas lost from the
halo. The G-dwarf problem is instead easily solved if one assumes that the Galactic
disk has formed by means of slow infall of extragalactic material, as we have seen
before. Hartwick’s model has been revisited to interpret a more recent metallicity
distribution of halo stars, which is quite different from the G-dwarf metallicity
distribution in the local disk. In particular, the halo metallicity distribution is peaked
at around [Fe/H]� �1:6 dex, whereas the G-dwarf distribution is peaked at around
[Fe/H]� �0:2 dex. The model suggests that an outflow with the wind parameter
� D 8 as well as a formation of the halo by early infall, are necessary to reproduce
the observed halo metallicity distribution (see Fig. 5.35).
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Fig. 5.33 Upper panel: the [O/Fe] vs. [Fe/H] for bulge stars as measured by Zoccali et al. (2006)
(circles), along with previous determinations in other bulge stars from optical (open triangles) and
near-IR spectra (crosses). Open symbols refer to spectra with lower S/N or with the O line partially
blended with telluric absorption. The dashed line represents a model by Immeli et al. (2004). Lower
panel: [O/Fe] trend in the bulge and in thick and thin-disk stars (crosses and triangles). The solid
line shows a linear fit to the thick data points with [Fe/H] > �0:5 dex and is meant to emphasize
that all bulge stars with �0:4 < ŒFe=H� < C0:1 are more O-enhanced than the thick-disk stars.
If confirmed, this trend may indicate a flatter IMF for the bulge than for the disk. This plot also
suggests that there is a systematic difference between bulge and disk stars, thus excluding that bulge
stars were once disk stars migrated in the bulge. Figure and references from Zoccali et al. (2006).
Note that Fulbright et al. (2007) also find [Mg/Fe] in bulge stars higher than in thick-disk stars

5.7 What We Have Learned About the Formation
and Evolution of the Milky Way

From the discussions of the previous sections, we can extract some important con-
clusions on the formation and evolution of the Milky Way, derived from chemical
abundances. In particular:

• The inner halo formed on a timescale of 1–2 Gyr at maximum, the outer halo
formed on longer timescales perhaps from accretion of satellites or gas.
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Fig. 5.34 The derived [O/Fe] ratios, as a function of [Fe/H], for the bulge (red triangles), thick
disk (blue solid circles), thin disk (open green circles) and halo giants (stars). A typical error bar is
shown. Note the similarities between the bulge and thick disk trends for [Fe/H]< �0:2. Data and
Figure from Melendez et al. (2008)

Fig. 5.35 Metallicity distribution for the halo stars. On the Y axis of the upper and middle panels
is plotted the quantity f .Z/ D dN=d logZ (where dlogZ stands for d[Fe/H]), displayed in a linear
and a logarithmic scale, respectively. The lower panel shows the predicted cumulative distributions
on a logarithmic scale. Overimposed to the data are the models: pure outflow with IRA (dashed
curve), pure outflow without IRA (thin solid curve), and early infall C outflow without IRA (thick
solid curve). Figure from Prantzos (2003)
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• The disk at the solar ring formed on a timescale not shorter than 6 Gyr.
• The whole disk formed inside-out with timescales of the order of 2 Gyr or less in

the inner regions and 10 Gyr or more in the outermost regions.
• The abundance gradients arise naturally from the assumption of the inside-

out formation of the disk. A threshold density for the star formation helps in
steepening the gradients at large galactocentric distances.

• The bulge is very old and formed very quickly by means of a strong starburst on
a timescale smaller than even the inner halo and not larger than 0.5 Gyr.

• The IMF seems to be different in the bulge and the thin disk, being flatter in the
bulge, but it seems similar to that in the thick disk.

5.8 Other Spiral Systems

5.8.1 Abundance Gradients and Other Properties

Abundance gradients in disks of spirals, expressed in dex/kpc, are found to be
steeper in smaller disks but the correlation disappears if they are expressed in dex/rD

(rD is the scale length radius), which means that there is a universal slope per unit
scale length. The gradients are generally flatter in galaxies with central bars. The
SFR is measured mainly from H˛ emission and shows a correlation with the total
surface gas density (HI+H2), in particular the suggested law is that of (2.6). In the
observed gas distributions, differences between field and cluster spirals are found,
in the sense that cluster spirals have less gas, probably as a consequence of stronger
interactions with the environment. Abundance gradients and integrated colors of
spiral galaxies are generally interpreted as the consequence of an inside-out disk
formation, suggested also for the Milky Way. As an example of abundance gradients
in a spiral galaxy we show, in Fig. 5.36, the observed and predicted gas distribution
and abundance gradients for the disk of M101. In this case, the gas distribution
and the abundance gradients (flatter than in the Milky Way) are reproduced by
means of an inside-out formation with systematically smaller timescales for the disk
formation at different radii, relative to the MW (M101 formed faster).

The chemical evolution of the Andromeda galaxy (M31) has also been studied:
in Fig. 5.37, we show the predicted and observed radial O gradient (	 log.O=H/

	rG
�

�0.017 dex kpc�1) in the disk of M31 compared to the gradient in the Milky Way
(	 log.O=H/

	rG
D �.0:04� �0:07/ dex kpc�1). The gradient in M31 is flatter than in the

Milky Way, again indicating a faster formation of the M31 disk relative to the disk
of the Galaxy. The models presented in Fig. 5.37 also assume inside-out formation
for both the Milky Way and M31 disks and the timescales as a function of radius in
M31 are assumed to be shorter than in the Milky Way. Therefore, to reproduce
the abundance gradients of M31 and M101, both more massive than the Milky
Way, one needs to assume a faster disk formation, in other words a downsizing
in star formation in spiral galaxies. Downsizing means that the star formation must
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Fig. 5.36 Upper panel: predicted and observed gas distribution along the disk of M101. The
observed HI, H2, and total gas are indicated in the figure. The large open circles indicate the
models: in particular, the open circles connected by a continuous line refer to a model with central
surface mass density of 1,000Mˇpc�2, while the dotted line refers to a model with 800 Mˇpc�2

and the dashed to a model with 600Mˇpc�2. Lower panel: predicted and observed abundance
gradients of C, N,and O elements along the disk of M101.The models are the lines and differ for
a different threshold density for star formation, being larger in the dashed model. All the models
and the figure are by Chiappini et al. (2003b)
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Fig. 5.37 Observed oxygen abundance gradient in the Milky way (top, data from Rudolph
et al. (2006); Deharveng et al. (2000) and M31 (bottom, data Dennefeld and Kunth (1981);
Blair et al. (1982), Trundle et al. (2002)). In the top panel, the two commonly referred values
of �0.07 dex kpc�1 and �0.04 dex kpc�1 are shown as dashed and solid lines, respectively: the
gradient of M31 instead is �0.017 dex kpc�1. The models and the figure are from Yin et al. (2009)

have been less intense and lasted longer in smaller than in larger systems. Such a
slower evolution means slower chemical enrichment which favors the formation of
a steeper gradient, as opposed to fast formation. This conclusion indicates that the
mass of galaxies is a very important driver of their evolution. The same conclusions
are reached for elliptical galaxies (see Chap. 6).



Chapter 6
Chemical Evolution of Early Type Galaxies

6.1 Elliptical Galaxies

We recall here some of the most important properties of ellipticals, which are
systems made of old stars with negligible gas and ongoing star formation. The
metallicity of ellipticals is measured only by means of metallicity indeces obtained
from their integrated spectra which are very similar to those of normal K giant stars.
The most common metallicity indicators are Mg2 and< Fe >, as originally defined
in Faber et al. (1985). In order to pass from metallicity indices to [Fe/H], one needs
to adopt a suitable calibration often based on population synthesis models. Unfor-
tunately, population synthesis models contain several uncertainties residing either
in incomplete knowledge of stellar evolution or in deficiencies in stellar libraries.
The most common calibration relates the index Mg2 to [Fe/H]. In Burstein’s (1979)
and many other calibrations, the [Mg/Fe] ratio was assumed to be solar, at variance
with observational indications showing an overabundance of Mg relative to Fe in the
nuclei of giant ellipticals. Later on, nonsolar [Mg/Fe] ratios were taken into account
in index calibrations. In addition, some of them (e.g., Borges et al. (1995)) produced
also calibrations of < Fe > vs. [Fe/H]. An additional index for ellipticals is the
so-called Hˇ, which is mostly sensitive to the age of the dominant stellar population.
This is because stars near the MS turn-off (MSTO) are the dominant sources for the
integrated strength of Hˇ . It is worth recalling that these indeces (Mg2, < Fe >,
and Hˇ) are also used to measure abundances in bulges and globular clusters:
actually, the measured indeces in globular clusters serve as calibrators for the index-
metallicity calibration of ellipticals in the low metallicity domain. Unfortunately,
many uncertainties are still present in these calibrations as we will see later.

6.1.1 Observational Properties

We summarize here the most important observational features as well as the
common scenarios for the formation of ellipticals. From the observational point of
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view, elliptical galaxies are characterized by spanning a large range in luminosities
and masses, by containing mainly red giant stars and no gas. We define in the
following the chemical abundances in ellipticals as the mean stellar abundances
relative to the Sun (e.g., [< Fe=H >�]). These abundances can be averaged on the
stellar mass or on the stellar luminosity in ellipticals, as we will see later.

The main properties of the stellar populations in ellipticals can be summerized as:

• There exist a well-known color–magnitude and color – �o (central velocity
dispersion) relations indicating that the integrated colors become redder with
increasing luminosity and mass. These relations are generally interpreted as a
metallicity effect, although a well-known degeneracy exists between metallicity
and age of the stellar populations in the integrated colors. It is worth noting
that there is a remarkable tightness of the color-central velocity dispersion
relation found for Virgo and Coma ellipticals, which indicates a short process
of galaxy formation (approximately 1–2 Gyr)(see Fig. 6.1). Bernardi et al. (1998)
extended this conclusion also to field ellipticals, but derived a timescale of galaxy
formation slightly longer (approximately 2–3 Gyr);

• The thinness of the fundamental plane (FP)1 seen edge-on (M/L vs. M) for
ellipticals in the same two clusters (e.g., Renzini and Ciotti (1993)) indicates
again a short process for the formation of stars in these galaxies;

• The index Mg2 is normally used as a metallicity indicator since it does not depend
much upon the age of stellar populations. There exists for ellipticals a well-
defined Mg2–�o relation, equivalent to the already discussed mass–metallicity
relation for star forming galaxies;

• Ellipticals are metal rich galaxies with mean stellar metallicity in the range
Œ< Fe=H >�� D .�0:8 � C0:3/ dex and they are characterized by having
large Œ< ˛=Fe >�� ratios .Œ< Mg=Fe >�� >, from 0.05 to C0:3 dex) in nuclei of
giant ellipticals. This fact indicates that these galaxies and especially the most
massive ones had a short duration of formation (approximately 0.3–0.5 Gyr):
in fact, in order to have high [< Mg=Fe >�] ratios in the dominant stellar
population of ellipticals, the SNe Type Ia, which occur on a large interval of
timescales, should not have had time to pollute significantly the ISM before the
end of the star formation; another very interesting feature of ellipticals is the
increase of the central [< Mg=Fe >�] ratio with velocity dispersion (galactic
mass, luminosity) ([< Mg=Fe >�] vs. �o), and that suggests, on the basis of
the time-delay model, that more massive objects evolve faster than less massive
ones, and that the most massive systems are the oldest ones (see Fig. 6.2). As an
example, Kuntschner et al. (2001) found the following relation:

1The FP for ellipticals shows a relationship between the the mean surface brightness, velocity
dispersion and effective radius of a galaxy. In other words, elliptical galaxies occupy a well
defined plane in the three-dimensional space determined by surface brightness, velocity dispersion
and effective radius. The FP can be seen face-on and edge-on (for more details see Binney and
Merrifield (1998)).
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Fig. 6.1 Color-velocity dispersion relations as measured in galaxies of Coma and Virgo clusters
(open and filled symbols, respectively). Circles represent ellipticals and triangles S0 galaxies.
Figure from Bower et al. (1992)

Œ< Mg=Fe >�� D 0:30 .˙0:06/ log �o � 0:52 .˙0:15/; (6.1)

whereas the relation from Thomas et al. (2002) is shown in Fig. 6.2;
• Abundance gradients exist in ellipticals with typical metallicity gradients of

�Œ<Fe=H>��

� log r � �0:3. These abundance gradients in the stellar populations are well-
reproduced by “outside-in” models for the formation of ellipticals, as suggested
by several authors (see later). It is still not clear whether there is a correlation
between abundance gradients and galactic mass, as required by the classic
monolithic model of Larson (1975) which reproduced the colour–magnitude and
the mass–metallicity relations of ellipticals. To date, only a few observational
works inferred the gradients in the [< ˛=Fe >�] ratios from the indices, such
as Mg2 and < Fe > (e.g., Melhert et al. (2003), Annibali et al. (2006)). These
papers show that the slope in the [< ˛=Fe >�] gradient can be either negative
or positive, with a mean value close to zero, and that it does not correlate with
galactic properties;

• Lyman-break and SCUBA (submillimeter common-user bolometric array)
galaxies at redshift z � 3, where the star formation rate is as high as
�40� 1;000Mˇyr�1, could be the progenitors of galactic bulges and ellipticals.
In particular, Lyman-break galaxies, a large population of actively star-forming
galaxies at 3 � z � 3:5 were identified by their red-shifted Lyman continuum
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Fig. 6.2 Element abundance ratio [˛/Fe] as a function of velocity dispersion � (measured
within 1=10 re) and mean age. Grey and black symbols are field and cluster early-type galaxies,
respectively. Triangles are lenticular, circles elliptical galaxies. The two squares are the Coma cD
galaxies NGC 4874 and NGC 4889. Mean ages and abundance ratios are derived, with [˛/Fe]
enhanced SSP (Simple stellar population) models from Maraston (1998) and Maraston et al.
(2002), from the indices Hˇ ,Mgb, and< Fe >D .Fe5270 CFe5335/=2 measured within 1=10 re .
Typical error-bars are given in the bottom-right corners. Galaxy data are taken from Gonzalez
(1993); Mehlert et al. (2000); Beuing et al. (2002). Figure from Thomas et al. (2002)

breaks at 912 Å (Steidel et al. 1996a,b): their estimated SFRs are in the range
(40–100)Mˇ yr�1 and their sizes are relatively small (re = 1–3 kpc, where re
is the galactic effective radius). The stellar masses inferred for Lyman- break
galaxies are in the range M� D .1010–1011/Mˇ. Another important feature
detected in these objects is the presence of galactic outflows and winds
driven by supernovae and massive stars. They are plausibly the progenitors
of local bulges or relatively small ellipticals. SCUBA galaxies have been first
discovered by means of a submillimeter survey using the submillimeter common-
user bolometric array on James Clerk Maxwell Telescope (Smail et al. 1997).
SCUBA galaxies are plausibly the high-z counterparts .z D 1–4/ of more local
(z � 1) luminous infrared galaxies identified in IRAS (infra red astronomical
satellite) and ISO (infrared space observatory). They are probably dusty
spheroids at high redshift. Moreover, they show signs of starburst and the
estimated SFR in these objects is very high � 1;000Mˇ yr�1;

• The existence of old fully assembled massive spheroidals already at
1:6 � z � 1:9 (e.g., Cimatti et al. (2004)) also indicate an early formation of
ellipticals, at least at z > 2;

• The Hubble space telescope (HST) has provided evidence for the existence of
old massive spheroids also at very high redshift. In particular, Mobasher et al.
(2005) reported evidence for a massive (M � 6 � 1011Mˇ) post-starburst galaxy
at z � 6:5, and more of such objects have been discovered since then. The last
discovery concerns a massive galaxy at redshift z � 10 (Bouwens et al. 2011).
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These observational facts, in particular the high-z old and massive early type
galaxies, are challenging most N-body and semi-analytical simulations, in the
hierarchical galaxy formation scenario, published so far, where these galaxies are
very rare objects. In addition, evidence for mass downsizing and “top-down” assem-
bly of ellipticals arises from a new analysis of the rest-frame B-band COMBO-17
(classifying objects by medium band observations- a spectrophotometric 17-filter
survey) and DEEP2 (galaxy redshift survey) luminosity functions (Cimatti et al.
2006) and from a photometric analysis of galaxies at z D 1 (Kodama et al. 2004).

Therefore, all of these findings are pointing to a formation of ellipticals at very
high redshift.

On the other hand, there are also arguments favoring the formation of ellipticals
at low redshift, and they can be summarized as:

• The relative large values of the Hˇ index measured in a sample of nearby
ellipticals which could indicate prolonged star formation activity up to 2 Gyr ago.

• The blue cores found in some ellipticals in the Hubble Deep Field which may
indicate a continuous star formation.

• The tight relations in the fundamental plane at low and higher redshift can be
interpreted as due to a conspiracy of age and metallicity, namely, to an age-
metallicity anticorrelation: more metal rich galaxies are younger than less metal
rich ones.

• The main argument in favor of the formation at low redshift was for years the
apparent paucity of high luminosity ellipticals at z � 1 compared to now.
However, Yamada et al. (2005) by means of the Subaru telescope found that
60–85% of the local early type galaxies are already in place at z D 1.

In conclusion, although there are still uncertainties, it looks like if most of
the observational information points toward high redshift formation for ellipticals.
However, more data on high redshift galaxies are necessary to understand the exact
epoch of the formation of the ellipticals.

6.1.2 Scenarios for Galaxy Formation

The most common ideas on the formation and evolution of ellipticals can be
summarized as:

• Toomre and Toomre (1977) first suggested that elliptical galaxies formed by
mergers of spirals. However, this scenario is not very likely in the light of the
most recent observational evidence. In particular, although from a dynamical
point of view this scenario could be possible, from a chemical point of view
it is highly unlikely. In fact, ellipticals and spirals contain very different stellar
populations with different abundance patterns, not explained by a simple merger
picture of this kind.
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• Larson (1975) first suggested that ellipticals formed by an early monolithic
collapse of a gas cloud or early merging of lumps of gas where dissipation
plays a fundamental role. In this model, star formation proceeds very fast until a
galactic wind is developed and star formation stops after that. The galactic wind
is, therefore, the main cause for the quenching of star formation and devoids the
galaxy from all its residual gas. Although quite simplistic, this scenario can still
explain the majority of observational features in ellipticals, as we will see in the
next paragraphs.

• Ellipticals formed by means of intense bursts of star formation in merging
subsystems made of gas (Tinsley and Larson 1979). In this picture star formation
stops after the last burst and gas is lost via ram pressure stripping or galactic wind.

• Ellipticals formed in a hierarchical scenario and continued to form in a wide
redshift range and preferentially at late epochs by merging of early formed
stellar systems (e.g., Kauffmann et al. (1993, 1996)). In this scenario the most
massive ellipticals formed last.

6.1.3 Monolithic Models for the Formation and Evolution
of Ellipticals

Monolithic models assume that ellipticals suffer an intense star formation and
quickly produce galactic winds when the energy injected from SNe into the
ISM equates the potential energy of the gas. Star formation is assumed to stop
after the development of a galactic wind and the galaxies are assumed to evolve
passively afterwards. The original model of Larson suggested that galactic winds
should occur later in more massive objects due to the assumption of a constant
efficiency of star formation (namely, the SFR per unit mass of gas) in ellipticals
of different mass and to the increasing depth of the potential well in more massive
ellipticals. Unfortunately, this prediction is at variance with the observation that
the [< Mg=Fe >�] ratio increases with galactic mass, which instead suggests a
shorter period of star formation for larger galaxies, as we have already mentioned
in Sect. 6.1.1. This was first pointed out by Trager et al. (1993) and then by
Worthey et al. (1994) and Matteucci (1994): the latter also computed models for
ellipticals with a shorter period of star formation in larger ellipticals (downsizing
in star formation). In order to obtain that, an increasing efficiency of star formation
with galactic mass was assumed, with the consequence of obtaining a galactic wind
occurring earlier in the massive than in the small galaxies. She called this process
“inverse wind” and showed that such a model was able to reproduce the increase
of [< Mg=Fe >�] with galactic mass as well as the mass–metallicity relation. It
is worth mentioning that recently De Lucia et al. (2006) studied the star formation
histories, ages and metallicities of ellipticals by means of the Millennium Simulation
of the concordance �CDM cosmology. They also suggested that more massive
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ellipticals should have shorter star formation timescales, but lower assembly (by
dry mergers) redshift than less luminous systems. This is the first hierarchical
paper admitting downsizing in the star formation process in ellipticals. However,
the lower assembly redshift for the most massive system is still in contrast to what
is concluded by Cimatti et al. (2006), who showed that the downsizing trend should
be extended also to the mass assembly, in the sense that the most massive ellipticals
should have assembled before the less massive ones. This translates, in terms of
models, in assuming an increasing timescale for the assembly of less massive
ellipticals. In any case, semi-analytical hierarchical models of galaxy formation
cannot yet properly reproduce the [< Mg=Fe >�] vs. �o relation, as we will see later.

Pipino and Matteucci (2004) presented a revised monolithic model which allows
for the formation of ellipticals by a fast merger of cold gas lumps at high redsfhit.
We will refer mainly to this model when discussing monolithic formation of
ellipticals although the real monolithic formation assumes a unique initial gas cloud
collapsing, whereas in this model the galaxy forms by assembly of gas clouds on a
short but finite timescale (see also Merlin and Chiosi (2006), who assumed mergers
of smaller subunits at high redshift, thus reproducing the monolithic scenario). The
SFR in monolithic models is very intense and induces a galactic wind, after which
the star formation stops because the gas ejected continuously from dying stars is
kept warm by the explosions of Type Ia SNe, which continue until the present time.
The model is multi-zone and predicts that each elliptical forms “outside-in” (star
formation stops in the outer regions before it does in the inner regions, owing to the
galactic wind). In other words, the galactic wind develops outside-in and, therefore,
the galaxy forms outside-in. An increasing efficiency of star formation with the
galactic mass, in order to reproduce the “inverse-wind” situation, as well as a shorter
timescale � for the gas assembly with increasing galactic mass are assumed.

The adopted star formation law is (4.3):

 .t/ D �Mgas.t/ .Mˇ Gyr�1/;

with � being the efficiency of star formation, expressed in unit of Gyr�1 , and
Mgas.t/ the mass of gas at any time. In particular, it is assumed that � increases from
11 Gyr�1 to 50 Gyr�1 passing from a 1010Mˇ to a 1012Mˇ total galactic luminous
mass. These values are chosen to best reproduce the properties of local ellipticals.

The rate of gas assembly is the usual exponential law:

A.t/ D ae�t=� .Mˇ Gyr�1/;

where a is a parameter depending on the luminous mass of the galaxy and � is the
timescale of gas accretion and varies from 0.1 to 0.5 Gyr.

In Fig. 6.3, we show the predicted histories of star formation in the “inverse wind
scenario”: as one can see, the most massive ellipticals show a shorter and more
intense episode of star formation than the less massive ones and a maximum SFR
occurring at later epochs for smaller objects.
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Fig. 6.3 The predicted star formation histories (star formation rate per unit stellar mass) for
galaxies of 1012 (dashed line), 1011 (continuous line), and 1010Mˇ (dotted line) in stellar mass.
Such a behavior is obtained by assuming that the efficiency of star formation is increasing with
galactic mass, whereas the timescale for the assembly of the gaseous lumps giving rise to the
galaxies is a decreasing function of mass (downsizing both in star formation and mass assembly).
In these models, the galactic wind occurs first in the more massive galaxies than in less massive
ones (Pipino and Matteucci 2004)

In Fig. 6.4, we show the predicted Type II and Ia SN rates in a typical elliptical
of 1011Mˇ in stars. It is worth noting that while the Type II SN rate strictly follows
the behavior of the SFR, the Type Ia SN rate continues until the present time and
shows a decrease of a factor of �20 between the maximum, reached at �0.5 Gyr,
and now. This is due to the fact that Type Ia SNe originate from progenitors defined
over a large range of masses (here the SD scenario is assumed): at the present time
only the tardy Type Ia SNe are exploding, namely, those originating from low mass
progenitors (see Chap. 2).

The star formation histories in ellipticals, studied in the cases of high and
low density environment (clusters and field), shown in Fig. 6.5, have suggested a
downsizing in star formation, and that the formation of ellipticals in the field might
have started 2 Gyr after that of ellipticals in clusters. This suggestion is based on the
data relative to [< ˛=Fe >�] ratios and ages in ellipticals, as shown in Fig. 6.2. As
one can see, the suggested empirical star formation histories in ellipticals in clusters
are very similar to the theoretical ones shown in Fig. 6.3.
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Fig. 6.4 The predicted SN
rates expressed in SNe yr�1

as functions of cosmic time in
an elliptical galaxy of
1011Mˇ of luminous mass.
The cosmic time is expressed
in Gyr. The dotted line
represents the predicted Type
II SN rate, whereas the
continuous line is the
predicted Type Ia SN rate,
under the assumption of the
SD model. The model shown
here is the same as in Fig. 6.3
for a 1011Mˇ galaxy

Fig. 6.5 Thomas et al.’s view of the star formation history (star formation rate per unit stellar
mass) in ellipticals of different masses and in different environments. Figure from Thomas et al.
(2005); reproduced by kind permission of D. Thomas
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6.1.3.1 Stellar Feedback

Stellar feedback, namely, the energy injected by stars into the ISM, is a fundamental
ingredient in galaxy evolution. Unfortunately, we know very little about it and many
uncertain assumptions need to be made in order to compute it. In some models of
chemical evolution, feedback effects due to the energy injection from stellar winds
and SNe (core-collapse and Ia) have been taken into account in a simple way, and
the condition for the development of a wind is:

.Eth/ISM � EBgas; (6.2)

namely, the wind occurs when the thermal energy of the gas is larger or equal to its
binding energy. The thermal energy of gas due to SN and stellar wind heating is:

.Eth/ISM D EthSN C Ethw ; (6.3)

with the contribution of SNe being:

EthSN D
Z t

0

�SNRSN.t
‘/dt ‘; (6.4)

while the contribution of stellar winds is:

Ethw D
Z t

0

Z 100

12

'.m/ .t ‘/�wdmdt ‘; (6.5)

with �SN D 	SN�o and �o D 1051 erg (typical SN energy), and �w D 	wEw with
Ew D 1049erg (typical energy injected by the stellar wind of a 20Mˇ star taken
as representative of all massive stars). The quantities 	w and 	SN are two free
parameters and indicate the efficiency of energy transfer from stellar winds and
SNe into the ISM, respectively; they are still largely unknown and depend on the
environmental conditions. In most galaxy evolutionary models, they are considered
free parameters. In the model we are describing, it was assumed that 	w D 0:03

for the stellar winds, that 	SN D 0:03 for core-collapse SNe and 	SN D 1:0

for Type Ia SNe, as suggested by dynamical simulations of Recchi et al. (2001).
Dynamical simulations, in fact, suggested that Type Ia SNe can inject all of their
initial blast wave energy into the ISM, since they explode after core-collapse SNe,
when the ambient is hot and rarified: in such conditions the energy injected is not
lost. However, the main reason for the choice of these two parameters is to obtain a
situation where the star formation is truncated by a galactic wind occuring at early
times, so to be able to reproduce the observed high [< ˛=Fe >�] ratios.

The total mass of the galaxy is expressed asMtot.t/ D M�.t/CMgas.t/CMdark

with ML.t/ D M�.t/CMgas.t/ and the binding energy of gas is:

EBgas.t/ D WL.t/CWLD.t/; (6.6)



6.1 Monolithic Models for the Formation and Evolution of Ellipticals 141

with:

WL.t/ D �0:5GMgas.t/ML.t/

re
; (6.7)

which is the potential well due to the luminous matter and with:

WLD.t/ D �GwLD
Mgas.t/Mdark

re
; (6.8)

which represents the potential well due to the interaction between dark and luminous
matter, where wLD � 1

2

S.1 C 1:37S/, with S D re=rD, being the ratio between

the galaxy effective radius (re) and the radius of the dark matter core (rD) (see
Bertin et al. (1992)). Typically, the dark matter halo is assumed to be 10 times
more massive than the luminous matter and to be diffused (S D 0:1). This is in
agreement with dark matter studies in ellipticals with X-ray haloes (e.g., Samurovic
and Danziger (2005)) suggesting that there is no strong evidence of dark matter
from 1 to 3 effective radii, thus indicating a rather diffuse dark matter distribution
in ellipticals.

6.1.3.2 Downsizing in Star Formation and [< ˛=Fe >] Ratios

In Fig. 6.6, we show predictions concerning the [< Mg=Fe >�] vs. galactic mass
(stellar) in the inverse wind scenario, in the classical Larson’s scenario, where the
efficiency of star formation was assumed to be constant, and in the case of a variable
IMF. This last case assumes that more massive ellipticals should have a flatter IMF.
However, this particular scenario requires a too flat IMF for massive ellipticals, at
variance with observational properties (e.g., M/L ratio, colour–magnitude diagram).

More recent predictions of the relation [< Mg=Fe >�] vs. mass (veloc-
ity dispersion) compared with data are presented in Fig. 6.7, which shows how
classical hierarchical semi-analytical models cannot easily reproduce the observed
[< Mg=Fe >�] vs. velocity dispersion trend, since in this scenario massive
ellipticals have longer periods of star formation than smaller ones. In particular,
in Fig. 6.7, the predictions of the monolithic model (continuous line) are compared
with data and with hierarchical clustering predictions (shaded area).

6.1.3.3 Mean Stellar Metallicities

As we have already said, the measured abundances in ellipticals are the mean
abundances of stars measured by means of metallicity indices. Therefore, the
observational data need to be transformed into real abundances, as it is the case
in Fig. 6.7, or the predicted abundances need to be transformed into indices. In
the latter case, in order to compare model results and observations, we need
first to compute the mean stellar metallicities and then to transform them into
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Fig. 6.6 The predicted [< Mg=Fe >�] vs. logMf (final mass or stellar mass) for ellipticals, under
several different assumptions by Matteucci (1994). The curves labelled IWM0.95 and IWM1.35
correspond to models with star formation histories similar to those shown in Fig. 6.3, the only
difference being that the ellipticals are considered as closed-box systems until the occurrence of
a galactic wind. The case IWM0.95 assumes for all galaxies an IMF with x D 0:95, whereas the
case IWM1.35 assumes a Salpeter (x D 1:35) IMF. The curve labeled CWM indicates classic
wind models where the galactic wind occurs first in less massive than in more massive galaxies,
and the assumed IMF is the Salpeter one. Finally, the curve labeled VARIMF assumes a variable
IMF as a function of the galactic mass. In particular, the IMF varies from a Salpeter one for a small
elliptical to a x D 0:95 IMF for a massive one. Figure from Matteucci (1994)

indices. To compute the mean stellar abundance of a generic chemical element X
(< X=H >�< ZX >), one can write:

< ZX >MD 1

S0

Z S0

0

ZX.S/dS ; (6.9)

where S0 is the total mass of stars ever born contributing to the light at the present
time. Therefore, the quantity < ZX > is the mean stellar abundance of an element
X averaged on the stellar mass. However, to compare theory with the observations,
it is better to compute the mean stellar metallicity averaged on the visual luminosity
LV, which is the observed quantity, namely:

< ZX >LD
P

i;j nijZXLVjP
i;j nij LVj

; (6.10)
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Fig. 6.7 The relation [˛/Fe] vs. velocity dispersion (mass) for ellipticals. Figure adapted
from Thomas et al. (2002). The continuous line represents the predictions by the model of Pipino
and Matteucci (2004). The shaded area represents the predictions of hierarchical models for the
formation of ellipticals. The symbols are the observational data

where nij is the number of stars relative to the abundanceZX and luminosity LVj .
We recall here that, for massive ellipticals, results obtained by averaging on

the stellar mass are very similar to those obtained by averaging on the stellar
luminosity. For less massive ellipticals (M � 109Mˇ), instead, the luminosity
weighted abundances are systematically lower than the mass weighted ones.

Then, one transforms the chemical information into indices by means of a
calibration relation. As an example, we show here the calibrations derived by
Matteucci et al. (1998) from the synthetic indices of Tantalo et al. (1998), which
take into account the Mg enhancement relative to Fe:

Mg2 D 0:233C 0:217 ŒMg=Fe�

C.0:153C 0:120 ŒMg=Fe�/ � ŒFe=H� ;

< Fe > D 3:078C 0:341 ŒMg=Fe�

C.1:654 � 0:307 ŒMg=Fe�/ � ŒFe=H� ;

for a stellar population 15 Gyr old. For comparative purposes, we also show the
calibration relations of Worthey (1994) for a 12 Gyr old simple stellar population
with solar abundance ratios and ŒFe=H� > �0:5. These relations are:

Mg2 D 0:187 ŒFe=H�C 0:263 ;

< Fe >D 1:74 ŒFe=H�C 2:97 :
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By comparing the results obtained by means of these two different calibrations one
can have an estimate of the impact of the ˛-enhancement in the predicted metallicity
indices, and can be able to draw conclusions which are independent of the assumed
calibration.

As an example of comparison between theoretical and observed indeces, we
show the mass–metallicity (mass-Mg2) relation observed and predicted for ellip-
ticals (see Fig. 6.8). The different lines in the left panel of Fig. 6.8 correspond to
different models and different calibrations adopted to transform the predicted abun-
dances into Mg2 and compare them to the data. The thick and thin lines in Fig. 6.8
refer to the calibration assuming ˛-enhancement and solar ratios, respectively. As
one can see, nonnegligible differences are produced by the two calibrations. The
models presented in this figure are computed with different IMFs, in particular the
dashed line corresponds to a model with an IMF with slope x D 0:95 over the whole
stellar mass range. Clearly this model produces too high chemical abundances and
too high values of Mg2, suggesting that the Salpeter (1955) IMF is better than a
top-heavy one to describe the chemical evolution of normal ellipticals. It is worth
noting that the models in Fig. 6.8 include downsizing in star formation, and they

Fig. 6.8 Right: Mg and Fe abundances in the stellar component as predicted by different models
as functions of galactic mass. Solid line represents a model with a constant � with galactic mass
whereas the dotted line represents a model with � decreasing with galactic mass. Both models adopt
a Salpeter (1955) IMF. Left: line-strength indices predicted by the models of the right panel plus
another model (dashed line) with a flatter IMF (x D 0:95) and � decreasing with galactic mass,
using Tantalo et al. (1998) and Worthey (1994) calibrations (thick and thin lines, respectively),
plotted vs. a collection of data from Carollo et al. (1993); Trager et al. (1998); Gonzalez (1993);
Kuntschner (2000); Kuntschner et al. (2001). The typical errors are shown in the panels. Figure
from Pipino and Matteucci (2004)
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are able to reproduce the [< ˛=Fe >�] vs. mass relation (Fig. 6.7) together with the
mass–metallicity relation, the two most important observational features of elliptical
galaxies. Models with no downsizing, as the old Larson’s model, can reproduce the
mass–metallicity relation but not the [< ˛=Fe >�] vs. mass relation.

6.1.4 Hierarchical Models for the Formation and Evolution
of Ellipticals

Very few attempts have been made up to now to predict the [˛/Fe] vs. mass relation
in ellipticals in the framework of hierarchical formation models. The main reason for
this resides in the fact that most of the semi-analytical models for galaxy formation
still adopt the IRA, and therefore they cannot properly model the evolution of Fe
which is produced mainly by Type Ia SNe on relatively long timescales. Recently,
a detailed treatment of chemical evolution, considering the chemical enrichment
by Type Ia SNe and downsizing in star formation, has been included in a semi-
analytical model of galaxy formation and it has been shown that these models still
do not fit well the observed [< ˛=Fe >�] vs. mass relation for ellipticals, predicting
a too shallow slope and a too large scatter relative to the data (see Fig. 6.9, where
the model results are represented by crosses). However, the model shows signif-
icant improvement, relative to previous work; at the highest masses and velocity
dispersions, the predicted [< ˛=Fe >�] ratios are now marginally consistent with
observed values. On the other hand, an excess of low-mass ellipticals with too high
[˛/Fe] ratios is predicted. The main problem with these models is that the SFR
in ellipticals is extending over a long period of time, thus lowering too much the
[˛/Fe] ratios because of the late contribution of SNe Ia. In monolithic-like models,

Fig. 6.9 The relation [O/Fe] vs. stellar mass (equivalent to velocity dispersion) for ellipticals, as
predicted by a semi-analytical model for galaxy formation. The crosses are the results from the
model, while the observed relation and its spread is indicated by the hatched region (see Pipino et
al. (2008b)). Reproduced by kind permission of A. Pipino
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Fig. 6.10 Average star
formation histories of model
elliptical galaxies split into
bins of different stellar
masses, normalized to the
total mass of stars formed.
The two panels are for
galaxies residing in haloes of
different masses, as indicated
by the labels. In both panels,
the solid line shows the
average star formation history
for all the elliptical galaxies
in the sample under
investigation. The long
dashed, dash–dotted, dashed,
and dotted lines refer to
galaxies with stellar mass
'1012, 1011, 1010, and
109 Mˇ, respectively. The
vertical line in both panels is
included to guide the eye.
Figure from De Lucia et al.
(2006)

instead, the star formation period lasts for at maximum 1–2 Gyr. Moreover, the large
predicted spread is an intrinsic property of the merger process, which is supposed to
be responsible for the formation of ellipticals in the hierarchical clustering scenario.
A possible solution could be a variable IMF from galaxy to galaxy, but in this
case other galactic properties might not be reproduced. In general, to vary the IMF
should be the very last option for chemical evolution modelers. As an example of
downsizing in star formation in hierarchical models, we show the results of De
Lucia et al. (2006) in Fig. 6.10. As we have already mentioned, in this model a
lower assembly redshift is assumed for the most massive ellipticals. This is realized
by assuming dry mergers, namely, mergers of small objects with no associated star
formation. The plots of Fig. 6.10 should be compared with those of Figs. 6.3 and 6.5
showing the predictions of monolithic models and empirical star formation histories,
respectively. In the latter cases, the effect of downsizing in star formation is more
evident than in the hierarchical predictions. In fact, semi-analytical models predict
a specific star formation rate (star formation rate per unit stellar mass), which is a
factor �2.3 lower than that required to reproduce the [˛/Fe] trend.

Pipino and Matteucci (2008) explored the effects of dry mergers on the chemical
evolution of ellipticals. They concluded that in order to fit at the same time the
mass–metallicity and the [˛/Fe]–mass relations, some fine tuning is required: in fact,
in order to obtain a massive elliptical by mergers of dwarf galaxies, these dwarfs
need to have high [˛/Fe] ratios and high metallicity before merging. This is very
difficult to obtain, since a dwarf galaxy normally suffers a low efficiency of star
formation and this will produce low [˛/Fe] ratios and low absolute abundances (e.g.,
[Mg/H] and [Fe/H]), as we have seen in Chap. 5. On the other hand, if a dwarf galaxy
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suffers a strong burst of star formation, then a galactic wind will develop almost
immediately, given its low potential well, and the final situation will be to have stars
with high [˛/Fe] ratios but low absolute abundances. Therefore, dry mergers do not
seem a viable solution to reconcile downsizing in star formation and hierarchical
galaxy formation.

6.1.5 Abundance Gradients in Ellipticals

Radial abundance gradients are observed in ellipticals: in fact, there is a general
consensus on the fact that the observed increase of line-strength indices, such as
the Mg2 and the < Fe >, and the reddening of the colors toward the center of
elliptical galaxies should be interpreted as an increase of the mean metallicity of the
underlying stellar populations. From a theoretical point of view, classic dissipative
monolithic collapse models (e.g., Larson (1975)) predict quite steep gradients which
correlate with galactic mass; in particular, a steepening of the gradient is expected
with increasing galactic mass. Mergers, on the other hand, are expected to dilute the
gradients (Kobayashi 2004). In the framework of chemical evolution models, it has
been suggested that gradients can arise as a consequence of a more prolonged star
formation, and thus stronger chemical enrichment, in the inner zones (see Fig. 6.11).
A more prolonged star formation in the inner than in the outer regions is also the
cause for the abundance gradients predicted for ellipticals by a model based on
N-body simulations and cosmological conditions but with ellipticals forming as the
result of mergers of smaller subunits occurring at high redshift, thus mimicking the
monolithic scheme (Fig. 6.12).

In the galactic core, in fact, the potential well is deeper and the SN driven wind
develops later relative to the most external regions. Similar conclusions were found
by Pipino and Matteucci (2004): their model predicts a logarithmic slope for the
Mg2 index which is very close to typical observed gradients, and on the average the
predicted gradient seems to be independent of the mass of the galaxies. Gradients
in abundance ratios, such as the [< ˛=Fe >�] ratio, are in principle very important,
since we could use them as a clock for the duration of the star formation process.
A prediction of the outside-in model for the formation of ellipticals is the increase
of the [< ˛=Fe >�] ratio as a function of the radius (see Fig. 6.13).

This is due to the fact that galactic winds develop earlier in the outer than in the
inner galactic regions and, therefore, the effect of Type Ia supernovae on chemical
enrichment is less evident outside than inside, with the consequence of having
higher [< ˛=Fe >�] ratios in the external regions.

By means of one-dimensional chemo-dynamical models for ellipticals, it was
confirmed that galactic winds occur first in the outskirts of these galaxies. They also
showed that, while the gradients of absolute abundances are always negative, as due
to the earlier suppression of star formation in the outer galactic regions because of a
galactic wind, the gradients of abundance ratios can be either positive, negative, or
null, in agreement with the observations. The reason for that is the interplay between
radial inflows and SFR: in fact, if radial inflows (not considered in previous simple
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Fig. 6.11 Predicted and observed gradients of the metallicity index Mg2. The data refer to galaxies
in the sample observed by Davies et al. (1993). The models are based on the outside-in mechanism.
The continuous line refers to a model with a variable IMF, the dashed line refers to a model with
Salpeter (1955) IMF (x D 1:35), and the dotted line to a model with a flatter IMF (x D 0:95). The
error bars in the data are also shown. The calibration adopted to transform [Fe/H] into Mg2 is the
one of Worthey (1994) relative to an age of 17 Gyr. Figure from Martinelli et al. (1998)

Fig. 6.12 Predicted radial
gradient for the spherically
averaged metallicity of stars
in a model with initial total
mass (luminousCdark) of
1:62 � 1012Mˇ. The model is
the revised monolithic model
of Merlin and Chiosi (2006),
where the gradients form
because star formation lasts
longer in the central parts
(outside-in formation), as
discussed in the text. Figure
from Merlin and Chiosi
(2006)
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Fig. 6.13 Predictions for the mean mass-weighted [<˛=Fe>M ] (solid) and luminosity-weighted
[< ˛=Fe >V] (dotted) abundance ratios in stars, as functions of radius. The model results are
compared to the [˛/Fe] ratios derived for the galaxy NGC 4697 (Méndez et al. (2005), full squares).
The model refers to a typical elliptical galaxy with M� D 1011Mˇ and Salpeter (1955) IMF.
Figure from Pipino et al. (2006); reproduced by kind permission of A. Pipino

chemical models) are fast, the material ˛-enriched coming from outside reaches the
internal regions where star formation is still going on, thus polluting the gas which
is going to form new stars. In this case, we expect a flatter [< ˛=Fe >�] gradient,
whereas if the radial flows are slow and they reach the internal regions when the star
formation is already over, the [< ˛=Fe >�] gradient will be negative and steeper, as
expected from the outside-in mechanism. In Fig. 6.14, we show these effects.

6.1.6 Galactic Bulges

The bulges of spiral galaxies are divided in true bulges and pseudo-bulges. The for-
mer are usually hosted by S0–Sb galaxies, whereas pseudo-bulges are preferentially
found in late type spirals. The properties of true bulges are very similar to those of
ellipticals of comparable luminosity. In particular, they are similar in structure, line
strengths, and colors. The central velocity dispersions of bulges have been measured
and the FP for these objects has been constructed, showing that the bulges strictly
follow the same FP relation as cluster ellipticals. This means that both bulges and
cluster ellipticals had a similar formation history. The similarity between bulges and
ellipticals include also downsizing in star formation which holds also for true bulges.
This can be seen by the location of true bulges in Fig. 6.15 showing the Mg2-mass
(velocity dispersion) relation. These similarities clearly suggest a similar origin for
ellipticals and true bulges, in particular they suggest that the stars in bulges and
ellipticals all formed at high redshift.

The pseudo-bulges, on the other hand, seem to be on average less massive and
therefore younger, according to the downsizing picture of Fig. 6.15. The spiral bulge
closest to the Milky Way is that of Andromeda (M31), for which HST and ground
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Fig. 6.14 A sketch of the relative contribution of the gas flow strength and the star formation
efficiency � to the creation of the final gradient for two particular cases: model La (positive slope,
dashed line); model Mb3 (negative slope, dotted line). The straight continuous line crossing the
dashed line is just the average trend predicted by model La. The main difference between model
La and modelMb3 is in the radial trend of the efficiency of star formation. Pure outside-in model:
hypothetical model with an outside-in formation, Œ< O=Fe >�;core;noflux�D 0:3 (no gas flows) and �
constant with radius; fake inside-out model: hypothetical model with a strong variation of the star
formation efficiency with radius. The abscissa is expressed in units of the effective radius. Figure
from Pipino et al. (2008a)

based photometry of individual stars have shown that contains stars as old as 10 Gyr,
with no detectable intermediate age component.

Therefore, the bulge of M31 looks very similar to the bulge of the Milky Way,
already discussed in Chap. 5. The chemical evolution of the bulge of M31 has
been computed, and the stellar metallicity distribution function has been predicted
and compared with that of the Galactic bulge. It was concluded that also the
stellar metallicity distribution function of the bulge of M31 needs a flat IMF to
be reproduced, although probably less flat than that suggested for the bulge of the
Milky Way (x D 0:33 below 1Mˇ and x D 0:95 above, see Chap. 5). In particular,
the best suggested IMF for the bulge of M31 has x D 0:33 below 1Mˇ and x D 1:1

above (see Fig. 6.16).

6.1.7 Ellipticals-Quasars Connection

We know now that most if not all massive ellipticals are hosting an AGN or a QSO
for sometime during their life. Therefore, there is a strict link between the QSO
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Fig. 6.15 The Mg2–�o relation for the spiral bulges studied by Falcon-Barroso et al. (2002),
labeled “our bulges” in the insert, is compared to bulges in other samples (B92 is Bender et al.
(1992), P01 is Prugniel et al. (2001), JMA96 is Jablonka et al. (1996)). The solid lines are the best
fits to the corresponding data, while the dotted line shows the average relation for cluster ellipticals
from Jørgensen et al. (1996). Figure from Renzini (2006); reproduced by kind permission of A.
Renzini

activity and the evolution of ellipticals. AGN activity has been invoked to halt star
formation in massive ellipticals in the framework of hierarchical galaxy formation
model. In particular, Granato et al. (2001) included the energy feedback from the
central AGN in ellipticals in a galaxy evolution model. This feedback produces
outflows and stops the star formation in a downsizing fashion, in agreement with the
chemical properties of ellipticals, which indicate a shorter period of star formation
for the more massive objects.

6.1.8 The Chemical Evolution of QSOs

It is very interesting to study the chemical evolution of QSOs by means of the broad
emission lines in the QSO region. The first studies by Wills et al. (1985) and Collin-
Souffrin et al. (1986) found that the abundance of Fe in QSOs, as measured from
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Fig. 6.16 The [Fe/H]
distribution function for the
M31 bulge field G170
(histogram), as measured by
Sarajedini and Jablonka
(2005), compared to the
results of the model for the
Galactic bulge of
Ballero et al. (2007a) (Ref.
model) and of a model
adopting the universal IMF
(UIMF) suggested by Kroupa
(2001). The results of a
model (MB90), which is
intermediate between the two
and provides the best fit to the
observed stellar metallicity
distribution, are also shown.
Figure from Ballero et al.
(2007b)

broad emission lines, turned out to be approximately a factor of 10 more than the
solar one and this represented a challenge for chemical evolution models. Hamann
and Ferland (1992), from N V/C IV line ratios in QSOs, derived the N/C abundance
ratios and inferred the QSO metallicities. They suggested that N is overabundant
by factors of 2–9 in the high redshift sources (z > 2). Metallicities 3–14 times
the solar one were also suggested in order to produce such a high N abundance,
under the assumption of a mainly secondary origin of N. To interpret their data, they
constructed a chemical evolution model, a Milky Way-like model, and suggested
that these high metallicities are reached in only 0.5 Gyr, implying that QSOs are
associated with vigorous star formation. At the same time, Padovani and Matteucci
(1993) and Matteucci and Padovani (1983) proposed a model for QSOs in which
QSOs are hosted by massive ellipticals. They assumed that after the occurrence of
a galactic wind, the galaxy evolves passively and that for massess > 1011Mˇ, the
gas restored by the dying stars is not lost but it feeds the central black hole. They
showed that in this context the stellar mass loss rate can explain the observed AGN
luminosities. They also found that solar abundances in the gas are reached in no
more than 108 years, thus explaining in a natural way the standard emission lines
observed in high-z QSOs. The predicted abundances could explain the data available
at that time and solve the problem of the quasi-similarity of QSO spectra at different
redshifts. Finally, following Hamman and Ferland, they suggested also a criterium
for establishing the ages of QSOs on the basis of the [˛/Fe] ratios observed from
broad emission. In particular, if the [˛/Fe] ratio in the gas around QSOs is negative,
it means that the object is older than 0.5–1.0 Gyr.



6.1 Hierarchical Models for the Formation and Evolution of Ellipticals 153

Fig. 6.17 The temporal evolution of the abundances of several chemical elements in the gas of an
elliptical galaxy with luminous mass of 1011Mˇ. Feedback effects are taken into account in the
model (Pipino and Matteucci 2004), as described before. The downarrow indicates the time for the
occurrence of the galactic wind. After this time, the star formation stops and the elliptical evolves
passively. All the abundances after the wind time should be compared to those that we observe in
the broad emission line region. The shaded area indicates the abundance sets which best fit the line
ratios observed in the QSO spectra. Figure from Maiolino et al. (2006)

Much more recently, observations of more than 5,000 QSO spectra from SDSS
data were used to investigate the metallicity of the broad emission line region in the
redshift range 2 < z < 4:5 and over the luminosity range �24:5 < MB < �29:5.
Substantial chemical enrichment in QSOs already at z D 6 was found. Chemical
evolution models for ellipticals were used as a comparison with the data and they
well-reproduce the observations, as one can see in Fig. 6.17. In this figure the
evolution of the abundances of several chemical elements in the gas of a typical
elliptical, of 1011Mˇ luminous mass, are shown. The elliptical suffers a galactic
wind at around 0.4 Gyr since the beginning of star formation. This wind devoids the
galaxy of all the gas present at that time. After that time, the star formation stops and
the galaxy evolves passively. All the gas restored after the galactic wind event by
dying stars can in principle feed the central black hole, thus the abundances shown in
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Fig. 6.17, after the time of the wind, can be compared with the abundances measured
in the broad emission line region. As one can see, the predicted Fe abundance
after the galactic wind is always higher than the O one, owing to the Type Ia SNe,
which continue to produce Fe even after star formation has stopped. On the other
hand, O and ˛-elements stop to be produced when the star formation halts. The
comparison between the predicted abundances and those derived from the QSO
spectra is in very good agreement and indicates ages for these objects between 0.5
and 1 Gyr.

6.1.9 Ellipticals and Fe in the ICM

Elliptical galaxies are the most common galaxies in galaxy clusters and therefore
the dominant contributors to the abundances and energetic content of the ICM.
A constant Fe abundance of �0:3Feˇ is found in the central region of clusters
hotter than 3 keV (e.g., Renzini (2004)). Good models for the chemical enrichment
of the ICM should reproduce the total iron mass measured in clusters plus the
[˛/Fe] ratios inside galaxies and in the ICM, as well as the Fe mass to light ratio
(IMLR =MFeICM=LB, with LB being the total blue luminosity of member galaxies),
as defined by Renzini et al. (1993). As we have already seen, abundance ratios
are very powerful tools to impose constraints on the evolution of ellipticals and
of the ICM. It is found that chemical evolution models, which assume a normal
Salpeter IMF for the galaxies in clusters, can reproduce at best the properties of local
ellipticals, as we have discussed before. They predict [˛/Fe]> 0 inside ellipticals
(i.e., in stars) and [˛/Fe] � 0 in the ICM. This dichotomy is due to the fact that Fe is
mainly produced by Type Ia SNe on long timescales and, therefore, Fe continues
to be produced well after star formation has stopped. The galactic winds occur
in less than 1 Gyr in successfull chemical evolution models; as a consequence of
this, the Fe abundance in the ICM continues to increase, whereas the abundance
of O does not, as shown in Fig. 6.17. This effect produces [˛/Fe] � 0 in the ICM.
Observed values of such ratios seem to confirm lower ratios than in stars but there
are still many uncertainties, which prevent from drawing firm conclusions on this
point. What chemical evolution models for ellipticals, of the type described so far,
have suggested, is that the cluster ellipticals can produce and eject, through galactic
winds, enough Fe to reproduce the observed one in clusters. This can be obtained
with a Salpeter IMF if one assumes that soon or later all the Fe produced during
the galactic lifetime by galaxies is ejected into the ICM. This can occur either
by a continuous galactic wind or by an early wind and subsequent ram pressure
stripping. The first work of this kind was that of Matteucci and Vettolani (1988),
who integrated the contributions to Fe, Mg, and total gas from cluster ellipticals
over the Schechter luminosity function. They found that ellipticals can explain all
the Fe in clusters but that the bulk of gas in the ICM should have a primordial origin,
namely, that most of the ICM should have never been processed inside stars. In that
paper, the resulting Fe abundance in the ICM was found by dividing the predicted
Fe mass produced by ellipticals by the total observed ICM, and it is in very good
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agreement with the observed one. In the past years, several authors suggested a top-
heavy IMF to reproduce the Fe mass in clusters but only because they did not take
into account all the Fe which is produced during the galactic lifetime, but only that
ejected during the early galactic wind. In Chap. 8, we will come back on the Fe
cosmic evolution.

6.1.10 Summary on Ellipticals and Bulges

Ellipticals and bulges, otherwise called spheroids, have similar characteristics both
from the dynamical and chemical point of view. Comparison between model
predictions and abundance data has suggested that both ellipticals and true bulges
must have formed their stars on short timescales, not longer than 1 Gyr. The
measured [˛/Fe] ratios in these objects are mainly oversolar, thus indicating a
negligible pollution from Type Ia SNe, which are responsible for the production
of the bulk of Fe. Ellipticals show increasing [˛/Fe] ratios with galactic mass and
this has been interpreted as due to a more efficient star formation in more massive
objects (downsizing in star formation). This implies that more massive ellipticals
have stopped to form stars before the less massive ones. The quenching of star
formation can be due to a sudden galactic wind which devoids the galaxy of all its
residual gas, and this wind can be triggered by SN explosions and/or AGN activity.
We cannot exclude that other parameters, such as IMF variations from galaxy to
galaxy, might have played a role in the evolution of these systems: however, in this
case, it is not clear whether the spectrophotometric properties of these galaxies will
be preserved.

6.2 Dwarf Spheroidal Galaxies

Dwarf galaxies are the most common objects in the Universe and we can divide them
in to three main groups: dwarf spheroidals, dwarf ellipticals, and dwarf irregulars
(for an extensive review on the subject see Tolstoy et al. (2009)). In our Local Group,
there are 40 dwarf galaxies in total. The absolute magnitudes of dwarf galaxies are
in the range MB D [�18, �9]. The dwarf ellipticals (dE) have MB > �17 and
their typical surface brightness is �B � 21mag arcsec�2, they contain only old stars
(>10 Gyr) like larger ellipticals, although some of them have shown also recent star
formation. The dwarf spheroidals are amongst the faintest galaxies in the Universe
withMB > �14 and �B � 20mag arcsec�2, they contain both old and intermediate
age stars. Both dwarf ellipticals and dwarf spheroidals are kinematically supported
by their velocity dispersion and their gas content is extremely low. All dwarf
galaxies seem to be dark matter dominated and show evidence of an anticorrelation
between their absolute magnitude and mass-to-light ratio. The dwarf irregulars will
be discussed in the next chapter; here we will present some data and models for
dwarf spheroidals since the evolution of dwarf ellipticals has already been discussed,
being the lower mass end of ellipticals.
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Fig. 6.18 Observed [˛/Fe] vs. [Fe/H] in the Milky Way (small points) and in dSphs (points with
error bars). Figure from Shetrone et al. (2001); reproduced by kind permission of M. Shetrone

6.3 Dwarf Spheroidals of the Local Group

Several dwarf spheroidals of the Local Group have been studied photometrically and
spectroscopically and now we have both color–magnitude diagrams and chemical
abundances, which allow us to study their formation and evolution in more detail.
Spectroscopic data for the dSphs of the Local Group suggest a different pattern for
the [˛/Fe] vs. [Fe/H] relation compared to the solar vicinity, as shown in Fig. 6.18,
and this can be easily interpreted in the framework of the time-delay model coupled
with different star formation histories.

Before interpreting in detail the [˛/Fe] diagram, we recall the current ideas about
the formation of the dSphs.

6.3.1 How Do dSphs Form?

Cold dark matter (CDM) models for galaxy formation predict that the dSphs,
systems with luminous masses of the order of 107Mˇ are the first objects to form
stars and that all stars in these systems should form on a timescale <1 Gyr, since
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the heating and gas loss, due to reionization, must have halted the star formation
soon. However, observationally all dSph satellites of the Milky Way contain old
stars indistinguishable from those of Galactic globular clusters and they seem to
have experienced star formation for long periods (>2 Gyr).

The histories of star formation for these galaxies are generally derived from the
observed color–magnitude diagrams. By looking at the [˛/Fe] vs. [Fe/H] relations
for dSphs, as shown in Fig. 6.18, one can immediately suggest, on the basis of the
time-delay model, that their evolution should have been characterized by a slow and
protracted star formation, at variance with the suggestion of a fast episode truncated
by the heating due to reionization.

6.3.2 Dark Matter in dSphs

The dSph satellites of the Milky Way are considered the smallest dark matter
dominated systems in the Universe. In the past years there have been a few attempts
at deriving the amount of dark matter in dSphs, in particular by measuring the mass
to light ratios vs. magnitude for these galaxies. In particular, it has been suggested
that the dSphs have a shallow central dark matter distribution and no galaxy is found
with a dark mass halo less massive than 5 � 107Mˇ, as shown in Fig. 6.19.

6.3.3 Chemical Abundances in dSphs

In recent years, there has been a fast development in the field of chemical evolution
of dSphs of the Local Group due to the increasing amount of data on chemical
abundances derived from high resolution spectra.

The abundances of ˛-elements (O, Mg, Ca and Si,) plus the abundances of s- and
r-process elements (Ba, Y, Sr, La, and Eu) were measured with unprecedented
accuracy. Besides these high-resolution studies, we recall also the measure of the
metallicities of many red giant stars in several dSphs obtained from the low-
resolution Ca triplet.

An interesting result is that they did not find stars with [Fe/H]< �3.0 dex and
that the metallicity distribution of the stars in dSphs is different from that of the
stars in the Milky Way. Other important information comes from the photometry
of dSphs of the Local Group and in particular from the color–magnitude diagrams.
From these diagrams, one can infer the history of star formation of these galaxies:
they seem to indicate that the majority of dSphs had one rather long episode of star
formation with the exception of Carina for which four episodes of star formation
have been suggested.
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Fig. 6.19 Dark matter in dSphs: mass to light ratios vs. absolute V magnitude for some Local
Group dSphs. The solid curve shows the relation expected if all the dSphs contain about 4 �107Mˇ

of dark matter interior to their stellar distributions. Figure from Gilmore et al. (2007); reproduced
by kind permission of G. Gilmore

6.3.4 Chemical Evolution of dSphs

Several papers have appeared in the last few years concerning the chemical
evolution of dSphs. For example, Carigi et al. (2002) computed models for the
chemical evolution of four dSphs by adopting the star formation histories derived
from color–magnitude diagrams. In their model, they assumed gas infall and
computed the gas thermal energy heated by SNe in order to study galactic winds. In
fact, the dSphs must have lost their gas in one way or another (galactic winds and/or
ram pressure stripping) since they appear completely without gas at the present time.
They assumed that the wind is sudden and devoids the galaxy of gas instantaneously.
The adopted IMF is the Kroupa IMF, as derived for the solar vicinity. These models
predict a too high metallicity for dSphs and do not match the correct slope for the
observed [˛/Fe] ratios, as shown in Fig. 6.20.

Then, Ikuta and Arimoto (2002) proposed a closed-box model (no infall nor
outflow) for dSphs. In this simple model, they had to assume some external cause to
stop star formation, such as ram pressure stripping. They tested different IMFs and
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Fig. 6.20 Panel (a): observed and predicted [O/Fe] vs. [Fe/H] relation for the galaxy Ursa Minor.
Panels (b)–(d): predicted time evolution of [C/H], [O/H], and [Fe/H], respectively, for Ursa Minor.
The star formation history is derived from Hernandez et al. (2000). The different curves refer to
different model parameters such as the star formation efficiency and the ratio between luminous
and dark matter. Models and figure by Carigi et al. (2002)

suggested that these galaxies had suffered very low SFRs (1–5% of that in the solar
neighborhood) and that the star formation had a long duration (> 3.9–6.5 Gyr). In
Fig. 6.21 are shown their predictions for [Mg/Fe] in dSphs. Also here, the predicted
slope of the [Mg/Fe] ratio is flatter than observed.

More recently, Fenner et al. (2006) suggested a model with a galactic wind
for Sculptor: they indicated an efficiency of star formation of 0:05Gyr�1. They
concluded, from the study of the [Ba/Y] ratio, that chemical evolution in dSphs is
inconsistent with the star formation being truncated after reionization (at redshift
z � 8). In fact, the high value of this ratio measured in stars indicates strong
s-process production from low-mass stars which have very long lifetimes, of the
order of several Gyrs.
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Fig. 6.21 Observed and
predicted [Mg/Fe] vs. [Fe/H]
relation for the dSph Draco,
Ursa Minor, and Sextans. The
different curves refer to
different star formation
efficiencies (�SF) expressed in
Gyr�1, which are equivalent
to the quantity �. Figure from
Ikuta and Arimoto (2002)

6.3.4.1 Results for Specific Galaxies

Lanfranchi and Matteucci (2003, 2004) developed models for dSphs of the Local
Group. First they tested a “standard model” devised for describing an average dSph
galaxy. This model was based on the following assumptions:

• One long star formation episode of duration �8 Gyr;
• A small star formation efficiency, namely, the star formation rate per unit mass

of gas is 1–10% of that in the solar vicinity;
• A strong galactic wind develops when the thermal energy of the gas equates the

binding energy of the gas. The rate of gas loss is assumed to be several times
the SFR, as in (2.35), with typical values of � (wind parameter already defined)
between 5 and 15;

• The IMF is that of Salpeter (1955) for all galaxies;
• Each galaxy is supposed to have formed by infall of gas clouds of primordial

chemical composition, on a timescale not longer than 0.5 Gyr;
• The typical model for a dSph starts with an initial baryonic mass of 108Mˇ and

ends up, after the wind, with a luminous mass of � 107Mˇ. The dark matter halo
is assumed to be ten times larger than the luminous mass but diffuse (S D 0:1,
as defined in Sect. 6.1.3.1). The galactic wind in these galaxies develops after
several hundred million years from the start of star formation, according to the
different assumed star formation efficiencies. Soon after the wind has started, the
star formation decreases very strongly until it halts completely and the galaxies
evolve passively since then.

In Fig. 6.22, we show the predicted and observed [˛/Fe] ratios for different
˛-elements and for different efficiencies of star formation.

As one can see, the predicted [˛/Fe] ratios show a clear change in slope followed
by a steep decline, in agreement with the data. The change in slope corresponds
to the occurrence of the galactic wind which starts emptying the galaxy of gas.



6.3 Dwarf Spheroidals of the Local Group 161

Fig. 6.22 Observed and predicted [˛/Fe] vs. [Fe/H]. The different lines refer to the “standard
model” for a typical dSph with different star formation efficiencies �, ranging from 1 (dashed–
dotted lines) to 0.01 Gyr�1 (continuous lines). The points represent stars in different dSphs:
Sagittarius (open triangles), Draco (filled hexagons), Carina (filled circles), Ursa Minor (open
hexagons), Sculptor (open circles), Sextans (filled triangles), Leo I (open squares), and Fornax
(filled squares). Figure and references from Lanfranchi and Matteucci (2003)

In such a situation, the star formation starts to decrease as does the production
of the ˛-elements from massive stars, whereas Fe continues to be produced
since its progenitors have long lifetimes. This produces the steep slope: the low
star formation efficiency and the intense wind, which decreases further the star
formation. In this situation, the time-delay model predicts an earlier and steeper
decline of the [˛/Fe] ratios, as we have already discussed.

In Lanfranchi and Matteucci (2004), the histories of star formation of specific
galaxies were taken into account and they developed models for six dSphs: Carina,
Ursa Minor, Sculptor, Draco, Sextans, and Sagittarius. In Table 6.1, we show the
assumed star formation histories and the assumed model parameters. In particular, in
column 1 are the galaxy names, in column 2 is the initial baryonic mass in column 3
are the ranges for the star formation efficiencies, in column 4 are the ranges for the
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Table 6.1 Models for dSph galaxies.M initial
tot is the baryonic initial mass of the galaxy, � is the star-

formation efficiency, � is the wind efficiency, and n, t , and d are the number, time of occurrence,
and duration of the star formation episodes, respectively. The histories of SF have been taken
from: Rizzi et al. (2003) for Carina, Dolphin et al. (2005) for Draco, Sextans and Ursa Minor, and
Dolphin (2002) for Sagittarius and Sculptor

Galaxy M initial
tot .Mˇ/ �.Gyr�1/ � n t (Gyr) d (Gyr) IMF

Sextans 5� 108 0.01–0.3 9–13 1 0 8 Salpeter
Sculptor 5� 108 0.05–0.5 11–15 1 0 7 Salpeter
Sagittarius 5� 108 1.0–5.0 9–13 1 0 13 Salpeter
Draco 5� 108 0.005–0.1 6–10 1 6 4 Salpeter
Ursa Minor 5� 108 0.05–0.5 8–12 1 0 3 Salpeter
Carina 5� 108 0.02–0.4 7–11 2 6/10 3/3 Salpeter
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Fig. 6.23 Observed and predicted [˛/Fe] vs. [Fe/H] relation for the galaxy Carina. The continuous
line represents the best model for Carina of Lanfranchi et al. (2006). The blue dots (squares) are
data from Koch et al. (2008), while the black dots are data from Shetrone et al. (2003). Figure from
Koch et al. (2008); reproduced by kind permission of A. Koch

wind parameters, in column 5 number of star formation episodes, in column 6 the
time at which the star formation episodes start, in column 7 the duration in Gyr of
the episodes and in column 8 the assumed IMF.

In Figs. 6.23 and 6.24, we show the predictions for some specific dSphs. As one
can see, the [˛/Fe] data of the dSphs are well-reproduced and in particular the steep
decline of the [˛/Fe] ratio. This steep decline is due again to the low efficiency of
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Fig. 6.24 Observed and
predicted [˛/Fe] vs. [Fe/H]
relation for the galaxy
Sculptor. The points with
error bars show published
high-resolution data from
Shetrone et al. (2003) and
Geisler et al. (2005). The
green line is the inverse
variance-weighted average of
at least 20 stars within a
window of �[Fe/H] = 0.25.
The red line shows the
prediction of the chemical
evolution model of
Lanfranchi and Matteucci
(2009). MRS means medium
resolution spectroscopy,
while HRS means
high-resolution spectroscopy.
Figure from Kirby et al.
(2009); reproduced by kind
permission of E.N. Kirby
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star formation, a feature common also to the other models discussed before, coupled
with a strong and continuous galactic wind which gradually empties the galaxies
of gas. In the previous models, either the galactic wind was not present or it was
assumed instantaneous or not as strong as here, thus predicting a flatter slope for the
descent of the [˛/Fe] vs. [Fe/H].

The expected abundances of s- and r-process elements in dSphs, by adopting the
same nucleosynthesis prescriptions used for the chemical evolution of the Milky
Way, as already discussed in Chap. 5, were also computed. In particular, Ba, Sr , La,
and Y are mainly s-process elements produced on long timescales by low mass stars
(1 � 3Mˇ), but they have also a small r-process component originating in stars in
the mass range 12–30Mˇ. The Eu instead is considered as a pure r-process element
produced only in the stellar mass range 12–30Mˇ.

In Figs. 6.25 and 6.26, we show observations and predictions for s-and r-process
elements in dSphs: the data in Fig. 6.25 suggest that for [Fe/H] < �2.0 dex, there is
a general overlapping of the [s,r/Fe] ratios in dSphs and the halo stars. However, for
[Fe/H]> �1.0 dex some remarkable differences arise for Sagittarius and Fornax. In
particular, the [Ba/Fe] ratio in Fornax increases toward high values, well above the
typical values of the Galactic stars with the same [Fe/H]. Higher values of [Ba/Fe]
are observed also in Sagittarius. It is difficult to interpret these trends at the moment
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Fig. 6.25 Observed [Ba,Eu/Fe] vs. [Fe/H] for several dSphs. Data and figure are from Tolstoy et
al. (2004), ARA&A, 47, 371; reproduced by kind permission of E. Tolstoy

because of the still poor statistics. In principle, an increase in Ba at late times would
support the idea that this element is mainly produced in low-mass stars and in a
secondary way. However, such an increase is not visible in the solar neighborhood
stars. In Fig. 6.26, we show the predicted [Ba/Eu] ratio compared with data for
Sculptor and the agreement is very good.

The situation seems more clear for the ˛-elements: the general tendency for the
˛-elements in dSphs is to be less overabundant relative to Fe and the Sun than the
stars of the solar vicinity with the same [Fe/H]. This is due to the lower SFR in dSphs
(the effect is increased by the galactic wind) which acts to shift the curve [˛/Fe]
vs. [Fe/H] for the solar vicinity towards left in the diagram, whereas a stronger
star formation than in the solar neighborhood would move the solar vicinity curve
toward right in the diagram (see Fig. 5.28, Chap. 5). The same holds for s- and
r-process elements: in this case, since [s/Fe] vs. [Fe/H] first increases sharply at low
metallicities and then it flattens at higher ones (the opposite of what happens for the
˛-elements), the dSphs should show a higher [s/Fe] than the stars in the solar vicinity
at the same [Fe/H], in the low metallicity range. This behavior is shown in Fig. 6.27,
where the predictions for s- and r-process elements by the standard model for dSphs,
as described before, as well the predictions for the solar vicinity are compared to
data. In general, in spite of the spread in the data, the standard model for dSphs
seems to trace the observed [s,r/Fe] ratios, with the exception perhaps of La. For
this element, the standard model predicts [La/Fe] values below the observed ones.



6.3 Dwarf Spheroidals of the Local Group 165

Fig. 6.26 Predicted and observed [Ba/Eu] vs. [Fe/H] for the galaxy Sculptor. The model is from
Lanfranchi et al. (2006), the data and the figure are from Geisler et al. (2007); reproduced by kind
permission of D. Geisler

One possible explanation for this is that the yields of La from low mass stars (La
is like Ba and, therefore, mainly produced in low-mass stars) should be increased.
However, more data are indeed necessary before drawing any conclusion.

Another important constraint for models of galactic chemical evolution is repre-
sented by the stellar metallicity distribution. In Fig. 6.28, we show the predictions
for the stellar metallicity distribution of Carina compared with the observed one and
the agreement is very good. The observed distribution is from Koch et al. (2006),
who measured the metallicity of 437 giants in Carina by means of Ca triplet and
then transformed it into [Fe/H] through a suitable calibration. In Fig. 6.28, we also
show the comparison between the stellar metallicity distribution in Carina and the
G-dwarf metallicity distribution in the solar vicinity. As one can see, the Carina
distribution lies in a range of smaller metallicities, owing to the lower efficiency
of star formation assumed for this galaxy. However, since the observed stellar
metallicity distribution function is based on low-resolution measures of Ca triplet,
a word of caution may be appropriate. In fact, the Ca triplet in principle traces
the abundance of Ca and not that of Fe, and we know that Ca and Fe evolve in a
different way since Ca is produced in almost equal proportions in Type II and Ia
SNe, whereas Fe is produced mainly in Type Ia SNe (see Chap. 5). This different
evolution of Ca and Fe leads, in the Koch paper, to an uncertainty of 0.2 dex. Besides
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Fig. 6.27 Predicted and observed evolution of Ba, La, Y, and Eu in the Milky Way and local
dSph galaxies (Draco, Carina, Ursa Minor, Sculptor, Sagittarius and Sextans). The thick line
corresponds to the predictions of the Milky Way model of Cescutti et al. (2006) and the thin line
to the predictions of the standard model for the dSph galaxies. The prescriptions for the yields
of the s- and r-process elements are the same in the Milky Way and dSphs. The small dots refer
to the Milky Way data, while the dots with error bars refer to various dSphs. The model and the
figure are from Lanfranchi et al. (2008), where the references to the the data can be found

that, the globular clusters which serve as calibrators for obtaining [Fe/H] lie in the
range �2.0 to �1.0 dex, whereas Koch’s data extend down to lower metallicities.

The good fit to the stellar metallicity distribution indicates that both the assumed
history of star formation and the IMF are close to reality.

In Fig. 6.29, the bimodal observed stellar metallicity distribution function of
Sculptor is compared with model predictions. In this case, the theory does not agree
with the observations, because the model is one-zone and it is evident from Fig. 6.29
that in order to fit the data of this galaxy one should assume a multi-zone model with
perhaps different star formation efficiencies in different zones. Kawata et al. (2006)
explained the bimodality of stellar populations in Sculptor as a consequence of
dissipative collapse which produces higher metallicities at the center of this galaxy.
In Fig. 6.30 are shown some models trying to reproduce the distribution of all the
stars in Sculptor, irrespective of their position.



6.4 Summary on dSphs 167

a b

Fig. 6.28 Left panel: stellar metallicity distribution for Carina. Model from Lanfranchi et al.
(2006). The assumed star formation efficiency is � D 0:15Gyr�1 and the wind efficiency is
� D 5. Two different histories of SF have been tested here: the one of Dolphin (2002) (continuous
line) and that of Rizzi et al. (2003) (long dashed line), but this does not produce important
differences in the results. The main difference between the two histories of SF is the number of
bursts (three in Dolphin and four in Rizzi et al.). Data (historgram) from Koch et al. (2006). Right
panel: predicted stellar metallicity distribution for Carina compared with the predicted G-dwarf
metallicity distribution in the solar neighborhood (dashed line). Left figure from Lanfranchi et al.
(2006), right figure from Lanfranchi and Matteucci (2004)

Fig. 6.29 Observed stellar metallicity distribution for Sculptor. Data and figure are from Tolstoy
et al. (2004): all the stars of Sculptor are indicated by the dotted line. The central stars are those
indicated by the lower histogram with continuous line, whereas the stars beyond R > 0:2 kpc are
indicated by the upper histogram with continuous line. The figure is from Tolstoy et al. (2004);
reproduced by kind permission of E. Tolstoy

6.4 Summary on dSphs

We can now compare the chemical evolution of dSphs with that of the Milky Way
and we can derive the following indications:

• By comparing the [˛/Fe] ratios in the Milky Way and in dSphs of the Local
Group, we can conclude that these systems had different histories of star
formation;
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Fig. 6.30 Observed and predicted stellar metallicity distribution for Sculptor. The data (the dotted
line of Fig. 6.29) are represented by the histogram (long dashed). The models are from Lanfranchi
and Matteucci (2004): the solid line represents the best model, whereas the dashed lines represent
models with higher (the curve on the right) or lower (the curve on the left) star formation efficiency.
The figure is from Lanfranchi and Matteucci (2004)

• The [˛/Fe] ratios in dSphs, except for a small overlapping at low [Fe/H], are
always lower than those in the Milky Way at the same [Fe/H]. This is interpreted
as a consequence of the time-delay model which predicts this behavior for
systems which suffered a lower SFR than the solar vicinity;

• The occurrence of strong galactic winds or gas loss in general is necessary to
keep the star formation low and it produces the steep decrease of the [˛/Fe] ratio
observed in dSphs;

• A reasonable agreement is found both for [s/Fe] and [r/Fe] abundance ratios,
although the data are still too few to draw any firm conclusion. The [s/Fe] ratios
are predicted to be higher than the same ratios in Milky Way stars with the same
[Fe/H], in the low metallicity region. This is again a consequence of the time-
delay model;

• The dSphs of the Local Group contain very old stars but they suffered extended
periods of star formation, far beyond the reionization epoch. This is suggested
both from the color–magnitude diagrams of these galaxies and from the level of
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the abundances of s-process elements such as Ba, which could not have been
observed if the star formation had stopped at the reionization epoch;

• All the previous conclusions suggest that it is rather unlikely that the dSphs have
been the building blocks of the Milky Way, as predicted by current hierarchical
formation models. Robertson et al. (2005) studied the formation of the Galactic
stellar halo by means of different accretion histories for the dark matter halo
of the Milky Way in the framework of the �CDM model. They concluded,
on the basis of the [˛/Fe] ratios in Galactic halo stars, in dwarf irregulars and
dSphs, that it is more likely that the Galactic dark matter halo was formed by an
early accretion of dwarf irregular galaxies, which formed stars for a short time
and then were destroyed. Concerning dSphs, they suggested that their chemical
abundances should have been affected by galactic winds and that the dSphs
should have been accreted and destroyed over the entire Milky Way lifetime.
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Chapter 7
Chemical Evolution of Irregular Galaxies

7.1 Properties of Dwarf Irregular Galaxies

Galaxies which do not fit into the Hubble sequence, because they have no regular
structure (either disk-like or ellipsoidal), are termed irregular galaxies. Among
local star forming galaxies, sometimes referred to as HII galaxies, most are dwarf
irregulars. Dwarf irregular galaxies can be divided into two categories: the generic
dwarf irregulars (DIGs) and blue compact galaxies (BCGs). These latter have very
blue colors due to active star formation at the present time. They are galaxies with
“HII region like” spectra and they are fairly common, constituting a large fraction
of those in the Markarian, Tololo, and Zwicky list. Irregular galaxies, including
dwarfs and Magellanic irregulars whose proto-type can be identified in the LMC,
in general have masses in the range 108–1010Mˇ , diameters from 1 to 10 kpc, and
blue magnitudes fromMB D �13 to �20.

Chemical abundances in these galaxies are derived from optical emission lines
in HII regions. Both DIGs and BCGs show a distinctive spread in their chemical
properties, although this spread is decreasing with the new more accurate data, but
also a definite mass–metallicity relation. The global metallicity in these galaxies
ranges from Z � 0:03Zˇ to Z � 0:7Zˇ with a peak around Z D 0:1Zˇ. The
Magellanic clouds have ZLMC � 0:33Zˇ and ZSMC � 0:125Zˇ, respectively.
Their gas fractions � D Mgas=Mtot are generally high with the majority of galaxies
having� D 0:5 in a range between 0.1 and 0.9. Their gas content, metal abundance,
and colors are consistent with two possible explanations: (1) they are truly young
objects, (2) they are old objects experiencing short and intermittent bursts of star
formation (Searle and Sargent 1972 and for a more recent and extensive review on
the properties of these galaxies see Kunth and Östlin (2000)).

From the point of view of chemical evolution, the first studies relative to the
evolution of DIGs and BCGs were performed by means of analytical chemical
evolution models including either outflow or infall. These models pointed out that
closed-box models cannot account for the spread in the Z-log � (with � defined
as in (3.1)) distribution, even if the number of bursts varies from galaxy to galaxy,
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and suggested possible solutions to explain the observed spread. In other words, the
data show a range of values for the metallicity at a given� ratio, and this means that
the yield per stellar generation yZ is lower than that of the Simple model (effective
yield) and varies from galaxy to galaxy.

The possible solutions suggested to vary the yield per stellar generation are:

(a) Different IMFs
(b) Different amounts of galactic wind
(c) Different amounts of infall of primordial material

In Fig. 7.1, we show graphically the solutions a, b, and c. Concerning the solution a,
one simply varies the IMF which then translates into varying the yield yZ , whereas
solutions b and c have been already described in (3.44) and (3.50). The parameters
� and � are the same as defined in those equations.

Another possible explanation for the spread observed also in other chemical
properties of these galaxies, such as in the He/H vs. O/H and N/O vs. O/H relations,
can be due to self-pollution of the HII regions, which do not mix efficiently with
the surrounding medium, coupled with “enriched” or “differential” galactic winds,
namely different chemical elements are lost at different rates (e.g., Pilyugin (1993)).

Another important feature of these galaxies is the mass–metallicity relation. The
existence of a luminosity–metallicity relation in irregulars and BCGs was suggested
first by Lequeux et al. (1979), then confirmed by Skillman et al. (1989) and extended
also to spirals by Garnett and Shields (1987). In particular, Lequeux et al. suggested
the following relation:

Mtot D .8:5˙ 0:4/C .190˙ 60/Z; (7.1)

with Z being the global metal content and Mtot the total baryonic galactic mass.
In Fig. 7.2 we show more recent data on BCGs and DIGs, where a clear mass–

metallicity relation can be seen. Here the mass refers to the stellar mass M�. The
best fit to the data of Fig. 7.2 suggests:

12C log.O=H/ D .5:65˙ 0:23/C .0:298˙ 0:030/ logM�: (7.2)

The mass–metallicity relation holds also if one considers all star forming galaxies
including spirals and irregulars. In the past years, 53,000 local star-forming galaxies
in the SDSS (irregulars and spirals) were analysed. Metallicity was measured
from the optical nebular emission lines. Masses were derived from fitting spectral
energy distribution (SED) models. The strong optical nebular lines of elements
other than H are produced by collisionally excited transitions. Metallicity was then
determined by fitting simultaneously the most prominent emission lines ([OIII], Hˇ ,
[OII], H˛, [NII], and [SII]). The derived relation indicates that 12 C log .O=H/ is
increasing steeply for M� in the range 108:5Mˇ to 1010:5Mˇ, but flattening for
M� > 1010:5Mˇ.
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Fig. 7.1 The Z � log G
diagram (G indicates � as
defined in (3.1)): comparison
between model predictions
and data. Solutions (a)–(c)
are shown from top to bottom.
Solution (a) consists in
varying the yield per stellar
generation, here indicated by
pZ (pZ is equivalent to yZ ),
just by changing the IMF. The
solutions (b) and (c)
correspond to (3.44) and
(3.50), respectively, for
different values of the
parameters � and �. Figure
from Matteucci and Chiosi
(1983)
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Fig. 7.2 Oxygen abundance vs. stellar mass for nearby DIGs and BCGs. Filled and open circles
are data from Vaduvescu et al. (2007) and represent BCGs and DIG, respectively; open triangles
are DIGs observed by Lee et al. (2006) and refer to data obtained with Spitzer Infrared Array
Camera, and the solid line shows the best fit of their data. Figure from Yin et al. (2011)

In particular, the relation can be approximated as:

12C log.O=H/ D �1:492C 1:847.logM�/� 0:08026.logM�/2: (7.3)

This relation extends to higher masses the mass–metallicity relation found for
star forming dwarfs (7.2) and contains very important information on the physics
governing galactic evolution. Interestingly, the same mass–metallicity relation was
found for star-forming galaxies at redshift z > 2 by using H˛ and [NII] spectra (N2
index D [NII]/H˛), with an offset from the local relation of �0.3 dex. In particular,
the calibration relation between N2 and O/H is:

12C log.O=H/ D 8:90C 0:57 � N2: (7.4)

In Fig. 7.3, we show both the local mass–metallicity relation and the mass–
metallicity relation at high redshift.
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Fig. 7.3 From Erb et al. 2006, ApJ, 644, 813, showing the mass–metallicity relation for star
forming galaxies at high redshift (z � 2.2), by adopting the N2 calibration. The data are represented
by the big dots with error bars. Each point represents the average value of 14 or 15 galaxies.
The additional error bar in the lower right corner represents the additional uncertainty due to
the adopted N2 calibration. The data from Tremonti et al. (2004), obtained for 53,000 local star
forming galaxies in SDSS, are also shown. The small filled triangles indicate the mean metallicity
of the SDSS galaxies in the same mass bins used by Erb et al. Figure reproduced by kind permission
of D. Erb

More recent near-infrared spectroscopic data of Lyman-break galaxies at redshift
z � 3 suggest that the mass–metallicity relation is already in place at z D 3:3

(see Fig. 7.4). When compared with previous surveys, the mass–metallicity relation
inferred at z D 3:3 shows an evolution significantly stronger than observed at
low redshift, in disagreement with the high redshift data of Fig. 7.3 obtained at
redshift z � 2:2. In Fig. 7.4, we show different mass–metallicity relations obtained
for galaxies at different redshifts. Since one of the major sources of disagreement
between observations by different authors is the metallicity-calibration scale, all
the data in Fig. 7.4 have been calibrated to the same metallicity scale and IMF
(Chabrier 2003). Clearly the mass–metallicity relation is a common feature to all
galaxy types, since it is found both in star forming and in passive galaxies (see
Chap. 6) and at all redshifts. The most simple interpretation of the mass–metallicity
relation is that the yield per stellar generation increases with galactic mass. This can
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Fig. 7.4 Mass–metallicity relations at various redshifts: the data at z D 0:07 are from Kewley and
Ellison (2008), those at z D 0:7 from Savaglio et al. (2005), at z D 2:2 from Erb et al. (2006),
at z D 3� 4 from Maiolino et al. (2008) (project AMAZE), and Mannucci et al. (2009) (project
LSD). Figure from Mannucci et al. (2009)

be achieved in several ways: either by changing the IMF, namely, by assuming a
flatter IMF in more massive galaxies, but this solution may imply strong changes
in other physical quantities such as the mass to light ratio and, therefore, it is not
advisable, or by assuming that the galactic wind is less efficient in more massive
systems, or that the infall rate is less efficient in more massive systems (see Fig. 7.1).
However, analytical models do not take into account explicitely the SFR which
can be instead the main cause of the mass–metallicity relation. In other words,
this relation suggests that the more massive galaxies should have formed stars
more efficiently and, therefore, have produced more metals. Therefore, by simply
assuming that the efficiency of star formation increases with galactic mass, one can
explain the mass–metallicity relation. One of the most common interpretations of
the mass–metallicity relation so far is that the yield per stellar generation varies with
galactic mass because of the occurrence of galactic winds, which should be more
important in small systems. This effect is certainly there since evidence for galactic
winds exists for dwarf irregular galaxies, as we will see next. However, variations in
the efficiency of star formation with the galactic mass can reproduce by themselves
the observed local mass–metallicity relation, as shown in Fig. 7.5 where models
for DIGs and spiral galaxies with increasing star formation efficiency with galactic
luminous mass are reported. Therefore, we conclude that the dependence of the SFR
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Fig. 7.5 Predicted mass–metallicity relation for spirals and dwarf irregulars compared with the
local relation of Maiolino et al. (2008) (project AMAZE) for star forming galaxies (dashed-dotted
line). Data from Lee et al. for dwarf irregulars are also reported. The models for spirals (continuous
line) and irregulars (dashed line) assume an increasing efficiency of star formation with galactic
mass. Figure from Calura et al. (2009a)

on the galactic mass is likely to be the most important cause of the mass–metallicity
relation in galaxies. The fact that at high masses the mass–metallicity relation tend
to flatten can be simply the result of high mass galaxies having a higher SFR and
thus consuming all of their gas; when the gas mass tends to zero the gas metallicity
reaches a saturation value.

7.2 Results on DIG and BCG from Purely Chemical Models

Purely chemical evolutionary models for DIG and BCG, assuming that the star
formation in these objects proceeds in bursts, have been computed in the last years
by varying the number of bursts, the time of occurrence of bursts, tburst, the star
formation efficiency, the type of galactic wind (differential or normal), the IMF, and
the nucleosynthesis prescriptions. The main difference between DIGs and BCGs, in
these models, is that the BCGs suffer a present time burst, whereas the DIGs are
in a quiescent phase. The best model of Bradamante et al. (1998), which takes into
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account infall, outflow, and feedback from stellar winds and SNe (II, Ia, and Ib), as
well as dark matter halos, suggests that the number of bursts in dwarf irregulars
should be Nbursts � 10 and the star formation efficiency should vary from 0.1
to 0.7 Gyr�1, for either Salpeter or Scalo IMF (Salpeter IMF is favored). Metal
enriched winds are favored, and this assumption is supported by dynamical studies
indicating that the SN ejecta are preferentially lost relative to the whole ISM.
The results of this model also suggest that SNe of Type II dominate the chemical
evolution and energetics of these galaxies, whereas stellar winds are negligible. The
predicted [O/Fe] ratios tend to be overabundant relative to the solar ratios, owing to
the predominance of Type II SNe during the bursts, in agreement with observational
data showing that generally BCGs have overabundant [O/Fe] ratios, overlapping
those of the Galactic halo stars (see Fig. 7.6). Models with strong differential winds
and a large number of bursts (Nburst = 10–15) can, however, give rise to negative
[O/Fe] ratios.

In Fig. 7.7, we show the predictions of the same model for N/O and C/O ratios:
it is evident from Figs. 7.6 and 7.7 that the spread in the chemical properties
can simply be reproduced by different star formation efficiencies (here called � ,
expressed in Gyr�1 and equivalent to �), which translate into different wind
efficiencies, given the assumed proportionality between the wind and SFR.

It is worth noting the typical “saw-tooth” behavior of the abundance ratios in
Figs. 7.6 and 7.7: this is due to the bursting regime. In fact, different chemical
elements are produced on different timescales (e.g., O and Fe) and during the
interburst phase the elements originating from massive stars stop to be produced,
whereas those originating in long living stars continue to be produced.

In Fig. 7.8, we show other results obtained with models taking into account
exponential infall but not outflow. These results suggest that the star formation
efficiency in extragalactic HII regions must have been low and that this effect
coupled with the primary N production from intermediate mass stars can explain
the plateau in log(N/O) observed at low 12 C log .O=H/. It is also suggested that
12C is mainly produced in massive stars (when the yields from massive stars with
mass loss by Maeder (1992) are used), whereas the bulk of 14N is mainly produced in
intermediate mass stars. Also in this case, it is evident that a different star formation
efficiency can reproduce the observed spread.

An extensive study from SDSS of chemical abundances from emission lines in
a sample of 310 metal poor emission line galaxies (Izotov et al. 2006) suggests
that the global metallicity measured by 12 C log .O=H/ in these galaxies ranges
from �7:1 .Zˇ=30/ to �8:5 .0:7Zˇ/. The SDSS sample is merged with 109 BCGs
containing extremely low metallicity objects. These data substantially confirm the
previous ones, showing an overabundance of ˛-elements (e.g., ŒO=Fe� D C0:4 dex/
and how ˛-elements do not depend on the O abundance, thus suggesting a common
origin for these elements in stars with M > 10Mˇ, except for a slight increase
of Ne/O with metallicity which is interpreted as due to a moderate dust depletion
of O in metal rich galaxies. An important finding is that all the studied galaxies
are found to have log.N=O/ > �1:6, which indicates that none of these galaxies
is a truly young object, unlike the DLA systems at high redshift which show a
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Fig. 7.6 Upper panel: predicted and observed [O/Fe] vs. [Fe/H]. The models assume three bursts
of star formation separated by long quiescent periods and different star formation efficiencies here
indicated with � D �. The models assume a dark matter halo ten times larger than the luminous
mass and a ratio S D re=rD D 0:3 (see Chap. 6). Models and figure from Bradamante et al. (1998).
Data from Thuan et al. (1995) for a sample of BCGs. Lower panel: observed [O/Fe] vs. [Fe/H].
The data for the BCGs are the same as in the upper panel (filled circles), plus data for the Milky
Way. Open triangles and asterisks are disk and halo stars, respectively. Figure from Thuan et al.
(1995); reproduced by kind permission of T.X. Thuan
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Fig. 7.7 Upper panel: predicted log(N/O) vs. 12 C log .O=H/ for a model with three bursts
separated by quiescent periods and different star formation efficiencies here indicated with � D �.
Lower panel: predicted log(C/O) vs. 12C log .O=H/. The data in both panels are from Kobulnicky
and Skillman (1996). The models are the same as in Fig. 7.6. Figure from Bradamante et al. (1998)
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Fig. 7.8 A comparison between numerical models and data for extragalactic HII regions and stars
(filled circles, filled boxes, and filled diamonds); M and S mark the position of the Galactic HII
regions and the Sun, respectively. Their best model is model B with an efficiency of star formation
� D 0:03Gyr�1. The efficiency here is lower than those in Fig. 7.7 and the reason is that the
models shown here assume a continuous star formation, whereas those of Fig. 7.7 assume only
three bursts of star formation. Figure from Henry et al. (2000); reproduced by kind permission of
R.B.C. Henry

log.N=O/ � �2:3. In Fig. 7.9, we report data and results for the N/O ratio as a
function of O/H. This is one of the largest collection of data for dwarf irregulars.
Results from models assuming a galactic wind rate proportional to the SN II
and Ia rates and not simply to the SFR, as in all the other models, are shown.
These models were devised to reproduce two particular local BCGs (NGC1569
and NGC1705). The diagram shows a sort of plateau for N/O at low metallicities
(12C log.O=H/ < 7:6) and this has been interpreted as due to the fact that massive
stars should produce primary rather than secondary N, as instead expected from
standard nucleosynthesis, as we have already discussed in Chap. 5. It is worth noting
that to reproduce the properties of NGC1569 and NGC1705, metal-enhanced winds
are required, and this agrees with observations (see next section).

7.3 Galactic Winds in Dwarf Irregulars

Galactic outflows or winds (in the case in which the wind velocity exceeds the
escape velocity of the galaxy) seem to be required in dwarf irregulars in order
not to overproduce their metallicity, although the amount of material lost should
be relatively small to avoid underestimation of the amount of gas still present
in these galaxies. Observations of dwarf irregular galaxies have been perfomed
by several authors. In particular, by studying the warm ionized gas in dwarf
irregulars, Papaderos et al. (1994) estimated a galactic wind flowing at a velocity
of 1,320 km s�1 for the irregular dwarf VIIZw403, where the estimated escape
velocity for this galaxy is 50 km s�1. Lequeux et al. (1995) suggested a galactic



182 7 Chemical Evolution of Irregular Galaxies

Fig. 7.9 log(N/O) vs. 12 C log .O=H/ diagram for several DIGs and BCGs and low surface
brightness galaxies. Filled diamonds: metal poor HII galaxies from Kobulnicky and Skillman
(1996); filled circles: low surface brightness dwarfs from van Zee et al. (1997); larger circles are
objects with higher average SFR in the past; the large open triangle stands for the sample object
with the highest present time SFR �0:35Mˇyr�1, whereas the small open triangle represents the
object with the lowest SFR �0:0015Mˇyr�1. Stars: ground based spectroscopic observations of
54 supergiant HII regions in 50 low metallicity BCGs from Izotov and Thuan (1999); squares:
Virgo DIGs and BCGs from Lee et al. (2003). The large diamonds and the large square represent
measurements for NGC1705 and NGC1569, respectively. Large crosses represent the predictions
of chemical evolution models (Romano et al. 2006). These models assume metal-enhanced winds:
in particular the model with a high efficiency of N ejection best fits the data for NGC 1705. Figure
from Romano et al. (2006)

wind in Haro2 (Mkn33) flowing at a velocity of �200 km s�1, also larger than
the escape velocity of this galaxy. Martin (1996, 1999) found supershells, which
imply gas outflow, in 12 dwarfs including IZw18 and concluded that the estimated
galactic wind rates are several times the SFR in these objects. More recently,
deep Chandra spectroscopic X-ray images of the blue compact galaxy NGC1569
have revealed the presence of a galactic wind in this galaxy and the metallicity
of this wind has been measured .�0:25Zˇ/. The estimated mass of O in the
wind is the same as that produced in the current burst, thus suggesting that the
wind carries away almost all the oxygen produced in the starburst (Martin et al.
2001). Hydrodynamical simulations have suggested metal-enhanced galactic winds
triggered by SN explosions in dwarf galaxies (e.g., De Young and Gallagher (1990);
MacLow and Ferrara 1999). However, it is still not entirely clear whether the gas
ejected out of the galaxy really leaves its potential well or stays around in the halo.
Other works have suggested that the ejected gas can fall back down onto the galaxy.
For example, Tenorio-Tagle et al. (1999) pointed out that superbubbles may initially
expand with speeds well-exceeding the local escape velocity of the galaxy, but their
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Fig. 7.10 Predicted and
observed abundance ratios
(upper panel) and predicted
and observed metallicity-gas
fraction relation (lower
panel). The models are from
Yin et al. (2011): different
wind efficiencies are
indicated with � for normal
wind and �m for
metal-enhanced wind. The
data include both blue
compact and dwarf irregular
galaxies plus the DLA
systems

motion into the gaseous halo causes a continuous deceleration which decreases the
velocity to values well below the escape velocity. In such a case, the ejecta condense
into a cold phase forming droplets which fall back and settle down onto the disk of
the galaxy (this is called the galactic fountain model).

From the point of view of chemical evolution models, metal-enhanced galactic
winds represent the best solution to reproduce at the same time the low metallicity
and the high gas fraction in dwarf irregulars including BCGs. In Fig. 7.10, we show
again some recent model predictions compared with the most recent observational
data.

Models with no wind, a normal wind (namely, carrying away the whole ISM),
and a metal-enhanced wind are shown in this figure. Different wind efficiencies (�)
are considered. Each model has four bursts of star formation randomly scattered
during the galactic lifetime, but the last occurring at the present time (13 Gyr) with
a duration of 0.2 Gyr. The star formation efficiency is 0:5Gyr�1 for all models.
It is evident from Fig. 7.10 that the model with metal-enhanced wind can better
reproduce the data. In fact, the model with no wind lies at the left border of the
observational data relative to the 12C log .O=H/ vs. log.Mgas=Mtot/ relation, and it
cannot explain why galaxies with the same metallicity have different gas fractions.
To explain this, one needs to assume galactic winds with different efficiency in
different galaxies and this is obtained by means of the model with normal wind,
where H, He, and metals are all lost at the same rate. However, the models with
normal wind tend to underestimate the fraction of gas at the present time (see long
dashed and short dashed lines), as it is clear in Fig. 7.10. On the other hand, the
model with metal-enhanced wind can explain the spread and predicts the right
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amount of gas at the present time. In Fig. 7.10 are also shown the predicted and
observed log(C/O) vs. 12C log .O=H/ and [O/Fe] vs. [Fe/H] relations; the various
loops in these figures are due to the burst/interburst phases, as already discussed
before. These loops can explain the spread in the data, in the sense that some objects
are observed in the burst phase while others are observed in the interburst phase.
The data contain BCGs, dwarf irregulars, and DLA systems and, as one can see, the
DLAs are undistinguishable from the other galaxies.

7.4 Results from Chemo-Dynamical Models: IZw18

IZw18 is the most metal poor local galaxy, thus resembling to a primordial object.
Probably it did not experience more than two bursts of star formation including the
present one, which is revealed by the presence of Wolf–Rayet stars. The age of the
oldest stars in this galaxy is still uncertain, although Tosi et al. (2006) suggested
an age possibly >2Gyr. The oxygen abundance in IZw18 is 12 C log .O=H/ D
7:17–7:26, �30 times lower than the solar oxygen .12C log .O=H/ D 8:69˙ 0:05/

and log N=O D �1:54=�1:60 (Garnett et al. (1997)).
The telescope FUSE (far ultraviolet spectroscopic explorer) provided abundances

also for HI in IZw18: the evidence is that the abundances in the HI are lower than in
the HII (Aloisi et al. 2003; Lecavelier des Etangs et al. 2003). In particular, Aloisi
et al. found the largest difference relative to the HII data, with the abundances in
the HI region being several times lower. The case of IZw18 was studied by means
of chemo-dynamical (two-dimensional) models assuming only one burst at the
present time. It was found that the starburst triggers a galactic outflow. In particular,
the metals leave the galaxy more easily than the unprocessed gas and among the
enriched material the SN Ia ejecta possibly leave the galaxy more easily than other
ejecta. In fact, it had been reasonably assumed that Type Ia SNe can transfer almost
all of their energy to the gas, since they explode in an already hot and rarified
medium after the SN II explosions. As a consequence of this, it was predicted that
the [˛/Fe] ratios in the gas inside the galaxy should be larger than the [˛/Fe] ratios
in the gas outside the galaxy. At variance with previous studies, it was also found
that most of the metals are already in the cold gas phase after 8–10 Myr, since the
superbubble does not break immediately and thermal conduction can act efficiently
(e.g., Recchi et al. (2001)). In the following years, this model was extended to a
two-burst case, always with the aim of reproducing the characteristics of IZw18.
This model well-reproduces the chemical properties of IZw18 with a relatively old
and long episode of star formation lasting 270 Myr plus a recent burst still going
on. In Fig. 7.11, we show the predictions of this particular model for the abundances
in the HII regions of IZW18 and in Fig. 7.12 for the abundances in the HI region,
showing a little difference between the HII and HI abundances, in agreement with
some of the data.
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Fig. 7.11 Predicted
abundances for the HII region
in IZw18 (dashed lines
represent a model adopting
the yields of Meynet and
Maeder (2002) for
Z D 10�5, whereas the
continuous line refers to
yields computed for a higher
metallicity (Z D 0:004)).
Observational data are
represented by the shaded
areas. Figure from
Recchi et al. (2004)

Fig. 7.12 Figure from
Recchi et al. (2004): predicted
abundances for the HI region.
The models are the same as in
Fig. 7.11. Observational data
are represented by the shaded
areas. The upper shaded area
in the panel for oxygen and
the lower shaded area in the
panel for N/O represent the
data of Lecavelier des Etangs
et al. (2003). Figure from
Recchi et al. (2004)

7.5 Connection Between Dwarf Irregulars and DLAs

The observations of QSO spectra have led to the discovery of a class of objects,
found along any line of sight, whose study has induced a huge progress in the field
of galactic evolution. Among these objects, DLA systems allow us to have the most
direct insight into the Universe soon after the growth of galactic structures. These
objects, all at high redshift, have a large HI content (they have the highest column
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density of neutral H, N.HI/ � 2 � 1020cm�2) and metal abundances which span
from 1/100 to 1/3 of the solar value. Precise chemical abundance determinations
can be obtained for low ionization species such as SiII, FeII, and ZnII. In particular,
the abundance of Zn can trace the metallicity in these objects since this element is
not locked into dust grains, as instead it is the case for Fe and Si (nonrefractory
elements). The real nature of DLAs is not yet well-established although we can
exclude that they are systems like elliptical galaxies at high redshift, as we will
show in the next section.

The majority of DLAs can be explained either by disks of spirals observed
at large galactocentric distances or by irregular galaxies such as the LMC or by
starburst dwarf irregulars observed at different times after the last burst of star
formation. These conclusions were reached after comparing the results of chemical
evolution models for galaxies of different morphological types (ellipticals, spirals,

Fig. 7.13 Comparison between data and predictions from models of galaxies of different morpho-
logical types: ellipticals (thin dashed line), the Milky Way disk region at 4 kpc from the center
(thick dotted line), the solar neighborhood at 8 kpc (thick long dashed line), the region at 18 kpc
(thick solid line), the region at 14 kpc (thick short dashed), and the LMC (thin dotted line). In the
upper panel it was assumed a redshift of galaxy formation zf D 3:0, whereas in the lower panel
zf D 5:0. Reference to the data can be found in Calura et al. (2003). Figure from Calura et al.
(2003)
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Fig. 7.14 Predicted and observed [Si/Fe] vs. [Fe/H]. The data have been corrected for dust. In each
panel there is a different dust correction. The assumed redshift of galaxy formation is zf D 5:0.
The models are the same as in Fig. 7.13. References to the data and dust corrections can be found
in Vladilo (2002). Figure from Calura et al. (2003)

and irregulars) with data of DLAs. In Figs. 7.13 and 7.14, we show some theoretical
results showing how DLAs could be the external parts of spiral disks of galaxies
like the Milky Way or dwarf irregular galaxies, in their early stages of evolution.
While Fig. 7.13 refers to the absolute abundance of Zn, and absolute abundances
depend on all the model assumptions, Fig. 7.14 refers to the [Si/Fe] ratio which,
together with the other ˛-elements, can be used as a cosmic clock and as an identifier
of the nature of galaxies, as already discussed in Chap. 5 (Fig. 5.28). In particular,
DLA systems show lower [˛/Fe] ratios at a given [Fe/H] than observed in the solar
vicinity and their ratios are similar to those observed in dSphs in the Local Group.
As we have already pointed out in Chaps. 5 and 6, the lower [˛/Fe] ratios observed
in the Magellanic clouds and in the dSphs can be interpreted as due to a low star
formation rate coupled with galactic outflow. Here, we show the evolution of [Si/Fe]
with redshift for galaxies of different morphological types.
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It is evident from both Figs. 7.13 and 7.14 that DLAs cannot be elliptical
galaxies, since the predicted abundances and abundance ratios for these galaxies
lie completely outside the range of existence of the observational data. On the other
hand, DLAs can be dwarf irregular galaxies or the external regions of spiral disks.

Long-duration GRBs are linked to the collapse of massive stars and their hosts
have been identified as active, star forming galaxies. Some GRBs have been
observed at high spectral resolution in the redshift range z D 1:5�4:0 and their host
have been identified with DLAs through the analysis of the afterglow spectra. The
abundances of several chemical elements (C, N, O, Ne, Mg, Si, S, Ni, Fe, and Zn)
have been measured in these systems. By comparing the measured abundance ratios
in the DLA hosting the GRBs and chemical results, one can conclude again that the
host galaxies are very likely to be irregular galaxies, thus enforcing the conclusions
of the previous paragraph about the nature of DLAs.

7.5.1 Primary or Secondary Nitrogen?

The study of the abundances in DLAs can also help in understanding the nature
of N, especially if the N production from massive stars is primary or secondary,
as already discussed in Chap. 5. Following the predictions of the Simple model
of galactic chemical evolution, the ratio between the abundances of two primary
elements is equal to the ratio of their yields per stellar generation which are constant
by definition, whereas the ratio between a secondary and a primary element is
increasing linearly with the abundance of the primary seed (see Fig. 5.16). In reality,
no galaxy evolves like the Simple model suggests, and the N/O behavior is strongly
influenced by the timescales for the production of N and O. In particular, N is mainly
produced in low and intermediate mass stars on relatively long timescales, whereas
O is mainly produced by massive stars on short timescales.

The results for N/O vs. O/H from models of chemical evolution of dwarf
irregulars with continuous but low star formation, suffering outflows and formed
by infall of primordial gas are shown in Fig. 7.15. The models, including dust
evolution, are computed by varying the efficiency of star formation from 1 Gyr�1 to
0.01 Gyr�1. Primary production of N from massive stars has been assumed in some
of the models (in all the other models N from massive stars is considered purely
secondary): in particular, it has been assumed that massive stars of all metallicities
produce the same amount of N as the massive stars of solar chemical composition.
This assumption (shown already in Fig. 5.17 for the stars in the Galaxy) is rather
simplistic but it was obtained in order to reproduce the data of the halo stars,
and it was adopted simply because the yields from fastly rotating massive stars,
available up to now, refer only to very metal poor massive stars. From Fig. 5.17
instead it is evident that, given the constancy of the N/O ratio in halo stars, also
massive stars with metallicities larger than z D 10�8 should produce primary N.
Future nucleosynthesis calculations will probably fill this gap. Concerning the N
production from low and intermediate mass stars, the standard yields producing
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Fig. 7.15 Upper panel: Predicted log(N/O) vs. time by models of dwarf irregular galaxies
adopting various star formation efficiencies, as indicated. The thin lines include primary N in
massive stars following Matteucci (1986), whereas the thick lines do not include primary N from
massive stars. The models include also the formation and evolution of dust. The thick lines do not
include primary N production in massive stars. The shaded area represents the range of log(N/O)
values observed by various authors (Pettini et al. (2008) and references therein) in a sample of QSO
DLA systems. The yields adopted for low and intermediate mass stars are from van den Hoek and
Groenewegen (1997) and include primary and secondary N. Lower panel: predicted log(N/O) vs.
log .O=H/ C 12. Thick and thin lines have the same meaning as in the upper panel. The solid
squares are observational values in high-redshift QSO DLAs (Pettini et al. (2008) and references
therein). Figure from Calura et al. (2009b); reproduced by kind permission of F. Calura

both secondary and primary N have been adopted. As one can see in Fig. 7.15, the
N/O predicted by models with only primary N (i.e., not depending on the stellar
metallicity) from massive stars are flatter than those predicted by models with only
secondary N production from massive stars (i.e., depending on metallicity). In spite
of this, it is difficult to decide from the comparison in Fig. 7.15 whether N in massive
stars should be primary or secondary. The spread in the data rather suggests a variety
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of situations with a preference for primary N production in massive stars and low
star formation efficiencies. As already discussed in Chap. 5 and in the previous
paragraphs, the N/O ratio in halo stars, with the same O/H of DLAs, tends to be
higher than �2.0 dex, whereas DLAs show values below this ratio. The reason for
this could be the fact that DLAs evolve in a different way relative to the halo of the
Milky Way, in particular, the IMF could be different in the Galaxy and DLAs. More
accurate data, especially for the Galactic halo stars, where the abundance of N is
difficult to measure, are required before drawing firm conclusions.

7.6 The Magellanic Clouds

The Magellanic clouds are irregular galaxies and are very close to the Milky Way.
The LMC shows some evidence for spiral structure and probably it did suffer a
more quiet and continuous star formation history than other dwarf irregulars. Given
the proximity to the Milky Way, extensive studies have been performed on these
galaxies. Measures of abundances and abundance ratios for the Magellanic clouds
are available since a long time but only recently high resolution data have become
available.

7.6.1 The Large Magellanic Cloud

Olszewski et al. (1991) and Geisler et al. (1997) measured abundances in globular
clusters while Dopita et al. (1997) studied PNe. Later on, Hill et al. (2000) measured
abundances in ten giants in globular clusters of the LMC by means of UVES
at the VLT. They derived the age–metallicity relation and the [O/Fe] vs. [Fe/H]
relation. The LMC cluster distribution in all these papers shows that metallicity
and age distributions are bimodal, with a well-defined gap between 3–4 Gyr and
10–12 Gyr ago, corresponding to a minimum of the metallicity distribution between
ŒFe=H� D �1:0 and ŒFe=H� D 1:5 dex. This bimodality has been interpreted as
the signature of two main bursts of star formation, an early one producing the
12–15 Gyr clusters and a more recent one occurred 3 Gyr ago, possibly triggered by
tidal interaction of the LMC with the Milky Way. Although it is not clear whether the
globular cluster formation is the same as the field star formation, several chemical
evolution models, built to reproduce the LMC, assumed these two main bursts of
star formation, sometimes interconnected by a milder continuous star formation. In
Fig. 7.16, we show the assumed SFR and the predicted [O/Fe] ratios in LMC by one
of such models. The model reproduces successfully the behavior of the [O/Fe] ratio
that is lower than in solar neighborhood stars of the same [Fe/H]. We have already
interpreted this fact in Chap. 5 and concluded that it is due to the combination of the
time-delay model and a mild and probably intermittent SFR in LMC.

In Fig. 7.17, we show the predictions by another model of chemical evolution of
the LMC considering both the case of a continuous star formation and a bursting
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Fig. 7.16 Adopted SFR (upper panel) for the LMC model and comparison between the predicted
[O/Fe] vs. [Fe/H] evolution and the values observed in LMC stars (lower panel). The star formation
history has been chosen in agreement with what suggested by the globular cluster distribution in
age and metallicity. Data are from Hill et al. (2000), model and figure from Calura et al. (2003)

one, in comparison with the Milky Way. Also this model assumes for LMC a lower
SFR than in our Galaxy.

7.6.2 The Small Magellanic Cloud

Since early times, the abundances in the SMC have been derived from HII
regions and PNe (e.g., Dufour (1984)), then abundances were derived also in
stars (Spite et al. 1989) and the results from all of these studies were in agreement
suggesting that the abundances in SMC are deficient by � � 0:6 dex for C, O, and S
(Spite and Spite 1990) relative to the Milky Way, in agreement also with the results
of HII regions. Russell and Bessell (1989) obtained the first reliable measure of the
Fe abundance in SMC from F supergiants and suggested [Fe/H] = �0:65˙ 0:2 dex,
whereas for the LMC they found [Fe/H] = �0:30˙0:2 dex. This SMC Fe abundance
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Fig. 7.17 Comparison between predictions from models of LMC by Pagel and Tautvaisiene
(1998): continuous SF (dotted line) and bursting SF (continuous line). The thick line is the
prediction for the solar vicinity. The data are from Hill et al. (2000). Figure from Pagel and
Tautvaisiene (1998)

when combined with the O abundance from Spite and Spite (1990) provides
ŒO=Fe�SMC� 0:05 dex, in agreement with the predictions of the time-delay model
and suggesting that the star formation in the SMC was also proceeding more slowly
than in the Milky Way and similarly to the LMC, for which one obtains, with the
same procedure, ŒO=Fe�LMC � 0 dex. Unfortunately, the SMC has not been studied
as thoroughly as the LMC: our knowledge about the chemical evolution history
of this galaxy comes mainly from its cluster system. The age–metallicity relation of
this galaxy has been derived by means of Ca II triplet spectroscopic and photometric
studies applied to the SMC clusters (e.g., Parisi et al. (2009)). It has been suggested
that the age-metallicity relation had three phases: a very early phase (>11 Gyr ago)
when the metallicity reached [Fe/H] = �1.2 dex, a long intermediate phase from 10
to 3 Gyr ago in which the metallicity increased only slightly, and a final phase from 3
to 1 Gyr ago in which the rate of enrichment was remarkably faster. It is not yet clear
whether there is a metallicity gradient in SMC. An analysis of red giant stars in SMC
also based on Ca II triplet (Parisi et al. 2010) derived the metallicity distribution and
concluded that the mean value of the distribution is< ŒFe=H� >D �0:99˙0:02 dex.
Moreover, this analysis showed that the field stars tend to be more metal poor than
the clusters they surround, thus suggesting that the field stars are older than the
clusters.
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Fig. 7.18 Comparison of age–metallicity relation between the models and the observations for
SHC. The three curves represent the results of the model in which the merger with the mass ratio
of one to four is included (solid curve), the model with an equal mass merger (dashed curve), and
the model with no merger event (dotted curve), respectively. Filled circles denote the observed
data of star clusters compiled from various papers (Da Costa and Hatzidimitriou 1998; Piatti et al.
2001, 2005, 2007a,b; Kayser et al. 2007; Glatt et al. 2008a,b), whereas open circles show the mean
metallicity in six age bins for 386 field SMC stars Carrera et al. (2008). Figure and models from
Tsujimoto and Bekki (2009); reproduced by kind permission of T. Tsujimoto

It has been suggested that there is a dip in the age–metallicity relation of both
field and cluster stars in the SMC at around 7.5 Gyr ago, and that this dip was
produced by a major merger of the SMC with a metal-poor gas-rich galaxy occurring
at that epoch (see Fig. 7.18). However, the dip could have been caused also by
infall of extragalactic gas during a quiescent period or when star formation was
particularly low.

7.7 Summary on Irregular Galaxies

In this chapter, we have tried to summarize the information we have on irregular
galaxies. These objects can be divided into two main categories: DIGs and BCGs.
Some of these irregulars show some evidence of a spiral structure, such as the LMC,
and they are called “Magellanic irregulars.” Models of chemical evolution built for
these galaxies have suggested the following:
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• The star formation in these galaxies must have proceeded more slowly and less
intensively than in spiral and elliptical galaxies. This is suggested by their large
amount of gas and low metal content compared to the other galaxy types. It is
not yet clear whether in DIGs the SFR was continuous and low or more intense
but proceeding in bursts separated by long quiescent periods. Certainly, BCGs
show a burst of star formation at the present time. In this case, chemical models
suggest that the number of bursts, with the same star formation efficiency of the
present one, cannot have been more than �10.

• There is observational evidence that these galaxies suffer gas outflows but it is
not yet clear whether this gas is lost from the potential well (galactic winds) or
simply removed from the star forming regions but still gravitationally bound.
Several chemo-dynamical models have suggested that these galaxies suffer
metal-enhanced galactic winds powered by SN explosions. In fact, most of their
observational features (abundances and gas content) can be well-reproduced by
metal-enhanced winds.

• The observed large spread in the chemical properties of these galaxies can be
explained by several different processes: (1) a different star formation efficiency
from galaxy to galaxy, (2) a different IMF from galaxy to galaxy, (3) a different
efficiency of the galactic wind, either normal or metal-enhanced.

• Irregular galaxies show a well defined mass–metallicity relation which can be
considered as the lower part of the mass–metallicity relation of spirals. The
mass–metallicity relation can be explained either by assuming a star formation
efficiency increasing with galactic mass or by an increasing efficiency of galactic
winds with decreasing galactic mass, although the first hypothesis might be
preferred. One cannot, however, exclude a variation in the IMF, although this
latter hypothesis looks more ad hoc than the previous ones. Variations in the
infall rate with the galactic mass by themselves cannot reproduce the mass–
metallicity relation, as shown by Spitoni et al. (2010), where a detailed analysis
of the physical causes for this relation can be found.



Chapter 8
Cosmic Chemical Evolution

8.1 Modeling Cosmic Chemical Evolution

The chemical evolution in comoving volumes large enough to be representative of
the Universe as a whole can be described in terms of comoving densities of gas and
stars, both measured in units of the present critical density:

�crit D 3H2
o

8�G
: (8.1)

We define the cosmic gas density as:

˝gas D �gas=�crit; (8.2)

and the cosmic stellar density as:

˝s D �s=�crit; (8.3)

the cosmic metallicity as:
Z D ˝m=˝gas; (8.4)

with ˝m D �m=�crit and �m being the cosmic density of metals. By means of the
above quantities, we can write equations for the Simple model of cosmic chemical
evolution, similarly to (3.7) and (3.13), and obtain the following solutions (see Pei
and Fall (1995)):

˝gas C˝s D ˝gas
1
; (8.5)

where˝gas and ˝s are the comoving densities of gas and stars, respectively, and:

Z D yZ ln.˝gas=˝gas
1
/; (8.6)

with ˝gas
1

being the comoving density of gas when no stars and metals were
present, namely, the primordial gas comoving density. The assumptions are the same
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as in the Simple model, namely, no metals in the primordial gas, a constant IMF and
therefore a constant yield per stellar generation yZ , instantaneous mixing, and IRA

Solutions can be found also for infall and outflow, in analogy with the solutions
of Chap. 3. In particular, for the accretion (infall) case with P̋

A D � P̋
s (where P̋

s

is the SFR) and ZA D 0, we have:

˝gas C .1 ��/˝s D ˝gas
1
; (8.7)

and:
Z D yZ=�Œ1 � .˝gas=˝gas

1
/�=.1��//�: (8.8)

For the case with outflow with P̋ w D �� P̋ s and Zw D Z, the solutions are:

˝gas C .1C �/˝s D ˝gas
1
; (8.9)

and:
Z D �ŒyZ=.1C �/ln.˝gas=˝gas

1
/�; (8.10)

with � and � being two free parameters, as defined in Chap. 3. An application of
these models in shown in Fig. 8.1, where several comoving quantities such as the
mean metallicity of the ISM, the comoving density of HI, and the comoving SFR
are predicted as functions of redshift.

Numerical models of cosmic chemical evolution relaxing IRA can also be
adopted: starting from the complete equations of Chap. 4, one can compute the
chemical evolution of one galaxy taken as representative of each morphological
type and then weight the results on the luminosity function of galaxies. This method
was proposed by Calura and Matteucci (2004), who computed the cosmic rate of
element production including He and metals in a unitary volume of the Universe.
In particular, the total production rate, expressed in units of Mˇ yr�1 Mpc�3, of a
generic chemical element i , is defined as:

P�i D
X
k

�B;k.M=LB/k�i;k; (8.11)

where k indicates the galactic morphological type and B refers to the blue band.
The quantity �B;k , namely, the luminosity density, is the result of the integral over the
B-band luminosity function for the kth galactic type (elliptical, spiral, and irregular):

�B;k D
Z LBmax

LBmin

˚.LB/k.LB=LB�k /dLB; (8.12)

with �.LB/k being the luminosity function and LB�k the break luminosity for the
kth galactic type, respectively. Finally, .M=LB/k is the mass to luminosity ratio of
the kth galactic type.
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Fig. 8.1 Cosmic chemical evolution for ˝gas
1

D 4 � 10�3h�1, wind parameter � D 0:5, and
cosmological parameter qo D 0:5: (a) distribution of HI column densities at z D 2:4; (b) comoving
density of HI; (c) mean metallicity in the interstellar medium; and (d) comoving rate of star
formation. The solid curves represent quantities in the closed-box (C), infall (I) and outflow (O)
models with obscuration. The dashed curves in (a) and (b) represent the corresponding observed
quantities while the dashed curves in (c) and (d) show the effects of neglecting obscuration in each
of the models. The data points with error bars in (a), (b), and (c) are from Lanzetta et al. (1991),
Lanzetta et al. (1995), and Pettini et al. (1994), respectively. The figure is from Pei and Fall (1995);
reproduced by kind permission of M. Fall

The quantity �i;k is the rate of restitution of the gas by dying stars, normalized to
the total stellar mass of a galaxy, containing both the newly formed and the already
present elements in the stars and expressed in yr�1 Mpc�3:

�i;k D
Z Mmax

m.t/

 k.t � 	m/Rmi .t � 	m/�.m/dm; (8.13)

with Rmi representing the mass of the old and new element i restored by a star of
mass m, born at the time t � 	m; the quantity 	m is the lifetime of a star of mass m,
as defined in the previous chapters.

Finally, the quantity  k (expressed in yr�1) is the SFR of the kth galactic type;
by means of this SFR, we can compute the cosmic SFR rate density:

P�� D
X
k

�B;k.M=LB/k k: (8.14)
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Fig. 8.2 Predicted element production rates as functions of redshift for a galaxy formation epoch
zf D 5:0, from galaxies of different morphological types. Dotted lines represent the contribution
from spheroids, the short dashed lines the contribution from spirals, and the long dashed lines the
contribution from irregulars. The solid lines represent the total production rate, namely, the sum of
all the contributions of galaxies of different morphological types. The assumed IMF is the classical
Salpeter one. The figure is from Calura and Matteucci (2004)

It is evident from (8.14) that the CSFR density depends on the SFR in galaxies
but also on the assumptions about the evolution of the luminosity function of
galaxies. In particular, one can assume either a pure luminosity evolution of galaxies
with the galaxy number density constant as a function of redshift or a number
density evolution. This fact leads to a sort of degeneracy and it should be kept
in mind in interpreting the observed CSFR. The model results shown in Figs. 8.2
and 8.3 assume only pure luminosity evolution. In particular, in Fig. 8.2 we show
the predicted behavior, as a function of redshift, in an Einstein-de Sitter cosmology,
of the production rates P�i of several chemical elements (He, O, C, Si, Fe, Zn, N,
and Mg) for galaxies of different morphological types. In Fig. 8.3, we present the
total (from all galaxies) production rates for different IMFs. The main assumption
is that all galaxies start forming stars at the same time and that there is no number
density evolution, in other words, the parameters of the Schechter luminosity
function, reproducing the distribution of local galaxies, have been assumed to
be the same all over the cosmic time. This is a simple scheme, but the adopted
chemical evolution models well reproduce the observed properties of local galaxies
of different morphological types. As one can see in Fig. 8.2, the largest contribution
to cosmic enrichment at high redshift is provided by ellipticals and spheroids which
are assumed to form first and very fast; the contribution of spirals starts later on
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Fig. 8.3 Predicted total element production rates, including contributions from all galaxies, for
different choices of the IMF: the continuous line refers to the Salpeter IMF, the dotted line to the
Scalo IMF, and the long dashed lines to the IMF suggested by Arimoto and Yoshii (1987) with one
slope x D 0:95. This last IMF clearly favors massive stars more than the other two IMFs. Figure
from Calura and Matteucci (2004)

and becomes predominant for z < 2. Clearly, these results depend on the assumed
epoch of galaxy formation which is assumed to occur at zf D 5; by assuming a
higher galaxy formation redshift, all the curves should be shifted towards the right
in the figure.

Modeling cosmic chemical evolution is, therefore, useful to trace the chemical
history of the Universe and to study high redshift objects such as QSOs and DLAs
and also to count the baryons, as we will see in the next paragraph.

8.2 The Cosmic Census of Metals

In order to check whether the models for the formation and evolution of galaxies
of different morphological types, presented in the previous paragraph, are realistic,
one should perform the cosmic census of metals. In other words, one should check
whether those models do not over- or under-produce the metals in the Universe.
To count the metals in the Universe, one can distinguish three components:
the metals locked up in stars, the metals in the ISM in galaxies, and the metals in the
intergalactic medium (IGM). By means of chemical evolution models, it is possible
to predict the evolution of the comoving density of metals in each component.
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Concerning the IGM component, the metals can be estimated by considering
the galactic outflows certainly present in ellipticals and dwarf spheroidals, where
they probably cause the halt of the star formation process (Chap. 6) and in dwarf
starbursting galaxies (Chap. 7).

8.2.1 The Average Metallicity of the Universe

Starting from the models of Fig. 8.2, it is easy to compute the average chemical
abundances in the three main baryonic components of the Universe: stars, ISM,
and IGM. For the average metallicities in stars and ISM, one should consider the
different morphological galactic types and compute the average for ellipticals, spi-
rals, and irregulars. In Table 8.1 we report these data for an assumed Salpeter IMF.
The numbers shown in Table 8.1 are all compatible with observational estimates:
stars in ellipticals and spheroids in general have, on average, an overabundance of
˛-elements (in particular, oxygen) relative to Fe, whereas their gas, which ends
up into the intergalactic and intracluster medium, shows either a solar ratio or an
underabundance of ˛-elements relative to Fe. In spirals and irregulars the average
[˛/Fe] in stars is lower than in spheroids, although larger than zero, while this ratio
in their ISM is roughly solar. These results are not surprising in the light of what was
discussed in the previous chapters: ellipticals form after an intense and rather short
burst of star formation, whereas spirals and irregulars suffer a slower and continuous
star formation.

In order to compute the average metallicity of the matter in galaxies, we need now
to put together the metallicities of stars and gas of different galaxies. In particular,
the cosmic mean metallicity of galaxies at the present time can be defined as:

< ZG >D �ISMGZISMG C �sGZsG

�ISMG C �sG

D 0:0175; (8.15)

which is the mass-weighted mean metallicity of galaxies for a Salpeter IMF. The
quantities �ISMG and �sG are the cosmic densities of the ISM and stars in galaxies,
respectively.

Table 8.1 Average metallicities, expressed as the sum of the abundances by mass of all the metals,
and average [O/Fe] ratios in stars and ISM in galaxies of different morphological types. From
Calura and Matteucci (2004)

Galaxy type < Z� > < ZISM > < ŒO=Fe�� >(dex) < ŒO=Fe�ISM > (dex)

Ellipticals 0.014 0.020 0.4 �0.33
Spirals 0.026 0.045 0.1 0.01
Irregulars 0.002 0.003 0.1 0.01
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If we adopt the solar metallicity by Asplund et al. (2009), Zˇ D 0:0134, the
mean metallicity of galaxies then becomes:

< ZG >� 1:3Zˇ (8.16)

which is close to the solar value. By using the previous solar metallicity by Anders
and Grevesse (1989) (Zˇ � 0:02), we would have obtained < ZG >� 0:875Zˇ.
Therefore, it is correct to say that the mean metallicity in galaxies is roughly solar.

The average metallicity of the IGM can be computed just by considering the one
in the gas ejected by spheroids; in fact, the contribution to galactic winds by spirals
and irregulars can be considered negligible.

The final result suggests that:

< ZIGM >� 0:027Zˇ (8.17)

for a Salpeter IMF. By adopting a Scalo (1986) or Kroupa et al. (1993) IMF, the
mean metallicities of galaxies and IGM would be slightly lower. These results
clearly indicate that the large majority of metals (with the exception of Fe) in the
Universe is contained inside galaxies, especially ellipticals and spirals, whereas, as
we will see next, the majority of baryons is found outside galaxies in the form of
gas. Finally, one can compute the mass-weighted mean of < ZG > and < ZIGM >

and obtain the present time cosmic mean metallicity, namely, the mean metallicity
of the entire Universe:

< ZC >� 0:127Zˇ: (8.18)

At this point, we can compute the total amount of baryons in the local Universe.
This quantity has been measured by various authors; Fukugita et al. (1998) summed
all the following comoving densities, relative to the critical density of the Universe,
measured at redshift z D 0:

• Stars in spheroids
• Stars in disks
• Stars in irregulars
• Neutral atomic gas
• Plasma in clusters
• Warm plasma in groups
• Cool plasma
• Plasma in groups

The resulting sum of all of these baryonic densities has been found to lie in the
range 0:007<˝B<0:041, with a best guess of ˝B � 0:021 (at Hubble constant
70 km s�1 Mpc�1), a value in agreement with the predictions from Big Bang
nucleosynthesis (˝BBigBangh

2 D 0:0212 ˙ 0:0010, Steigman (2010)) and with the
˝B obtained by WMAP (Wilkinson Microwave Anysotropy Probe): ˝BWMAPh

2 D
0:02273˙ 0:00062 (Dunkley et al. 2009). From the numbers of Fukugita et al., it
turns out that most of the baryons today are still in the form of gas (˝Bgas � 0:016,
for h D 0:70) and in particular of ionized gas, thus suggesting that the processes of
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galaxy and star formation are indeed very inefficient. Calura and Matteucci (2004)
derived, from the models presented in Figs. 8.2 and 8.3, a baryonic density of the
Universe of ˝B � 0:0173 in good agreement with Fukugita et al. and also with
other estimates.

8.3 Cosmic Star Formation and GRB Rate

The first plot of the comoving density of the SFR appeared in Madau et al. (1998)
which was indeed called the Madau plot. The original Madau plot is shown in
Figs. 8.4 and 8.5.

Since the Madau plot, many CSFRs have been derived as functions of redshift
both observationally (see Chap. 2 and Fig. 2.3) and theoretically. The data now
extends up to redshift z � 8, although at very high redshift the uncertainty is
still quite large. It is worth stressing that the very high redshift CSFR is potentially
quite important to discriminate among different galaxy formation models: in fact, a
CSFR high at very high redshift would favor the assumption that ellipticals formed
fast and at high redshift, whereas a low CSFR would favor the hierarchical galaxy
assembly. In Fig. 8.6 are shown more recent data than those in the Madau plot
compared with models for the CSFR. By means of the CSFR one can also compute
the cosmic rates of SNe of all types, as shown in Figs. 8.7 (Type Ia), Fig. 8.8 (Type II
or more in general core-collapse SNe), and Fig. 8.9 (Type Ib/c). The SN Ia rate is

Fig. 8.4 Evolution of the luminosity density predicted at rest-frame wavelengths of 0.15 (dotted
line), 0.28 (solid line), 0.44 (shortdashed line), 1.0 (long-dashed line) 
m. For references to the
data points see Madau et al. (1998). The inset in the upper right corner of the plot shows the SFR
density (Mˇ yr�1 Mpc�3) vs. redshift adopted in the population synthesis code used to predict
the luminosity density. The model assumes a Salpeter IMF, SMC-type dust in a foreground scheme,
and a universal E(B-V) = 0.1. Figure from Madau et al. (1998); reproduced by kind permission of
P. Madau
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Fig. 8.5 Same as Fig. 8.4 except for the inset showing a different history of CSFR slightly
increasing at high redshift and mimicking a monolithic scenario for galaxy formation and a dust
opacity increasing with redshift. Figure from Madau et al. (1998); reproduced by kind permission
of P. Madau

Fig. 8.6 The data are the CSFR as compiled by Hopkins (2004) and Hopkins and Beacom (2006).
The models are from Chary and Elbaz (2001) extrapolated up to z > 4:5 and from Cole et al. (2001)
who provides the best fit to observational data . The figure is from Blanc and Greggio (2008)
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Fig. 8.7 Predicted cosmic SN Ia rates adopting the CSFR by Cole et al. (2001) and various
assumptions about the DTD: the short-dashed line refers to the bimodal DTD suggested by
Mannucci et al. (2006); the solid line refers to the DTD of the SD model; the dashed and dotted
lines refer to the DTDs of the DD model for wide and close binary systems, respectively. Figure
from Valiante et al. (2009) where references to the data can be found

predicted for different assumptions relative to the SN Ia progenitors parametrized
through different delay-time distributions (DTD, see Chap. 4). As one can see from
Fig. 8.7, it is difficult to distinguish from this diagram the various DTDs, although
one can perhaps exclude the DTD relative to the case of close binary systems in the
framework of the double degenerate model progenitors, relative to the other models
(see also Chap. 4); the data relative to SNe Ia do not go beyond redshift z D 2,
but the figure extends up to z D 6 to show the high redshift predictions. The core-
collapse SN rate, shown in Fig. 8.8, refers to stars with M > 8Mˇ; the predictions
are relative to different assumed CSFRs while the data are still few and extend only
up to z � 0:7. The SN Ib/c rate (Fig. 8.9) is computed by assuming that these
SNe originate both from single Wolf–Rayet stars (M > 25Mˇ) and from massive
close binary systems with masses in the range 12 < M=Mˇ < 20; these SNe are
particularly interesting since they are possibly the progenitors of long GRBs.

In Fig. 8.9, the cosmic GRB rate, as derived by Swift data, is also shown: at
a first sight, this comparison seems to suggest that the cosmic rate of Type Ib/c
SNe well traces the cosmic GRB rate and that only a very small fraction of SNe
Ib/c can produce GRBs (although the sample of GRBs might be not complete).
This result is expected since not all SNe Ib/c would give rise to GRBs. The cosmic
GRB rate is very important because it can provide information on the star formation
at high redshift and, as a consequence, it can help in imposing constraints on the
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Fig. 8.8 Cosmic rate of core-collapse SNe. Data are from Cappellaro et al. (1999) at z D 0 and
from Botticella et al. (2008) at z D 0:30 and Dahlen et al. (2004) at z D 0:30 and z D 0:7. The
dotted line refers to the SN rate obtained by means of the CSFR of Cole et al. (2001), whereas the
continuous line refers to the proposed CSFR by Chary and Elbaz (2001). The figure is from Blanc
and Greggio (2008)

mechanisms of galaxy formation. However, while on one hand the cosmic GRB
rate is connected to core-collapse SNe and those, in turn, are connected to the
SFR, on the other hand, the cosmic GRB rate depends also on the evolution of the
luminosity function of GRBs. Therefore, the cosmic GRB rate traces the SFR only
if the luminosity function of GRBs is constant in time. There is the same degeneracy
as in the CSFR.

The cosmic GRB rate shown in Fig. 8.9 has been derived by directly inverting the
redshift-luminosity distribution of observed long Swift GRBs. The best fitting rate to

the data of Fig. 8.9 is described by a broken power law which rises like .1C z/2:1
C0:5
�0:6

for 0 < z < 3 and decreases like .1C z/�1:4
C2:4
�1:0 for z > 3. The estimated local GRB

rate in Fig. 8.9 is �GRBo D 1:3C0:6
�0:7 Gpc�3 yr�1; in any case, most of the estimates of

the local GRB rate are converging on the value � 1Gpc�3 yr�1.

8.4 The Evolution of the Fe Density in the Universe

As we have seen through the book, the most common belief is that Fe in galaxies
is mainly produced by SNe Ia with a smaller contribution from core-collapse SNe.
The exact percentages of the two contributions is not easy to quantify because it
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Fig. 8.9 Predicted SN Ib/c cosmic rate obtained by adopting the CSFR of Cole et al. (2001) and
observed GRB rate. The data are from Swift (Wanderman and Piran 2010). Both rates are expressed
in number of events yr�1 Gpc�3

depends on the assumed IMF. For a Salpeter-like IMF the contribution of Type Ia
SNe is �70%, whereas the contribution of core-collapse SNe is �30%.

The X-ray emission from galaxy clusters is generally interpreted as thermal
bremsstrahlung in a hot gas (107–108 K). There are several emission lines (O, Mg,
Si, and S) including the strong Fe K-line at around 7 keV which was discovered
by Mitchell et al. (1976). The iron is the best studied element in clusters. For kT �
3 keV the intracluster medium Fe abundance is constant and � 0:3 Feˇ in the central
cluster regions; the existence of metallicity gradients seems evident only in some
clusters.

As we have already seen in Chap. 6, the major producers of Fe in clusters are
elliptical galaxies, as witnessed by the clear correlation found between the Fe mass
in clusters and their total luminosities. No such correlation was found for spirals in
clusters. The ellipticals stop forming stars quite early in their evolution and soon
or later eject all of their gas, continuously enriched in Fe by Type Ia SNe, into the
ICM. This can happen either because of galactic winds triggered by supernovae or
AGNs or both, or because of ram pressure stripping. Theoretical models for the
chemical enrichment of the ICM have shown that it is possible to reproduce the
average Fe abundance by taking into account the Fe produced in ellipticals but only
if the majority of the ICM has a primordial origin, in other words it has never been
processed into stars (Matteucci and Vettolani 1988).
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On the other hand, metal abundances in the IGM have been measured from
quasar absorption lines; the abundances are generally determined for C, O, and Si
and suggest metallicities between 10�2:5 and 0:1 solar at high redshift, while in the
local Universe, the available data indicate an average IGM metallicity of the order of
� 0:1 solar. The metals in the IGM should be also provided mainly from spheroids
which are much less than in clusters and, therefore, we should expect a lower Fe
abundance in the IGM (< FeIGM >� 0:1Feˇ, Calura and Matteucci (2004)) than in
the ICM.

In Fig. 8.10 is shown a compilation of predictions concerning the evolution of
the total Fe density produced in the Universe as a function of redshift. These
predictions are obtained by adopting either a specific CSFR plus nucleosynthesis
prescriptions for Fe production as described above (�70% from SNe Ia and �30%
from SNe II) or by means of detailed models of chemical evolution of galaxies of
different morphological types. It is worth noting that in all the presented cases the
total expected Fe comoving densities at z D 0 are in agreement, converging on a
value �Fe D .8:5˙ 0:9/ � 105 Mˇ Mpc�3, while the predicted total metal comoving
density should be �Z � 9:37 � 106 Mˇ Mpc�3 (Calura and Matteucci 2004).

Fig. 8.10 Predicted evolution of the total Fe density in the Universe. In particular, it takes into
account the density of Fe released by both Type Ia and core-collapse SNe (Type II and Ib/c) for
different CSFRs as a function of redshift black lines. The epoch of the first star explosions is set
to z D 20. The right axis shows the corresponding Fe abundance by mass relative to the Sun.
The blue lines (dot, dashed, and continuous) represent the models of Calura and Matteucci (2004)
for iron production from different galaxy types as indicated in the figure. Figure from Blanc and
Greggio (2008)
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8.5 Final Comments on Cosmic Chemical Evolution

Cosmic chemical evolution allows us to study the entire Universe and to derive
the mean cosmic metallicity of galaxies and the diffuse medium (IGM and ICM),
which are, respectively, < ZG >� 1:3Zˇ and < ZIGM >� 0:027Zˇ. This clearly
suggests that most of metals are trapped into galaxies and this is expected because
metals are synthesized inside stars and stars are mainly in galaxies. There is an
exception and this is Fe, which is found in large amounts in the ICM due to the
gas lost from ellipticals. On the other hand, most of the baryons are in the diffuse
gas, thus suggesting a quite inefficient process of galaxy and star formation. The
study of the CSFR has opened new ways of understanding galaxy formation and
evolution: in fact, the star formation history is one of the main drivers of galaxy
evolution and it allows us to interpret the Hubble sequence and the majority of
galaxy properties. By knowing the SFR of galaxies at early times, we will better
understand the mechanisms of galaxy formation. GRBs occur at very high redshift
and they are probably due to the explosion of very massive stars, which are related to
the cosmic star formation rate: a comparison between models predicting the SN rate
and the observed GRB cosmic rate can help in imposing constraints on the galaxy
formation process.



Acronyms

• AGB (Asymptotic giant branch)
• AGN (Active galactic nucleus)
• APOGEE (Apache point observatory Galactic Evolution Experiment)
• BCG (Blue compact galaxy)
• BIMA SONG (Berkeley–Illinois–Maryland Association Survey of Nearby

Galaxies)
• BH (Black hole)
• CDM (Cold dark matter)
• CEMP (Carbon-enhanced metal poor stars)
• CHVC (Compact high velocity cloud)
• COMBO (Classifying objects by medium band observations)
• CSFR (Cosmic star formation rate)
• DD (Double degenerate)
• DIG (Dwarf irregular galaxies)
• DLA (Damped-Lyman Alpha)
• dSph (Dwarf spheroidal)
• DTD (Delay-time distribution)
• FIR (Far infrared radiation)
• FP (Fundamental plane)
• FUSE (Far ultraviolet spectroscopic explorer)
• GALEX (Galaxy evolution explorer)
• Gaia (Global astrometric interferometer for astrophysics)
• GRB (Gamma-ray burst)
• HERMES (High efficiency and resolution multi-element spectrograph)
• HMXB (High mass X-ray binaries)
• HST (Hubble space telescope)
• HVC (High velocity cloud)
• ICM (Intracluster medium)
• IGIMF (Initial galaxial IMF)
• IGM (Intergalactic medium)
• IMF (Initial mass function)

F. Matteucci, Chemical Evolution of Galaxies, Astronomy and Astrophysics Library,
DOI 10.1007/978-3-642-22491-1, © Springer-Verlag Berlin Heidelberg 2012

209



210 Acronyms

• IMLR (Iron mass to light ratio)
• IRA (Instantaneous recycling approximation)
• IRAS (Infra red astronomical satellite)
• ISM (Interstellar medium)
• ISO (Infrared space observatory)
• IVC (Intermediate velocity cloud)
• LAE (Lyman ˛ Emitters)
• �CDM (cold dark matter cosmology)
• LAMOST (Large sky area multi-object fibre spectroscopic telescope)
• LMC (Large magellanic cloud)
• LMXB (Low mass X-ray binaries)
• LSR (Local standard of rest)
• LTE (Local thermodynamic equilibrium)
• MS (Main sequence)
• MSTO (Main sequence turn-off)
• NLTE (Nonlocal thermodynamic equilibrium)
• NRAO (National radio astronomy observatory)
• NS (Neutron star)
• PDMF (Present day mass function)
• PN (Planetary nebula)
• QSO (Quasi stellar object)
• RAVE (Radial velocity experiment)
• SCUBA (Submillimeter common-user bolometric array)
• SD (Single degenerate)
• SDSS (Sloan digital sky survey)
• SED (Spectral energy distribution)
• SEGUE-2 (Sloan extension for galactic understanding and exploration)
• SFR (Star formation rate)
• SMC (Small magellanic cloud)
• SN (Supernova)
• SSP (Simple stellar population)
• THINGS (The HI nearby galaxy survey)
• UIMF (Universal IMF)
• UV (Ultra violet)
• UVES (Ultra violet and visual eschelle spectrograph)
• VHVC (Very high velocity cloud)
• VLA (Very large array)
• VLT (Very large telescope)
• WD (White dwarf)
• WMAP (Wilkinson microwave anisotropy probe)
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